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A step back: binary formation

Phase I:
DF (gas/stars/DM)

Phase II:
three-body encounters
gas-driven evolution

…

Phase III:
GW-driven inspiral

(Begelman, Blandford & Rees 1980)
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A step back: how efficiently binaries form?
Clump scattering

(Roskar et al. 2015)
(Tamburello et al. 2016)

During the late stages of a galaxy merger, tidal shocks inject energy in the nuclei, causing one or 
both nuclei to be disrupted and leaving their BH ‘naked’, without any bound gas or stars.



Resolution

 
(from 20pc to 1pc)

A step back: how efficiently binaries form?
Nuclear coups

(Capelo et al. 2015)

If star formation grows a denser nuclear cusp in the smaller galaxy, the nucleus that is ultimately 
disrupted is that of the larger galaxy (‘nuclear coup’; van Wassenhove et al. 2014).

(Pfister, Lupi et al. 2017)



Bar-induced torques

A step back: how efficiently binaries form?

A significant fraction of observed galaxies appears to host a central bar. Due to their nature, these non-
axisymmetric features can significantly alter the dynamics of decaying MBHs via torques.

(Bortolas, Bonetti, Dotti, 
Lupi et al. 2022; see also 

Bortolas et al. 2020)

Typical LISA BHs are likely to be 
more affected by bar structures, 
especially in the case of minor 

mergers, resulting in potentially 
delayed or completely hindered 

binary formation



Drag toward circularisation

The initial binary eccentricity

Unlike in elliptical galaxies, dynamical friction in rotating discs significantly affects the initial 
eccentricity of BH binaries

Dotti et al. (2006) studied binary 
formation in smooth gaseous circum-

nuclear discs

Bonetti, Bortolas, Lupi et al. (2020) 
explored the evolution on galactic 

scales

co-rotating

counter-rotating

MBHBs forming in disc galaxies 
are likely to have low eccentricity 

at formation



Binary formation in circum nuclear discs

(Fiacconi et al. 2013)
SPH simulations:

0.5 pc resolution
No SF/SN feedback

No cooling during the run

The role of long-lived clumps

Lupi et al. (2015a,b): AMR simulations of 
two equal mass discs initially on 

eccentric orbits. 
Impact of SN feedback: the survival of 

massive and dense clumps significantly 
alters the pairing time-scale

Similar results found by del Valle et al. 
(2015), using different SF models



(Souza-Lima et al. 2017)
SPH simulations:

0.5 pc resolution
Cooling/SF/SN feedback

+ BH accretion and feedback

Binary formation in circum nuclear discs
What about BH accretion and feedback?



(Bollati, Lupi et al. in preparation)

GIZMO MFM simulations:

0.1 pc resolution
spin-dependent BH accretion and feedback

Binary formation in circum nuclear discs
What about BH accretion and feedback?

q=1/2 e=0
q=1/2 e=0.5

q=1/4 e=0



Binaries in gaseous circumbinary discs
Cavity opening: torques vs feedback

del Valle & Volonteri (2018) explore binary evolution in self-gravitating circumbinary discs in which 
AGN feedback affects the disc itself

No feedback: no-cavity vs cavity 
runs with different binary 

separations

del Valle & Escala (2014)



Binary shrinking vs expansion
Is there a maximum H/R above which binaries expand?

Several works have recently pointed out that thick discs result in binary expansion, thus significantly 
affecting the number of source potentially detectable by LISA

Fixed binary orbit - grid or moving mesh 
simulations

2D: Munoz et al. (2019, 2020), Duffell et 
al. (2020) 

3D: Moody et al. (2019)

• Tiede et al. (2020): critical H/R~0.04

• Heath & Nixon (2020), using 3D 
SPH simulations with a live binary, 
found a critical H/R~0.2

Franchini, Lupi and Sesana (2022), using adaptive 
particle splitting, have resolved in 3D the dynamics 
inside the cavity with a resolution comparable to 2D 

simulations: expansion occurs in a very specific regime



Binary shrinking vs expansion
How does the picture change when self-gravity is included?

Roedig et al. (2012) and more recently Franchini et al. (2021) explored the impact of self-gravity on the 
evolution of binaries

Beta cooling in the disc 
reduces H/R to ~0.05, always 
resulting in binary shrinking

For more massive discs, H/R can 
remain closer to 0.1, but  and  
are higher, and the shrinking is 

faster

·M ·e



While gas-driven processes are extremely important in the case the loss-cone is emptied (last-parsec problem), most up-
to-date studies have shown that realistic merger remnants are triaxial, which means that the loss-cone is continuously 

refilled, driving binaries to shrink via 3-body interactions.

Bortolas et al. (2021) investigated the relative importance of gas-driven and stellar-driven binary evolution

Gas vs stars: who wins?

Sesana & Khan (2015) Peters (1964) Muñoz et al. (2020)

for q>~0.1
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Figure 3. Snapshots of surface density Σ during quasi-steady state after t ≈ 460tbin ≈ 1.5tvis. Surface density is normalized by the maximum value at t = 0 and
plotted on a logarithmic scale. For each snapshot, we plot both the inner ±6a (top panel in each pair), and the inner ±1.5a (bottom panel in each pair). Mass ratios
are, from left to right and top to bottom, q = 0.026, 0.053, 0.11, 0.25, 0.43, 0.67, 0.82, and 1.0. Orbital motion is in the counterclockwise direction. Green arrows
represent fluid velocity.
(A color version of this figure is available in the online journal.)

at the radius of the cavity wall at r/a ∼ 2

tvis(r) ∼ 2
3

[

α

(
h

r

)2

Ω(r)

]−1

∼ 300
( r

2a

)3/2
tbin. (26)

In each of our simulations, we evolve for ∼1.5tvis(2a). We
find that this is sufficient in order to reach a quasi-steady
state in the inner region of the disk, as reflected in relatively
steady density profiles that we achieve after t ! tvis. The mass
ratios and time averaged accretion rates for each simulation
are summarized in Table 1. Time averaged accretion rates are
normalized by the time averaged accretion rate onto a single
BH, Ṁ0. We note that although the normalized accretion rate
tends toward unity for small q as expected, it remains greater
than unity for all cases considered. We caution that while these
accretion rates remain steady over hundreds of orbits, we expect
them to slowly relax to unity over much longer timescales as
the outer regions of the disk relax to their quasi-equilibrium
state. Thus, Table 1 should not be interpreted as evidence for
binaries causing an enhancement in accretion. Rather, it should
be interpreted as evidence that binaries are unable to fully clear a
cavity and significantly suppress accretion, contrary to previous

Table 1
Summary of Mass Ratios and Average Accretion Rates

Mass Ratio q 〈Ṁ〉/〈Ṁ0〉
0.026 1.06
0.053 1.56
0.11 1.76
0.25 1.68
0.43 1.62
0.67 1.60
0.82 1.58
1.0 1.55

arguments (Milosavljević & Phinney 2005). We note that such
arguments may underestimate the role that non-axisymmetric
accretion streams play in allowing gas to penetrate into the
cavity. Furthermore, binary torques may be responsible for
moving gas near the inner disk edge onto more eccentric orbits,
causing them to be captured by one of the BHs, thus increasing
the accretion rate relative to that of a single BH.

Snapshots from each simulation are shown in Figure 3. In
each case, a low density cavity is maintained surrounding the
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Fig. 9.— Fourier decomposed power spectrum of the

accretion through the inner boundary of a q = 1 binary

(top panel) and a q = 0.1 binary (bottom panel).

stand this result. The first point to raise is that
it is unlikely ✏ > 1 can persist for a long period
of time. If it were to do so, the inner region of
the circumbinary disk (r & 2a) would be drained
of mass, inevitably leading to a reduction in the
accretion rate onto the binary. Thus, the better
way to think about the values of ✏ seen in our sim-
ulations, a few tens of percent greater than unity,
is that the spiral waves excited in a circumbinary
disk by the members of the binary create a su�-
cient enhancement of the Reynolds stress to raise
the accretion rate per unit mass in the inner disk
by a few tens of percent. By this means, an ac-
cretion rate equal to that injected at large radius
can be sustained by a surface density somewhat
smaller than required when the potential is due to
a point-mass. Over longer times than we can fol-
low with this kind of simulation, we expect that
the surface density in the inner disk will decline
to this level, leaving the disk in true inflow equi-
librium.

With that clarification, it is time to consider
the question of why 2D and 3D simulations consis-
tently see substantial accretion from circumbinary
disks onto the central binary despite the contrary
prediction made by 1D studies. One clue to the

answer comes from the structure of the accretion
flow through the cavity: narrow streams.

4.1. Stream Structure

Fig. 10.— Left column: Time averaged midplane

density (top), midplane (middle) and inner bound-

ary (bottom) accretion rate ⇢vrr
2
sin ✓, both for the

q = 0.1 binary over the last 50⌦
�1
bin of the simulation.

All figures in a frame comoving with the binary. Right

column: same as left, but for q = 1 binary. Here neg-

ative means inflow. The plus symbols in the midplane

plots mark the L2 and L3 points. Summed separately,

regions of inward and outward mass flux have compa-

rable magnitude; their net, although smaller in mag-

nitude, is consistently inward.

In the body of an accretion disk, the inflow
speed is generically much slower than the orbital
speed, ⇠ ↵(H/r)2vorb, where ↵ is the usual ratio of
vertically-integrated stress to vertically-integrated
pressure, and H is the local scale height. On
the other hand, this flow, although only ⇠ H

thick in the vertical direction, takes place, on av-
erage, around the entire circumference of the disk,
through an area 2⇡r wide.

By contrast, the flow across the cavity (see
Fig 10) is restricted to very narrow streams. Along
the central density maximum of the streams, they
are typically ⇠ 2–3H wide if measured sideways
from the maximum to where the density drops by
90%. Moreover, the density in the streams as they
approach the inner boundary is⇠ 3–10 times lower
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sion of the metric that can be calculated e�ciently by
Pandurata as a post-processor of the MHD data. As
described in [95], the binary four-metric can be instan-
taneously described by a three-metric �ij , lapse ↵, and
shift �i, according to:

gµ⌫ =

 
�↵2 + �

2
�j

�i �ij

!
. (22)

Following [96], we use ↵ = 2/(1 +  
4), �j = 0, and �ij =

�ij 
4. The conformal factor  is given by

 = 1 +
m1

2r1
+

m2

2r2
, (23)

with r1 and r2 being the simple Cartesian distances be-
tween the spatial coordinate and the primary/secondary
masses. For the Christo↵el-symbol components �⇢

µ⌫ we
take the spatial and temporal metric derivatives analyt-
ically based on the puncture trajectories calculated by
the apparent horizon finder used in our GRMHD simu-
lations. One advantage of using this simplified metric is
that we can easily calculate the photon trajectories “on
the fly” and thus do not need to rely on the fast light
approximation used by many ray-tracing codes.
Even though Pandurata uses a slightly di↵erent met-

ric than that of the GRMHD simulations, the quali-
tative properties of the spacetime are expected to be
very similar. We can avoid some potential numerical
problems by normalizing the IllinoisGRMHD fluid 4-
velocity everywhere by using the coordinate 3-velocity
from IllinoisGRMHD and then using the analytic metric
to solve for ut via gµ⌫u

µ
u
⌫ = �1.

Given the fluid velocity at each point and for each data
snapshot, a local tetrad can be constructed as in [56],
from which photon packets are launched and then propa-
gated forward in time until they reach a distant observer
or are captured by one of the black holes. Those that
reach the observer are combined to make images, light
curves, and potentially spectra. We ignore scattering or
absorption in the gas, so that all photon packets travel
along geodesic paths.
One of the challenges with this approach is the inherent

uncertainty of what emission mechanism is most appro-
priate, and even then, the electron temperature Te is not
known explicitly from the simulations, so it can only be
approximated with an educated guess. For this paper, we
focused on a single simplified emission model of thermal
synchrotron, where the emissivity is isotropic in the local
fluid frame with bolometric power density given by

Psyn =
4

9
nr

2

0
c�

2
�
2
B

2
, (24)

with r0 the classical electron radius, n the electron num-
ber density, � ⌘ v/c, and �2

�
2 ⇡ Te/me (see, e.g. Chap.

6 of [97]). We use the magnetic field strength and fluid
density specified by IllinoisGRMHD, along with the code-
to-cgs conversion described above. We estimate the elec-
tron temperature from the simulation pressure, assuming

FIG. 17. Snapshots from Pandurata post-processing of the
simulation data at a separation of 10M (about 1000M be-
fore merger), viewed by an observer edge-on to the orbital
plane. Top panel: thermal synchrotron emission; middle
panel: magnetic contribution only (/ B2); bottom panel:
gas contribution only (/ ⇢T ).

a radiation-dominated fluid with p = aT
4

e , reasonable for
the � = 4/3 polytrope used here. Thus the synchrotron
power scales as

Psyn / B
2
⇢
4/3 / ⇢

7/3
0

, (25)

since B
2 ⇠ ⇢.

In the top panel of Fig. 17 we show the observed syn-
chrotron intensity on a log scale for a single snapshot of
IllinoisGRMHD data when the binary separation is 10M .
The observer is located edge-on to the orbital plane and
the black hole on the left is moving towards the observer,
resulting in a special relativistic boost.
In an attempt to understand the features seen in

Fig. 17, we repeat the Pandurata calculations with two
other emissivity models, in one case focusing just on the

e.g., Sayeb, Blecha, Kelley, 
Gerosa, Kesden, and 
Thomas, MNRAS (2020)

Kelly++2017, 
Farris++2012, Gold++2014ab, 
Kahn++2018, Paschalidis++2021, 
Cattorini++2021,2022 
Review: Gold, Galax, 7, 63, (2019)

Pros Cons
Event horizons are physical inner boundary conditions,  
and can launch jets naturally!

Sometimes the binary region still needs to be excised to 
afford longer evolutions of the CBD.

Internal magnetic stress is a physically motivated agent 
for angular momentum transport. 

Magnetic fields introduce other issues: monopoles, 
possible dependencies on initial distribution/topology. 

3-d accommodates more realistic thermo., radiation 
physics/predictions, orientation effects, etc.

More expensive, cannot cover parameter space as 
inexpensively, temporal/spatial dynamic range limitations.

Can explore inspiral/decoupling regime using inspiral rate 
appropriate to physical scale of the gravitational system. Needs further exploration, TBD.

Advantages/Disadvantages 
of Rel. MHD regime:

GIGO:  
“Garbage In —> Garbage Out”



Periodic Signal

!peak = 2 (⌦bin � ⌦lump)

⌦K(rlump)
rlump ' 2.5a

1.47⌦bin

Surface 
Density

Non-trivial EM Periodicity from the Lump:
Noble, Mundim, Nakano, Krolik, Campanelli, Zlochower, and Yunes, ApJ, 755, 51, (2012).

(in frame co-rotating with lump)



Variability

integrated over radius(r ,  )  space!

FFT close-up

⌦K(rlump)
rlump ' 2.5a

1.47⌦bin

rpeak ' 2.3a
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Decoupling

• Decoupling at t=40,000M.  

• Post-decoupling luminosity tracks 
fixed separation continuation 
closely.  

• Departures only at later time.  

• Still need to experiment with large 
separations so we can track the 
inspiral longer.

Noble, Mundim, Nakano, Krolik, Campanelli, Zlochower, and Yunes, ApJ, 755, 51, (2012).The Astrophysical Journal, 755:51 (24pp), 2012 August 10 Noble et al.

Figure 15. Luminosity as a function of time. Gray: RunIn. Black: RunSE. We
note that the vertical axis’ range does not include zero in order to accentuate the
curves’ fluctuations.

As Figure 7 shows, the mean accretion rate in code units at
r = 2a in RunSE was !0.01, while Ṁ at larger radii is typically
similar or perhaps a factor of two greater. Thus, this prediction of
the luminosity profile on the basis of the time-averaged accretion
rate and expectations derived from time-steady accretion onto
a solitary mass quite accurately matches the actual luminosity
profile seen in the simulation.

Integrated over radius, the total luminosity reaches a peak
L̂ ! 5.5 × 10−3 at t ! 33,000 M (Figure 15), where L̂ is the
integrated luminosity in units of GMΣ0c. After reaching this
peak, L̂ falls slowly, reaching !3 × 10−3 at t ! 76,000 M in
RunSE; averaged over the entire secularly evolving period in
this simulation, it is 3.8 × 10−3.

The light output from RunIn remains very close to that
in RunSE until the binary orbital evolution becomes rapid at
t ! 50,000 M . After that time, it falls more sharply, so that by
the time at which RunIn stops, L̂ ! 2.7×10−3; this is, however,
still two-thirds the luminosity in RunSE at the same time. As the
binary shrinks, the radial distribution of the luminosity changes
in parallel, with the peak in surface brightness moving inward.
We attribute the gradual decline in luminosity to the gradual
decline in accretion rate. The sharp drop in the final stages of
binary orbital shrinkage is due to the interaction of a boundary
effect with genuine dynamics. As shown by Shi et al. (2012),
gas streams flow inward from the inner edge of a secularly
evolving circumbinary disk to radii !1.2a, where they can be
strongly torqued and some of their material flung back outward
toward the disk. The outward-moving matter shocks against the
disk proper at a radius near that of the surface density peak,
and the heat dissipated in these shocks contributes significantly
to the luminosity. When the binary shrinks, this mechanism is
weakened for two reasons. The inner boundary of our simulation
(r = 0.8a0) eventually becomes larger than 1.2a(t); when it
does, matter is no longer thrown outward by binary torques. At
the same time, however, it is possible that the retreat of the disk’s
inner edge when measured in terms of a(t) might also lead to
weaker inward streams.

The fact that the energy deposited by binary torques is
ultimately radiated in the disk proper leads to a method of
estimating the relative contributions to the total luminosity

coming from accretion and binary torques. For that reason,
and also because the accretion rate diminishes as the region
of the surface density peak is approached from larger radius,
it is a reasonable approximation to suppose that most of the
luminosity from the region of the surface density peak inward
has its source in the binary torques. We can therefore estimate the
work done by the torques by bounding it between L(r < 2a0)
and L(r < 3a0). On this basis, accretion would account for
!1/2–3/4 of the total (i.e., L̂ ! 1.8–2.9×10−3) and the binary
torque for !1/4–1/2 (L̂ ! 0.9–2 × 10−3).

The rest-mass efficiency of this luminosity is comparable to
the rest-mass efficiency due to accretion that goes all the way
to the black hole. Measured in terms of the time-dependent
luminosity relative to the time-averaged accretion rate through
the inner boundary, the efficiency in RunSE falls from a peak
!0.06 achieved for 20,000 M ! t ! 45,000 M to !0.03 at
the end of this simulation. There are several reasons that this
efficiency is so great even though the potential at r = 50 M is an
order of magnitude shallower than the potential at the innermost
stable circular orbit (the “ISCO”). One is that the accretion rate
in the circumbinary disk is roughly twice the accretion rate
through the inner boundary, so the local accretion dissipation in
the disk is boosted by that same factor of two relative to the rate
at which mass passes the inner boundary. Another is that in a
conventional disk around a single black hole the dissipation rate
in the region just outside the ISCO is depressed relative to larger
radii because some of the potential energy released is transported
outward by the inter-ring stresses. In the Novikov–Thorne model
(in which the stresses are assumed to vanish at the ISCO), almost
40% of the total luminosity is released outside r = 40 M when
the black hole has no spin. This fraction is smaller when the
spin is greater, and may be further reduced to the degree that
the net angular momentum flux is smaller (Krolik et al. 2005).
Last, of course, additional energy is deposited in the disk by the
work done by the binary torques.

Translating the peak cooling rate into physical units gives

Ldisk ! 2.4 × 1040(L̂/10−3)M6τ0 erg s−1. (28)

Here, τ0 is the Thomson optical depth through a disk of surface
density Σ0, L̂ is the luminosity in code units, i.e., 3–5 × 10−3,
and M6 ≡ M/(106M%). In Eddington units, this becomes
Ldisk/LE ! 1.7×10−4(L̂/10−3)τ0. Thus, for such a system to be
readily observable at cosmological distances, it will be necessary
both for the disk to be optically thick to Thomson scattering and
for the mass of the binary to be relatively large. As a gauge of
what might reasonably be expected, we note that in a steady-state
accretion disk around a solitary black hole, the optical depth of
the disk at r/rg = 20 would be ∼2×103(α/0.1)−1(η/ṁ), where
η is the usual rest-mass efficiency and ṁ is the accretion rate in
Eddington units. With this disk surface density, the luminosity
would approach that of a typical AGN when M6 is at least ∼1.

If this light were radiated thermally, the corresponding
effective temperature would be

Teff ! 4 × 104(L̂/10−3)1/4M
−1/4
6 τ

1/4
0 K, (29)

where we have assumed that the radiating area is 2π (2a)2. Thus,
it would emerge primarily in the ultraviolet for fiducial values
of black hole mass and optical depth.

The luminosity (assumed to pass freely through the disk)
exhibits a noticeable modulation as a function of time, with
peak-to-trough contrast of !5%. Its Fourier power spectrum

15



Luminosity : time vs. radius



Luminosity : time vs. radius



Mass Ratio Survey : Circumbinary Disks Noble, Krolik, Campanelli, Zlochower, 
Mundim, Nakano, Zilhao (2021)
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• Simulations of only 
circumbinary disk region, 
starting from Noble++2012 
conditions, only changing q.  

• As mass-ratio diminishes, 
so does gravitational torque 
density of the binary, 
asymptoting to “single BH” 
disk;  

• Weaker torques also 
diminish strength of the 
lump feature.  

• Weaker torques (smaller 
mass ratio binaries) take 
longer to form lumps.  

• Duffel++2019, see transition 
in lump’s relevance at q~0.2  
for viscous Newtonian 
hydro. disks;  See also Shi & 
Krolik 2016, Munoz+2019, 
Moody+2019.Same times Last time of run

q=M2/M h"ps://arxiv.org/abs/2103.12100  



Mass Ratio Survey
Lump Formation Criterion:  
Ratio of m=1 to m=0 Amp.

• Lump is well-described by relatively stronger m=1 azimuthal mode amplitude.   
• A quantitative threshold is found for the m=1 relative amplitude above which the lump 

continues to at least persist or grow. 
• Threshold value is consistent across different mass ratios and initial disk configurations.  
• Provides a quantifiable means of recognizing the lump’s genesis and strength. 

q=0.1q=1 q=0.5 q=0.2

Noble, Krolik, Campanelli, Zlochower, Mundim, Nakano, Zilhao (2021)
h"ps://arxiv.org/abs/2103.12100  

Do viscous hydro simulations find similar mode strengths?



Magnetic Stress per Mass

q=0.1q=1 q=0.5 q=0.2

Noble, Krolik, Campanelli, Zlochower, Mundim, Nakano, Zilhao (2021)
h"ps://arxiv.org/abs/2103.12100  Mass Ratio Survey

12 Noble, et al. (2021)

Figure 9. Contributions to the time-average radial distribution of @r@tJ (black) in the mass ratio series. Shown are the

radial derivatives of the Maxwell stress in the Eulerian frame ({Mr
�}, red), the angular momentum flux due to shell-integrated

Reynolds stress in the Eulerian frame ({Rr
�}, green), and advected angular momentum ({Ar

�} , gold). Also shown are the

torque densities per unit radius due to the actual binary spacetime (dT/dr, blue) and radiation losses ({F�}, cyan). The net

rate of change of angular momentum @r@tJ (solid black). All quantities in the top (bottom) row plots are time-averaged over

40, 000 < t/M < 76, 000 (last 30, 000M of evolution per run). (Left-to-right) RunSE, Runq=1/2, Runq=1/5, Runq=1/10. Note

that @r {Mr
�}, @r {Rr

�} , @r {Ar
�}, and {F�} have all been multiplied by a factor of �1 to match the sign they have in Eq. (20)

so their curves add up to that of @r@tJ .

more rapidly than the others, but in this time-span is874

evolving rapidly at larger radii. At later times, all three875

new runs come much closer to equilibrium in their an-876

gular momentum evolution.877

To close this section on axisymmetric properties, we878

remark on how the non-axisymmetric lump can influence879

azimuthally-averaged properties such as the vertically-880

integrated magnetic stress and the MRI quality factors.881

The largest value of the former over the entire radial ex-882

tent of the circumbinary disk is found at the radial loca-883

tion of the lump, even though the minima for the latter884

are found at the (r,�) locations of the lump (see Ap-885

pendix B). To explain this diminution in MRI quality, we886

point out that the magnetic stresses of RunSE, Runmed,887

and Runlrg all agree at r = 5a, suggesting that the vari-888

ations between those runs neither strengthen nor weaken889

the field in the outer disk. Nonetheless, in Runmed and890

Runlrg, the stresses at r ' 2a, i.e., the lump region, are891

even larger than in RunSE. This fact suggests that most892

of the degradation in MRI quality in these runs must be893

due to increased density in the lump region.894

In order to explore how magnetic stress may influence895

lump dynamics and evolution, it is useful to define a896

measure of the magnitude of the magnetic stress per897

unit mass, which we will call W r
� following Balbus &898

Hawley (1998):899

W r
� =

{Mr
�}

{⇢}
. (24)900

This quantity for the mass ratio series and the magnetic901

flux series is shown in Figure 11 and Figure 12, respec-902

tively. In every run of the mass-ratio series, W r
� at radii903

r
⇠
> 2a drops abruptly by about a factor of 4 at a time904

⇡ 40, 000M . Particularly for low q, this drop begins at905

large radius and only then extends inward. The evolu-906

tion of W r
� in the magnetic flux series is very di↵erent907

because we deliberately manipulated the magnetic flux908

available.909

For those runs with a lump, we find that once the spe-910

cific magnetic stress drops to W r
� ⇠
< 10�4 the lump ap-911

pears when one uses the criteria described in Section 4.912

The significance of this value will be discussed in Sec-913

tion 5.1.914

4. NON-AXISYMMETRIC STRUCTURE915

4.1. Lump Amplitude916
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
2⌦bin:1400

tdiss =
2⇡

⌦diss
'

2

3
tbin . (39)1401

If one process occurs at a faster rate, it will eventually1402

win out. The ratio of the two time scales, Y , is therefore1403

useful:1404
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424

24 Noble, et al. (2021)

Figure 27. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runq=1/2, Runq=1/5,

Runq=1/10.

Run Name �Ṁ/Ṁ Ṁ [10�3] �L/L L[10�4]

RunSE 0.29 5.6 0.027 3.3

Runq=1/2 0.54 3.3 0.048 1.9

Runq=1/5 0.33 2.2 0.025 1.4

Runq=1/10 0.20 4.8 0.022 1.8

Runmed 0.30 11. 0.043 5.4

Runlrg 0.38 10. 0.033 5.1

Runinj 0.56 4.1 0.054 1.4

Table 3. Standard deviations �Ṁ (�L) of accretion rate (lu-

minosity) for each run, taken over the same period in which

the PSDs were calculated in Figures 25 - 26. Each stan-

dard deviation is normalized by the mean of the quantity in

question over this period. These averages are also displayed,

though in code units.

over magnetic field growth in the circumbinary disk? For1340

there to be a physical origin for the depletion of specific1341

magnetic field strength in the lump, we need to under-1342

stand how the magnetic field is preferentially destroyed1343

there. The mechanism also needs to depend on the mass1344

ratio since we find that a significant lump forms for only1345

su�ciently large q. The answer comes from animations1346

of magnetic field structure in the torqued streams strik-1347

ing the circumbinary disk, which show that the magnetic1348

field in these streams is directed opposite to the field1349

in the disk where the stream arrives. The collision of1350

oppositely-oriented magnetic field distribution with the1351

inner cavity wall material leads to large-scale reconnec-1352

tion and dissipation of the field into heat. This process1353

can therefore explain how the magnetic field in the lump1354

region decreases.1355

Local magnetic field may grow through local MHD in-1356

stabilities like the MRI and be replenished by field car-1357

ried into the region by inward fluid motion. Our interest1358

in exploring these processes was the reason for plotting1359

the magnetic stress per unit mass, W r
� in Figures 11 -1360

12. Lumps form only when W r
� falls below ' 10�4

1361

in the region near the circumbinary disk’s inner edge.1362

While this is just a correlation, it is one that works for1363

runs with di↵erent Tlump, suggesting it is not a simple1364

function of the mass ratio or initial conditions. In order1365

to explore why this value is important, let us compare1366

the time scales for magnetic field advection across the1367

lump, �tlump, and the time scale over which the mag-1368

netic field is dissipated, tdiss, by compression of expelled1369

streams with oppositely oriented magnetic field.1370

Assuming time steadiness of the accretion flow and1371

that Maxwell stress accounts for the majority of the total1372

stress, one can show that far from the edge of the disk:1373

W r
� ' r⌦K(r)hur

i⇢ , (35)1374

where ⌦K is the local Keplerian orbital rate, and hur
i⇢ is1375

the accretion inflow speed which can be used to estimate1376

the time scale for advection of plasma across the lump,1377
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
2⌦bin:1400

tdiss =
2⇡
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'
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tbin . (39)1401

If one process occurs at a faster rate, it will eventually1402

win out. The ratio of the two time scales, Y , is therefore1403

useful:1404
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
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If one process occurs at a faster rate, it will eventually1402

win out. The ratio of the two time scales, Y , is therefore1403
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424

• Lump formation observed to 
occur after specific magnetic 
stress asymptotes to certain 
value; 

• Trend observed across all runs, 
even those in which magnetic 
flux was injected to dissipate the 
lump;  

• Competition between: 
• Rate of dissipation of field from 

binary’s gravitational torque 
expelled stream into lump; 

•  Rate of magnetic field 
advected into the lump region; 

• Lump forms when:
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424

1. Replenished material torqued outward from 
accretion stream; 

2. Returning material leads to weaker shear 
stress:  

1.It is corotating with material there so 
differential rotational velocity diminishes,  
weakening hydro viscosity or MRI;  
2.MHD: magnetic field is dissipated there too,  
possibly resulting in even more significant 
lump formation.
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Figure 9. Contributions to the time-average radial distribution of @r@tJ (black) in the mass ratio series. Shown are the

radial derivatives of the Maxwell stress in the Eulerian frame ({Mr
�}, red), the angular momentum flux due to shell-integrated

Reynolds stress in the Eulerian frame ({Rr
�}, green), and advected angular momentum ({Ar

�} , gold). Also shown are the

torque densities per unit radius due to the actual binary spacetime (dT/dr, blue) and radiation losses ({F�}, cyan). The net

rate of change of angular momentum @r@tJ (solid black). All quantities in the top (bottom) row plots are time-averaged over

40, 000 < t/M < 76, 000 (last 30, 000M of evolution per run). (Left-to-right) RunSE, Runq=1/2, Runq=1/5, Runq=1/10. Note

that @r {Mr
�}, @r {Rr

�} , @r {Ar
�}, and {F�} have all been multiplied by a factor of �1 to match the sign they have in Eq. (20)

so their curves add up to that of @r@tJ .

more rapidly than the others, but in this time-span is874

evolving rapidly at larger radii. At later times, all three875

new runs come much closer to equilibrium in their an-876

gular momentum evolution.877

To close this section on axisymmetric properties, we878

remark on how the non-axisymmetric lump can influence879

azimuthally-averaged properties such as the vertically-880

integrated magnetic stress and the MRI quality factors.881

The largest value of the former over the entire radial ex-882

tent of the circumbinary disk is found at the radial loca-883

tion of the lump, even though the minima for the latter884

are found at the (r,�) locations of the lump (see Ap-885

pendix B). To explain this diminution in MRI quality, we886

point out that the magnetic stresses of RunSE, Runmed,887

and Runlrg all agree at r = 5a, suggesting that the vari-888

ations between those runs neither strengthen nor weaken889

the field in the outer disk. Nonetheless, in Runmed and890

Runlrg, the stresses at r ' 2a, i.e., the lump region, are891

even larger than in RunSE. This fact suggests that most892

of the degradation in MRI quality in these runs must be893

due to increased density in the lump region.894

In order to explore how magnetic stress may influence895

lump dynamics and evolution, it is useful to define a896

measure of the magnitude of the magnetic stress per897

unit mass, which we will call W r
� following Balbus &898

Hawley (1998):899

W r
� =

{Mr
�}

{⇢}
. (24)900

This quantity for the mass ratio series and the magnetic901

flux series is shown in Figure 11 and Figure 12, respec-902

tively. In every run of the mass-ratio series, W r
� at radii903

r
⇠
> 2a drops abruptly by about a factor of 4 at a time904

⇡ 40, 000M . Particularly for low q, this drop begins at905

large radius and only then extends inward. The evolu-906

tion of W r
� in the magnetic flux series is very di↵erent907

because we deliberately manipulated the magnetic flux908

available.909

For those runs with a lump, we find that once the spe-910

cific magnetic stress drops to W r
� ⇠
< 10�4 the lump ap-911

pears when one uses the criteria described in Section 4.912

The significance of this value will be discussed in Sec-913

tion 5.1.914

4. NON-AXISYMMETRIC STRUCTURE915

4.1. Lump Amplitude916

Mass-ratio and Magnetic Flux-Dependence of Circumbinary Disks 25

Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
2⌦bin:1400

tdiss =
2⇡

⌦diss
'
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3
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If one process occurs at a faster rate, it will eventually1402

win out. The ratio of the two time scales, Y , is therefore1403

useful:1404
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
2⌦bin:1400
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2⇡
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If one process occurs at a faster rate, it will eventually1402

win out. The ratio of the two time scales, Y , is therefore1403

useful:1404
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424

24 Noble, et al. (2021)

Figure 27. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runq=1/2, Runq=1/5,

Runq=1/10.

Run Name �Ṁ/Ṁ Ṁ [10�3] �L/L L[10�4]

RunSE 0.29 5.6 0.027 3.3

Runq=1/2 0.54 3.3 0.048 1.9

Runq=1/5 0.33 2.2 0.025 1.4

Runq=1/10 0.20 4.8 0.022 1.8

Runmed 0.30 11. 0.043 5.4

Runlrg 0.38 10. 0.033 5.1

Runinj 0.56 4.1 0.054 1.4

Table 3. Standard deviations �Ṁ (�L) of accretion rate (lu-

minosity) for each run, taken over the same period in which

the PSDs were calculated in Figures 25 - 26. Each stan-

dard deviation is normalized by the mean of the quantity in

question over this period. These averages are also displayed,

though in code units.

over magnetic field growth in the circumbinary disk? For1340

there to be a physical origin for the depletion of specific1341

magnetic field strength in the lump, we need to under-1342

stand how the magnetic field is preferentially destroyed1343

there. The mechanism also needs to depend on the mass1344

ratio since we find that a significant lump forms for only1345

su�ciently large q. The answer comes from animations1346

of magnetic field structure in the torqued streams strik-1347

ing the circumbinary disk, which show that the magnetic1348

field in these streams is directed opposite to the field1349

in the disk where the stream arrives. The collision of1350

oppositely-oriented magnetic field distribution with the1351

inner cavity wall material leads to large-scale reconnec-1352

tion and dissipation of the field into heat. This process1353

can therefore explain how the magnetic field in the lump1354

region decreases.1355

Local magnetic field may grow through local MHD in-1356

stabilities like the MRI and be replenished by field car-1357

ried into the region by inward fluid motion. Our interest1358

in exploring these processes was the reason for plotting1359

the magnetic stress per unit mass, W r
� in Figures 11 -1360

12. Lumps form only when W r
� falls below ' 10�4

1361

in the region near the circumbinary disk’s inner edge.1362

While this is just a correlation, it is one that works for1363

runs with di↵erent Tlump, suggesting it is not a simple1364

function of the mass ratio or initial conditions. In order1365

to explore why this value is important, let us compare1366

the time scales for magnetic field advection across the1367

lump, �tlump, and the time scale over which the mag-1368

netic field is dissipated, tdiss, by compression of expelled1369

streams with oppositely oriented magnetic field.1370

Assuming time steadiness of the accretion flow and1371

that Maxwell stress accounts for the majority of the total1372

stress, one can show that far from the edge of the disk:1373

W r
� ' r⌦K(r)hur

i⇢ , (35)1374

where ⌦K is the local Keplerian orbital rate, and hur
i⇢ is1375

the accretion inflow speed which can be used to estimate1376

the time scale for advection of plasma across the lump,1377
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
2⌦bin:1400

tdiss =
2⇡
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If one process occurs at a faster rate, it will eventually1402

win out. The ratio of the two time scales, Y , is therefore1403
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399

⌦diss = 2 (⌦bin � ⌦K(rlump)) '
3
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If one process occurs at a faster rate, it will eventually1402
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424

• Lump formation observed to 
occur after specific magnetic 
stress asymptotes to certain 
value; 

• Trend observed across all runs, 
even those in which magnetic 
flux was injected to dissipate the 
lump;  

• Competition between: 
• Rate of dissipation of field from 

binary’s gravitational torque 
expelled stream into lump; 

•  Rate of magnetic field 
advected into the lump region; 

• Lump forms when:
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Figure 28. Fourier power spectra of quantities related to the lump’s amplitude, motion, and position including only times

t > Tlump. For those runs with no observed lump, we use the simulation’s last 2.5⇥104M of time. Before performing the Fourier

power spectrum, the function is conditioned by subtracting a 5th-order polynomial fit and then applying a normalization factor

equal to the curve’s standard deviation. Vertical dotted lines in each plot lie, from left to right, at ! = !lump, ⌦bin, and

2 (⌦bin � !lump); for those runs without a lump, !lump of RunSE is used instead. (Left-to-right) RunSE, Runmed, Runlrg,

Runinj .
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where we have used the Newtonian rota-1384

tion rates, !lump = M�1 (rlump/M)�3/2 =1385

M�1 (rlump/a)
�3/2 (a/M)�3/2, and tbin =1386

2⇡M(a/M)3/2. The average radial extent of the growing1387

lump, �rlump, is often found to be a fixed fraction of the1388

binary separation, a. This fraction is generically small1389

because the m = 1 overdensity originates from an ex-1390

pelled accretion stream compressed by its shock against1391

the cavity wall. We estimate �rlump ⇠ 0.1a at the time1392

the lump begins to form, which has been observed in1393

a number of simulations MacFadyen & Milosavljević1394

(2008); Noble et al. (2012); Zilhão et al. (2015); Farris1395

et al. (2014); Miranda et al. (2017).1396

The dissipation time scale of magnetic field loss in the1397

lump is the period between successive BH-overdensity1398

interactions, which occur at twice the beat frequency1399
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If one process occurs at a faster rate, it will eventually1402

win out. The ratio of the two time scales, Y , is therefore1403

useful:1404
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We would expect a lump to develop once Y < 1,1408

and may not otherwise because the MRI operates on1409

a tlump � tbin time scale at the location of lump. For1410

our parameters, we find this ratio implies a lump will1411

grow. We found that the lump does not occur earlier1412

in the lump-forming evolutions because W r
� is an order1413

of magnitude larger, pushing Y > 1. When we inject1414

magnitude field in Runinj , W r
� grows by an order of1415

magnitude resulting in Y > 1 until the specific mag-1416

netic stress returns to the 10�4 level and the lump re-1417

turns. We also note that once the lump begins to form,1418

its radial extent grows, which makes it more di�cult to1419

rejuvenate its magnetic field through advective mixing1420

because Y / �r�1
lump.1421

Although this model does not explicitly depend on the1422

mass ratio, the qualitative picture does help us under-1423

stand why it is more di�cult for binaries with smaller1424

1. Replenished material torqued outward from 
accretion stream; 

2. Returning material leads to weaker shear 
stress:  

1.It is corotating with material there so 
differential rotational velocity diminishes,  
weakening hydro viscosity or MRI;  
2.MHD: magnetic field is dissipated there too,  
possibly resulting in even more significant 
lump formation.
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• Anti-parallel spins enhance: 
• Accretion rate; 
• Luminosity;  
• Surface density; 

• Enhancement due to deepening of effective 
potential as spins grow negative: 

• Frame dragging acts to lag (lead) accretion 
streams for anti-parallel (parallel) spins; 

Accretion 
Rate Luminosity

Parallel 
Spins 86% 88%

Non-
spinning 100% 100%

Anti-parallel 
Spins 145% 129%

14 Lopez Armengol, et al. (2021)

mentum at the inner-edge radius falls in so slowly that806

the binary torques raise its angular momentum and the807

gas is cast back out to the circumbinary disk. Only gas808

with angular momentum at least ' 15% less than that809

of a circular orbit can fall in quickly enough to avoid ac-810

quiring too much angular momentum. Such gas parcels811

must, in addition, begin their fall from a specific angle812

relative to the binary separation axis. The upper limit813

for the angular momentum J of the fluid to be accreted is814

well approximated by the condition �e↵(rin)  0, where815

�e↵ is the gravitational e↵ective potential of the binary,816

evaluated at the inner boundary of the domain. As de-817

rived in Eq. (B26):818
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The condition �e↵(rin)  0 is equivalent to J 819

(6.54, 6.51, 6.48) for a = (�0.9, 0, 0.9), respectively. In820

other words, spins opposite (parallel) to the angular821

momentum of the binary extend (reduce) the volume822

of infalling trajectories in the phase-space of position823

and velocity of the orbiting fluid. This fact explains824

the enhanced (reduced) accretion in the run b20-spins825

(b20+spins).826

In Fig. 8 we noticed the accretion streams for827

b20-spins (b20+spins) lie behind (ahead) in �cor with828

respect to non-spinning runs. In other words, the gas829

swings in azimuth by a smaller (larger) angle while830

traversing the cavity before passing through the inner831

boundary. This is also consistent with frame-dragging832

e↵ects.833

5.3. Spin-Insensitive Results and Comparison with834

Previous Works835

In this subsection, we describe the properties of the836

circumbinary disk that are not significantly a↵ected by837

spins, but the length of our simulations has revealed838

new aspects of them, not seen in previous, shorter sim-839

ulations.840

In binaries with mass-ratio close to unity and low841

orbital eccentricity, a remarkable m = 1 mode in the842

�-distribution of matter develops in the radial range843

2b < r < 4b; the so-called lump. This lump arises as844

a result of phase-coherence in the trajectory of matter845

that falls a short way but then is propelled back out af-846

ter the binary torques add to its angular momentum (see847

Shi et al. 2012; Noble et al. 2012; D’Orazio et al. 2013;848

Farris et al. 2014; Miranda et al. 2016; Tang et al. 2017).849

As we will show, our longer simulations reveal that the850

dynamics of the lump are predictable from the time of its851

formation, and its orbit stabilizes after �t ⇠ 40⇥103M .852

Figure 9. Power of m = 1 mode of the vertically integrated
density, as function of radii and time, for b20 v2. We notice
the growth and saturation of the lump at 2b < r < 4b. The
dashed line represents the moment of lump formation tlump.

To characterize the amplitude of the lump, we calcu-853

late the power of the Fourier modes m = 0 and m = 1854

in the vertically integrated density as a function of ra-855

dius and time (see Eq. (A8), and Cuadra et al. (2009),856

Noble et al. (2021), in prep.). We denote these modes857

A0(t, r) and A1(t, r), respectively. In Fig. 9, we plot858

A1(t, r) for b20 v2 and, indeed, we notice the growth859

and saturation of the lump at 2b < r < 4b.860

To determine the time tlump when the lump forms, we861

integrate Am(t, r) over the radial range 2b < r < 3b862

and define tlump as the time when the ratio of this in-863

tegral of A1(t, r) to the total surface density (this in-864

tegral of A0(t, r)) is larger than 0.2. To visualize the865

di↵erent tlump for each run, in Fig. 10 we plot the evo-866

lution of the ratio of the m = 1 and m = 0 inte-867

grals for our runs. For non-spinning runs, the lump868

forms at 36390, 64650, 47550 M , resulting in an average869

tlump = (5.0±1.5)⇥104M . In Fig. 11 (top, right) we plot870

the surface density ⌃(r, �) (see Eq. (A1)) at t = tlump871

for b20 v0, where we notice the recently formed lump872

in the positive y hemisphere. For runs b20-spins and873

b20+spins, the lump forms at 50280M and 39690M re-874

spectively, in concordance with non-spinning values.875

To characterize the orbital dynamics of the lump, we876

define rlump(t) as the radial position of the maximum877

value of A1(t, r) as a function of time (see Fig. 9). We878
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• Starting from same initial accretion flow conditions; 
• Because of smaller ISCO, the volume of stability in mini-

disk region increases for larger (parallel) spin;  
—>More persistent mini-disks; 
—> Longer inflow time scales; 
—> Comparable accretion rates; 
—> Smaller fluctuations at 2x beat freq.

Accretion onto Spinning BBHs6

Figure 7. Power spectral density of the mini-disk’s masses for
SHPN06 (upper panel) and M0 (lower pannel) using a Welch algo-
rithm with a Hamming window size and a frequency of 10M . The
confidence intervals at 3� are shown as shadowed areas.

with 2⌦beat. In SHPN06 , however, the inflow time of the
mini-disks is larger and the depletion period of a mini-
disk briefly coexists with the filling period of the other
mini-disk, reducing the variability of the total mass.
Finally, because we use a spherical grid with a central

cutout, we cannot analyze the e↵ects of the sloshing of
matter between mini-disks (Bowen et al. 2017). To es-
timate how much mass we lose through the cutout, we
checked the accretion rate at the inner boundary of the
grid, where the gas exits the simulations. This mass loss
constitutes, in average, only a 5% of the mass acreted
by the BHs, although the instantenous accretion can be
close to 20% of the accretion onto a BH. This might
change some dynamical features of the mini-disk and
produce additional electromagnetic signatures. We do
not expect, however, that this fact would alter the main
conclusions of this work, namely, the overall di↵erences
between mini-disks in spinnings and non-spinning BBH.
In the next section, we analyze the general structure of
the minidisks and the e↵ects of the spins.

3.2. Structure and orbital motion in mini-disks

As we saw before, the main change introduced by the
BH spin is the amount of mass contained in the mini-
disks over a cycle. In this section, we analyze how this
mass increase changes the structure of the mini-disks
compared with non-spinning black holes, and what is
the angular momentum of the material that circularize
around the BH.
In Figure ??, we plot the surface density in both

SHPN06 and M0 , for the same orbital phase at the 7th
orbit. In this plot, the mini-disk around BH1 (right side)
is at the high peak of the mass cycle. In both simulations
here, we can clearly note the predominant lump stream
plunging directly into the hole. This occurs on top of
a mini-disk structure, which is denser in SHPN06 . On
the other hand, we observe that BH2 on the left, in its
low state, has a disk-like structure in SHPN06 , while the
material is mostly accreted in M0 .
We further quantify the di↵erences computing the sur-

Figure 8. Surface density average snapshot for SHPN06 (upper
row) and M0 (lower row) at t = 4000M and t = 4060M respectively,
where the phase of the binary is the same in both simulations.
White dashed lines indicate the truncation radius and thick white
lines the ISCO. In this figure, the sense of rotation of the binary is
counter-clockwise

Figure 9. Surface density averaged in the azimuthal ranges
��1 = (⇡/4, 3⇡/4) (positive axis) and ��2 = (5⇡/4, 7⇡/4) (nega-
tive axis) for BH1, and averaged in time over the low-state (lower
panel) and high-state (upper panel) of the mass fraction. For ref-
erence, we indicate the direction of the orbital BH velocity

face density of the mini-disk around BH1, averaged in
time, and averaged in two ranges of �BH representing
the front and back of the mini-disk with respect to the
orbital motion. In Figure 9 we observe that the surface
density is higher in SHPN06 by a factor of ⇠ 2. For both
simulations, the mini-disks accumulates more material
at the front, corresponding to the region where it cap-
tures the lump stream. In SHPN06 , the density peaks are
closer to the BHs and the density profile is more steep
near the ISCO. At the back of the mini-disk, the surface

�++
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Figure 12. Specific angular momentum as a function of radius for
S06 (upper panel) and S0 (lower panel) for both BHs. The time-
averages are in solid lines, and the individual values are the very
thin lines. The Keplerian value is plotted in dashed green lines.

gular momentum in the BH frame:

h¯̀i⇢ := h�u�̄/ut̄i⇢. (17)

In Figure 12, we show the time-average of h¯̀i⇢ for both
BHs and both simulations. In absolute terms, h¯̀i⇢ is
nearly the same for both the spinning and non-spinning
cases, with the spinning case only slightly greater. This
is because the specific angular momentum of the mate-
rial that falls into the cavity is essentially determined by
the stresses at the inner edge of the circumbinary disk.
These stresses are determined by binary torques and the
plasma Reynolds and magnetic stresses (Shi et al. 2012;
Noble et al. 2012). Indeed, in Lopez Armengol et al.
(2021) we found that these quantities depend weakly on
spin outside the cavity. On the other hand, their rela-
tion to their respective Keplerian (circular orbit) values,
¯̀
K(r̄,�), is quite di↵erent because they depend strongly

on the spin. In S06, the distribution of the angular mo-
mentum tracks closely the Keplerian value. For S0, the
behavior is always sub-Keplerian on average.

Let us assume that the angular momentum distribu-
tion of the circumbinary streams is independent of spin
for a fixed binary separation and mass-ratio. In that case,
our simulation data indicate that the angular momentum
with which the streams arrive at the mini-disk would be
greater than the ISCO angular momentum when the BH
spin is � > 0.45. This estimate could serve as a crude
criterion for determining whether mini-disks form in rel-
ativistic binaries.

We can also use the specific angular momentum to dis-
tinguish the material in the mini-disk with high angular
momentum that manages to orbit the black hole from the
low angular momentum part that plunges in. To do so,

Figure 13. Sub-Keplerian and (super-)Keplerian components of
the mass for BH1 in S06 (upper panel) and S0 (lower panel)

we recompute the mass as in equation (12), taking fluid
elements with ¯̀< ¯̀

K and ¯̀ � ¯̀
K separately. In Figure

13 we plot the evolution of the sub-Keplerian and super-
Keplerian mass components for BH1 in S06 and S0. In
S06 after the initial transient, a little more than half of
the mass comes from relatively high angular momentum
fluid. As the system inspirals, however, the truncation
radius decreases, and the masses of these two components
become nearly equal. In S0, on the other hand, most of
the fluid has relatively low angular momentum. This
sub-Keplerian component has roughly the same mass in
S06 and S0, while the mass of the high angular momen-
tum component of the fluid is much greater in S06, as
expected.

Although a fair amount of the mass in the mini-disk has
relatively high angular momentum and manages to orbit
the black hole in S06, the accreted mass onto the BH,
in both simulations, is always dominated by the low an-
gular momentum part that plunges directly. To demon-
strate this, we compute the average accretion rates for
low and high angular momentum particles as we did with
the mass. Figure 14 shows that the total accretion rate
onto the BH has a flat radial profile in both S06 and S0,
with very similar average values. Accretion by low angu-
lar momentum particles dominates at all radii, although
the high angular momentum contribution becomes com-
parable to the low angular momentum one near the ISCO
for S06.

We can also compute the density-weighted specific en-
ergy, E := h�ut̄i⇢, the mass-weighted sum of rest-mass,
kinetic, and binding energy for individual fluid elements.
As can be seen in Figure 15, on average, fluid in the
mini-disks around the spinning black holes is more bound
than in the non-spinning case. On the other hand, fluid
in both S06 and S0 is more bound than particles on cir-
cular orbits. Near the ISCO, the specific energy drops
sharply inward in both cases, as is often found when ac-
cretion physics is treated in MHD: stress does not cease
at the ISCO when magnetic fields are present.

When the mini-disk is in its high state, the spiral
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Figure 12. Specific angular momentum as a function of radius for
S06 (upper panel) and S0 (lower panel) for both BHs. The time-
averages are in solid lines, and the individual values are the very
thin lines. The Keplerian value is plotted in dashed green lines.

gular momentum in the BH frame:

h¯̀i⇢ := h�u�̄/ut̄i⇢. (17)

In Figure 12, we show the time-average of h¯̀i⇢ for both
BHs and both simulations. In absolute terms, h¯̀i⇢ is
nearly the same for both the spinning and non-spinning
cases, with the spinning case only slightly greater. This
is because the specific angular momentum of the mate-
rial that falls into the cavity is essentially determined by
the stresses at the inner edge of the circumbinary disk.
These stresses are determined by binary torques and the
plasma Reynolds and magnetic stresses (Shi et al. 2012;
Noble et al. 2012). Indeed, in Lopez Armengol et al.
(2021) we found that these quantities depend weakly on
spin outside the cavity. On the other hand, their rela-
tion to their respective Keplerian (circular orbit) values,
¯̀
K(r̄,�), is quite di↵erent because they depend strongly

on the spin. In S06, the distribution of the angular mo-
mentum tracks closely the Keplerian value. For S0, the
behavior is always sub-Keplerian on average.

Let us assume that the angular momentum distribu-
tion of the circumbinary streams is independent of spin
for a fixed binary separation and mass-ratio. In that case,
our simulation data indicate that the angular momentum
with which the streams arrive at the mini-disk would be
greater than the ISCO angular momentum when the BH
spin is � > 0.45. This estimate could serve as a crude
criterion for determining whether mini-disks form in rel-
ativistic binaries.

We can also use the specific angular momentum to dis-
tinguish the material in the mini-disk with high angular
momentum that manages to orbit the black hole from the
low angular momentum part that plunges in. To do so,
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Figure 13. Sub-Keplerian and (super-)Keplerian components of
the mass for BH1 in S06 (upper panel) and S0 (lower panel)

we recompute the mass as in equation (12), taking fluid
elements with ¯̀< ¯̀

K and ¯̀ � ¯̀
K separately. In Figure

13 we plot the evolution of the sub-Keplerian and super-
Keplerian mass components for BH1 in S06 and S0. In
S06 after the initial transient, a little more than half of
the mass comes from relatively high angular momentum
fluid. As the system inspirals, however, the truncation
radius decreases, and the masses of these two components
become nearly equal. In S0, on the other hand, most of
the fluid has relatively low angular momentum. This
sub-Keplerian component has roughly the same mass in
S06 and S0, while the mass of the high angular momen-
tum component of the fluid is much greater in S06, as
expected.

Although a fair amount of the mass in the mini-disk has
relatively high angular momentum and manages to orbit
the black hole in S06, the accreted mass onto the BH,
in both simulations, is always dominated by the low an-
gular momentum part that plunges directly. To demon-
strate this, we compute the average accretion rates for
low and high angular momentum particles as we did with
the mass. Figure 14 shows that the total accretion rate
onto the BH has a flat radial profile in both S06 and S0,
with very similar average values. Accretion by low angu-
lar momentum particles dominates at all radii, although
the high angular momentum contribution becomes com-
parable to the low angular momentum one near the ISCO
for S06.

We can also compute the density-weighted specific en-
ergy, E := h�ut̄i⇢, the mass-weighted sum of rest-mass,
kinetic, and binding energy for individual fluid elements.
As can be seen in Figure 15, on average, fluid in the
mini-disks around the spinning black holes is more bound
than in the non-spinning case. On the other hand, fluid
in both S06 and S0 is more bound than particles on cir-
cular orbits. Near the ISCO, the specific energy drops
sharply inward in both cases, as is often found when ac-
cretion physics is treated in MHD: stress does not cease
at the ISCO when magnetic fields are present.

When the mini-disk is in its high state, the spiral

• Faster spins change the potential so that the accretion 
streams are no longer sub-Keplerian, allowing for gas to 
accumulate; 

• Mini-disks are 2x as massive with spins than without.
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Mini- Disk Regions

• Hydro and EM fluxes are both larger with spins; 
• Possible signature of helical field orientation in 

emission’s polarization?! 
• Poynting luminosity modulated at 2x beat freq. 

w/ lump;

Accretion onto Spinning BBHs
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Figure 15. Meridional plot of a time average Poynting scalar for BH1 in SHPN06 (left) and in M0 (right)

Figure 16. Meridional plot of the plasma � parameter of BH1 in
SHPN06

curva.

Figure 17. .

Figure 18. .

The EM flux is modulated by the beat frequency of the
system and it is, in average, three times higher in SHPN06

. It has a secular increase and start decreasing at around
8 orbits. High peaks in SHPN06 coincide with the lump
accretion event around 12 orbits. At the end there is
more variability, as seen e.g. in the accretion rate. The
EM fluxes in 20M and 30M are similar in SHPN06 but
di↵ers a little in M0 . LC: explain this further Hydro
fluxes are more similar between SHPN06 and M0 and also
increase as a function of time. They di↵er between 20M
(just mini-disk outflows) and 30M (mini-disks outflows
+ some inner part of the circ disk).
We can also explore the EM fluxes around the individ-

ual BHs and track their evolution (Figure ??). Similar
behavior as we saw around the cavity. The decline is
more appreciated here and there is not much variabil-
ity. In both cases the e�ciency of the jet is around 5%.
FGLA: Agregar las curvas para los non-spinning?

Agregar definición de esa eficiencia. Hawley &

Krolik (2006) da algunos valores para single-BHs,

comparar . The Poynting fluxes are correlated with
the magnetic fluxes around the BH ISCO (Figure 20).
LC: Blandford Znajeck here? . FGLA: Agre-

gar definición de flujo magnético, y el caption.
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BH1 BH1

Combi, Lopez Armengol, Campanelli, Noble, Avara, 
Krolik, and Bowen, arXiv, arXiv:2109.01307, (2021).
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Figure 18. Meridional plot of a time average Poynting scalar for BH1 in S06 (left) and in S0 (right). The black hole is at x ⇠ 10M and
the center of mass is at x = 0M . The red lines represent the division between bound and unbound material, while the dot-dashed white
lines represent the magnetically dominated material.
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Figure 19. Evolution of the total Poynting flux measured in the
BH frame (dashed lines) and in the (inertial) center of mass frame
at 100 M(solid lines) for both S06 and S0. For the center of mass
fluxes, we use the retarded time t� r/hvi to account for the delay.

waves by LISA or pulsar timing arrays (PTA) remains at
least a decade into the future. Nevertheless, upcoming
wide-field surveys such as the Vera C. Rubin Observa-
tory, SDSS-V, and DESI, may discover many SMBBH
candidates through their electromagnetic emission.

In order to confirm the presence of a SMBBH, we need
to build accurate models and predictions of their elec-
tromagnetic signatures. Our GRMHD simulations will
be useful for this purpose: as a next step, in Gutiérrez
et al. (2021), we use these simulations to extract light
curves and spectra using ray-tracing techniques (Noble
et al. 2007; d’Ascoli et al. 2018) with di↵erent radiation
models and di↵erent masses. The results in this paper

Figure 20. Time average of Poynting scalar P projected on a
sphere of radius 60 M for spinning (left sphere) and non-spinning
(right sphere) for unbound elements of fluid.

constitute the foundations to interpret the underlying
physics of those predictions.

Circumbinary and mini-disk accretion onto an equal-
mass binary system has been largely studied in the past
in the context of 2D ↵�viscous simulations. These simu-
lations are particularly good for analyzing the very long-
term behavior of the system, evolving sometimes for 1000
orbits. Close to the black holes and at close separations,
however, the inclusion of 3D MHD and accurate space-
time dynamics becomes necessary in order to describe the
proper mechanisms of accretion and outflow. 2D ↵�disk
simulations are not able to include spin e↵ects and most
of them do not include GR e↵ects (see, however, Ryan
& MacFadyen (2017)). On the other hand, in this work
we analyze the balance of hydro accretion from the cir-
cumbinary streams and conventional accretion from the
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Figure 21. Hydro luminosity as a function of time measured in
the center of mass frame for S06 (green lines) and S0 (blue lines)
at di↵erent radii.

Figure 22. Power spectral density of the hydro (LH) and EM
luminosities (LEM) for S06 (thick lines) and S0 (dashed lines) at
100 M using a Welch algorithm with a Hamming window size and
a frequency of 10 M . The confidence intervals at 3� are shown as
shadowed areas for S06. The two main peaks are given by twice
the beat frequency, 2⌦beat = 1.4⌦bin, and the lump accretion pe-
riodicity ⇠ 0.22⌦bin

internal stresses of the mini-disk; to properly model the
latter, we need MHD. Moreover, the presence of a proper
black hole, and its horizon, makes the accretion processes
entirely self-consistent without adding adhoc sink condi-
tions as used in Newtonian simulations (see, however,
Dittmann & Ryan (2021)). Finally, 3D MHD simula-
tions are necessary to model magnetically-dominated re-
gions and jets. The connection of the accretion and the
production of electromagnetic luminosity was one of the
main motivations of this work, and impossible to analyze
in 2D hydro simulations.

Recently, Paschalidis et al. (2021) presented GRMHD
simulations of a system similar to the one analyzed in
this paper: equal-mass, spinning binary black holes ap-
proaching merger. It is then interesting to compare our
results and highlight the di↵erences with their model and
analysis. In their paper, they use a slightly higher spin
value (� = 0.75) and explore di↵erent spin configura-
tions, including antialigned and up-down directions with
respect to the orbital angular momentum. Their system
has di↵erent thermodynamics than ours, using an ideal-
gas state equation with � = 4/3 and no cooling. Their
focus is on the mass budget of the mini-disk (as in Bowen

et al. (2019)) and the electromagnetic luminosity when
spin is included. They report that spinning black holes
have more massive mini-disks and the electromagnetic
luminosity is higher, with quantitative measures similar
to what we find in this paper.

In our work, we analyze in great detail, for the first
time, the accretion mechanisms onto the mini-disk and
their connection to the circumbinary disk. We show
that the BHs accretes in two di↵erent ways: through
direct plunging of the stream from the lump’s inner edge
(that dominates the accretion), and through ‘conven-
tional’ stresses of the circular component orbiting the
mini-disk. This is qualitatively di↵erent than single BHs
disks and a direct consequenece of the short inflow time
determined by rISCO/rtrunc; for larger separations and
higher spins, we expect mini-disks to behave closer to
conventional single BH disks . Our simulations also dif-
fer significantly in the grid setup and initial data. We
start our simulations with an evolved circumbinary disk
snapshot, taken from Noble et al. (2012), which is al-
ready turbulent and presents a lump (starting the sim-
ulation from a quasi-stationary torus, the lump appears
after ⇠ 50 orbits at these seperations, once the inner
edge has settled). This is very important to accurately
describe the periodicities of the system given by the beat
frequency, which is set by the orbital motion of the lump.
These quasi-periodicities might be di↵erent if the ther-
modynamics change, e.g. if there is no cooling, although
currently there are no su�ciently long 3D GRMHD sim-
ulations of circumbinary disks exploring this. Interest-
ingly, we found that the Poynting flux is also modulated
by the beat frequency. For BBH approaching merger,
this constitutes a possible independent observable if this
periodicity is translated to jet emission. As expected,
for spinning BHs, we also found more powerful Poynting
fluxes, in agreement with Paschalidis et al. (2021).

With our careful analysis of the accretion onto the
mini-disks, we show that a disk-like structure survives for
longer as the binary shrinks when the black holes have
spin. Further explorations with higher spins will show
how far these structures survive very close to merger.

5. CONCLUSIONS

We have performed a GRMHD accretion simulation of
an equal-mass binary black hole with aligned spins of
a = 0.6 MBH approaching merger. We have compared
this simulation with a previous non-spinning simulation
of the same system, analyzing the main di↵erences in
mini-disk accretion and the variabilities induced by the
circumbinary disk accretion. Our main findings can be
summarized as follows:

• Mini-disks in S06, where BHs have aligned spins
� = 0.6, are more massive than in S0, where BHs
have zero spins, by a factor of two. The mass and
accretion rate of mini-disks have quasi-periodicities
determined by the beat frequency in both simula-
tions (see Section 3.2).

• The material in the mini-disk region can be sepa-
rated into two components of relatively high and
low angular momentum. The low angular momen-
tum component mostly plunges directly from the
lump edge, forming a strong single-arm stream.
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Figure 21. Hydro luminosity as a function of time measured in
the center of mass frame for S06 (green lines) and S0 (blue lines)
at di↵erent radii.
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100 M using a Welch algorithm with a Hamming window size and
a frequency of 10 M . The confidence intervals at 3� are shown as
shadowed areas for S06. The two main peaks are given by twice
the beat frequency, 2⌦beat = 1.4⌦bin, and the lump accretion pe-
riodicity ⇠ 0.22⌦bin

internal stresses of the mini-disk; to properly model the
latter, we need MHD. Moreover, the presence of a proper
black hole, and its horizon, makes the accretion processes
entirely self-consistent without adding adhoc sink condi-
tions as used in Newtonian simulations (see, however,
Dittmann & Ryan (2021)). Finally, 3D MHD simula-
tions are necessary to model magnetically-dominated re-
gions and jets. The connection of the accretion and the
production of electromagnetic luminosity was one of the
main motivations of this work, and impossible to analyze
in 2D hydro simulations.

Recently, Paschalidis et al. (2021) presented GRMHD
simulations of a system similar to the one analyzed in
this paper: equal-mass, spinning binary black holes ap-
proaching merger. It is then interesting to compare our
results and highlight the di↵erences with their model and
analysis. In their paper, they use a slightly higher spin
value (� = 0.75) and explore di↵erent spin configura-
tions, including antialigned and up-down directions with
respect to the orbital angular momentum. Their system
has di↵erent thermodynamics than ours, using an ideal-
gas state equation with � = 4/3 and no cooling. Their
focus is on the mass budget of the mini-disk (as in Bowen

et al. (2019)) and the electromagnetic luminosity when
spin is included. They report that spinning black holes
have more massive mini-disks and the electromagnetic
luminosity is higher, with quantitative measures similar
to what we find in this paper.

In our work, we analyze in great detail, for the first
time, the accretion mechanisms onto the mini-disk and
their connection to the circumbinary disk. We show
that the BHs accretes in two di↵erent ways: through
direct plunging of the stream from the lump’s inner edge
(that dominates the accretion), and through ‘conven-
tional’ stresses of the circular component orbiting the
mini-disk. This is qualitatively di↵erent than single BHs
disks and a direct consequenece of the short inflow time
determined by rISCO/rtrunc; for larger separations and
higher spins, we expect mini-disks to behave closer to
conventional single BH disks . Our simulations also dif-
fer significantly in the grid setup and initial data. We
start our simulations with an evolved circumbinary disk
snapshot, taken from Noble et al. (2012), which is al-
ready turbulent and presents a lump (starting the sim-
ulation from a quasi-stationary torus, the lump appears
after ⇠ 50 orbits at these seperations, once the inner
edge has settled). This is very important to accurately
describe the periodicities of the system given by the beat
frequency, which is set by the orbital motion of the lump.
These quasi-periodicities might be di↵erent if the ther-
modynamics change, e.g. if there is no cooling, although
currently there are no su�ciently long 3D GRMHD sim-
ulations of circumbinary disks exploring this. Interest-
ingly, we found that the Poynting flux is also modulated
by the beat frequency. For BBH approaching merger,
this constitutes a possible independent observable if this
periodicity is translated to jet emission. As expected,
for spinning BHs, we also found more powerful Poynting
fluxes, in agreement with Paschalidis et al. (2021).

With our careful analysis of the accretion onto the
mini-disks, we show that a disk-like structure survives for
longer as the binary shrinks when the black holes have
spin. Further explorations with higher spins will show
how far these structures survive very close to merger.

5. CONCLUSIONS

We have performed a GRMHD accretion simulation of
an equal-mass binary black hole with aligned spins of
a = 0.6 MBH approaching merger. We have compared
this simulation with a previous non-spinning simulation
of the same system, analyzing the main di↵erences in
mini-disk accretion and the variabilities induced by the
circumbinary disk accretion. Our main findings can be
summarized as follows:

• Mini-disks in S06, where BHs have aligned spins
� = 0.6, are more massive than in S0, where BHs
have zero spins, by a factor of two. The mass and
accretion rate of mini-disks have quasi-periodicities
determined by the beat frequency in both simula-
tions (see Section 3.2).

• The material in the mini-disk region can be sepa-
rated into two components of relatively high and
low angular momentum. The low angular momen-
tum component mostly plunges directly from the
lump edge, forming a strong single-arm stream.
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PatchworkMHD : Mini-disks + Circumbinary Disk

• Key Challenges: How do we efficiently simulate 107-108 cells for 106-107 
steps?  PatchworkMHD!

• Starting from CBD data of Noble++2012, let mini-disks fill in.
• 34 binary orbits;
• Cartesian Patch: Uniform in x,y but graded in z. 
• Spherical Patch: Same grid as Noble++2012, no interpolation. 
• Cartesian patch avoids the focusing of cells near the origin and axis, 

increasing the size of time steps we can take, plus covers the missing 
volume.

• ???

Avara et. al, (in prep) 5

Figure 12. Plots of total mini-disk masses as function of time.

Figure 13. Mass accretion rate onto BH2 and the sloshing flux
toward BH2. A third line is the contribution from BH1 subtracted
o↵ for comparison.

Figure 14. Spatial dependence of mass flux through slosh plane,
toward BH2, a plane perpendicular to the rotating axis threading
the BHs and passing through the center of mass.

Figure 15. Upsilon for both BHs.

paper (the BHOGspin paper).
Can I show a coupling of fields from one disk to the

other? Maybe related to a 3d rendering with streamlines
or a movie if there’s time.

5.1. Temporal Structure

Perhaps more relevant to jet launching, even though
we don’t have spin, is the ⌥ parameter, so that’s plotted
for both BHs in Figure ??

On horizons Figure ??

Within disks

5.2. Geometric evolution

Connection to streams and CBD

(maybe put sloshing region magnetic behavior here)

magnetic domination vs gas pressure dominated regions

MRI
– discussion of contribution of magnetic stress to mini-
accretion structure accretion/circularization
– (+ any more complex analysis like correlations or
anything? turbulence? nah....not disky enough to
warrant, and not high enough resolution to get right.)

6. COOLING AND DISSIPATION

cooling function - description and motivation of back-
ward compatibility with warpedBHOG and other
RIT+Hopkins et al. work

light curves
– presentation of raw energy dissipation in terms of
e�ciency
– breakdown of relative contributions from di↵erent
spatial and hydro selections (Figure ??)

- impact of cooling function choices
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• No cutout!
• PWMHD allows us to measure the mass exchange between 

mini-disks for the first time!

• Mass flux between mini-disks is a minority contribution, 
though energy dissipated by mass transfer may be more 
significant.

Avara @binary_c22: Thursday 2PM
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Spinning BBHs: a=0.6M, up-up

Non-Spinning BBHs

• Following  
• Using sim data from: 

• BH spins (even at these modest values): 
• Brighter mini-disks; 
• More variable mini-disks; 
• More substantial mini-disks broaden the 

circumbinary disk’s thermal peak; 

• The spinning case provides new 
signatures to search for: 
• Broader thermal peak in optical-UV; 
• Variability in the UV on the binary’s 

orbital timescale; 
• Stronger variability in X-rays;  

d’Ascoli++2018

Gutiérrez, Combi, Noble, Campanelli, Krolik, López Armengol, and García, arXiv:2112.09773, (2021).
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Figure 12. Comparison between the time-averaged SED during the 5-th orbit of S06 simulation and single black hole disk
models. Left panel: Comparison of the numerical spectrum of the CBD (solid red line) and the mini-disks (dashed red line) with
the following Novikov-Thorne (NT) disk models. The curve denoted as CBD Model shows the spectrum of a NT disk for a black
hole mass of 106M� and normalized spin � = 0.6, an accretion rate of 0.25ṀEdd, an inner radius at 2hr12i ⇠ 38M , and an outer
radius at 150M . Each of the curves denoted as MDModels A, B, and C show the added spectrum of two NT disks onto equal black
holes with a mass of 0.5⇥106M� and a normalized spin of � = 0.6. The NT disks have the inner radius at the individual ISCOs,
⇠ 3.8m1,2 = 1.9M , the outer radius at 0.4hr12i ⇠ 7.6M = 15.2m1,2, and an accretion rate of (Model A: ṁ1 = ṁ2 = 0.125ṀEdd;
Model B: ṁ1 = 6⇥ 10�2ṀEdd, ṁ2 = 6.8⇥ 10�2ṀEdd; Model C: ṁ1 = 2.3⇥ 10�2ṀEdd, ṁ2 = 2.7⇥ 10�2ṀEdd). These values
correspond to the accretion rate measured in the CBD region, and the total and circularized accretion rates measured onto each
black hole, respectively. Right panel: Comparison between the total SED derived from the simulation and one for a single black
hole of mass M = 106M� in which we use Schnittman et al. (2016)’s radial luminosity profile. The disk has an accretion rate
of 0.25ṀEdd, an inner radius at ⇠ 1.2rH ⇠ 2.16M , and an outer radius at 150M . 10% of the luminosity arises from an optically
thin corona.

rate in Eddington units, the frequencies of features are
/ M

�1/4.
In Figure 12, MD Model A (red curve) represents the

case in which the accretion rate onto both mini-disks
is equal to that in the CBD region, 0.25ṀEdd. For
simplicity, we assume that it divides evenly between
the two mini-disks7. The spectrum obtained is ⇠ 3.7
times brighter than the one obtained from S06. One
source of this large discrepancy is a breakdown in the
NT model assumption of inflow equilibrium: the accre-
tion rate in the mini-disks is approximately half that
in the CBD region. More precisely, the averaged accre-
tion rates onto the black holes during the 5-th orbit are
⇠ 6.8 ⇥ 10�2

ṀEdd and 6 ⇥ 10�2
ṀEdd when the CBD

accretion rate is 0.25ṀEdd.
However, this accretion rate contrast does not com-

pletely explain the shortfall. Model B shows the com-

7 In the real scenario, however, one mini-disk is typically brighter
than the other at any given time, this e↵ect is periodic (see Fig-
ure 8) and the variation during an orbit likely averages out this
di↵erence.

bined spectrum of two NT mini-disk models with the ac-
tual accretion rates. They are still ⇠ 1.7 times brighter
than the numerical spectrum, indicating that the mini-
disks have a lower radiative e�ciency than the NT disk.
At least part of this diminished radiative e�ciency is
due to some of the accreting matter at each radius hav-
ing less angular momentum than the value required for
a circular orbit at that radius, i.e., l(r) < lK(r). This
material, which follows a decidedly non-circular orbit, is
able to reach the event horizon with higher orbital en-
ergy (lower binding energy) than matter following stable
circular orbits. To distinguish the luminosity from the
fluid that follows quasi-circular orbits from that radiated
by the fluid on non-circular orbits, we define the ‘circu-
larized’ accretion rate as the rate delivered by matter
with l(r) � lK(r), and averaging from rISCO to rtrunc.
The ‘circularized’ accretion rates are 2.3⇥10�2

ṀEdd and
2.6 ⇥ 10�2

ṀEdd for the two black holes, respectively.
Model C shows the spectrum for two NT disks with

the circularized accretion rates of the real mini-disks,
but this model still departs from the simulation spec-
trum in significant ways; its luminosity is a factor ⇠ 1.5
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Figure 12. Comparison between the time-averaged SED during the 5-th orbit of S06 simulation and single black hole disk
models. Left panel: Comparison of the numerical spectrum of the CBD (solid red line) and the mini-disks (dashed red line) with
the following Novikov-Thorne (NT) disk models. The curve denoted as CBD Model shows the spectrum of a NT disk for a black
hole mass of 106M� and normalized spin � = 0.6, an accretion rate of 0.25ṀEdd, an inner radius at 2hr12i ⇠ 38M , and an outer
radius at 150M . Each of the curves denoted as MDModels A, B, and C show the added spectrum of two NT disks onto equal black
holes with a mass of 0.5⇥106M� and a normalized spin of � = 0.6. The NT disks have the inner radius at the individual ISCOs,
⇠ 3.8m1,2 = 1.9M , the outer radius at 0.4hr12i ⇠ 7.6M = 15.2m1,2, and an accretion rate of (Model A: ṁ1 = ṁ2 = 0.125ṀEdd;
Model B: ṁ1 = 6⇥ 10�2ṀEdd, ṁ2 = 6.8⇥ 10�2ṀEdd; Model C: ṁ1 = 2.3⇥ 10�2ṀEdd, ṁ2 = 2.7⇥ 10�2ṀEdd). These values
correspond to the accretion rate measured in the CBD region, and the total and circularized accretion rates measured onto each
black hole, respectively. Right panel: Comparison between the total SED derived from the simulation and one for a single black
hole of mass M = 106M� in which we use Schnittman et al. (2016)’s radial luminosity profile. The disk has an accretion rate
of 0.25ṀEdd, an inner radius at ⇠ 1.2rH ⇠ 2.16M , and an outer radius at 150M . 10% of the luminosity arises from an optically
thin corona.
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simplicity, we assume that it divides evenly between
the two mini-disks7. The spectrum obtained is ⇠ 3.7
times brighter than the one obtained from S06. One
source of this large discrepancy is a breakdown in the
NT model assumption of inflow equilibrium: the accre-
tion rate in the mini-disks is approximately half that
in the CBD region. More precisely, the averaged accre-
tion rates onto the black holes during the 5-th orbit are
⇠ 6.8 ⇥ 10�2
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Figure 12. Comparison between the time-averaged SED during the 5-th orbit of S06 simulation and single black hole disk
models. Left panel: Comparison of the numerical spectrum of the CBD (solid red line) and the mini-disks (dashed red line) with
the following Novikov-Thorne (NT) disk models. The curve denoted as CBD Model shows the spectrum of a NT disk for a black
hole mass of 106M� and normalized spin � = 0.6, an accretion rate of 0.25ṀEdd, an inner radius at 2hr12i ⇠ 38M , and an outer
radius at 150M . Each of the curves denoted as MDModels A, B, and C show the added spectrum of two NT disks onto equal black
holes with a mass of 0.5⇥106M� and a normalized spin of � = 0.6. The NT disks have the inner radius at the individual ISCOs,
⇠ 3.8m1,2 = 1.9M , the outer radius at 0.4hr12i ⇠ 7.6M = 15.2m1,2, and an accretion rate of (Model A: ṁ1 = ṁ2 = 0.125ṀEdd;
Model B: ṁ1 = 6⇥ 10�2ṀEdd, ṁ2 = 6.8⇥ 10�2ṀEdd; Model C: ṁ1 = 2.3⇥ 10�2ṀEdd, ṁ2 = 2.7⇥ 10�2ṀEdd). These values
correspond to the accretion rate measured in the CBD region, and the total and circularized accretion rates measured onto each
black hole, respectively. Right panel: Comparison between the total SED derived from the simulation and one for a single black
hole of mass M = 106M� in which we use Schnittman et al. (2016)’s radial luminosity profile. The disk has an accretion rate
of 0.25ṀEdd, an inner radius at ⇠ 1.2rH ⇠ 2.16M , and an outer radius at 150M . 10% of the luminosity arises from an optically
thin corona.
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Figure 12. Comparison between the time-averaged SED during the 5-th orbit of S06 simulation and single black hole disk
models. Left panel: Comparison of the numerical spectrum of the CBD (solid red line) and the mini-disks (dashed red line) with
the following Novikov-Thorne (NT) disk models. The curve denoted as CBD Model shows the spectrum of a NT disk for a black
hole mass of 106M� and normalized spin � = 0.6, an accretion rate of 0.25ṀEdd, an inner radius at 2hr12i ⇠ 38M , and an outer
radius at 150M . Each of the curves denoted as MDModels A, B, and C show the added spectrum of two NT disks onto equal black
holes with a mass of 0.5⇥106M� and a normalized spin of � = 0.6. The NT disks have the inner radius at the individual ISCOs,
⇠ 3.8m1,2 = 1.9M , the outer radius at 0.4hr12i ⇠ 7.6M = 15.2m1,2, and an accretion rate of (Model A: ṁ1 = ṁ2 = 0.125ṀEdd;
Model B: ṁ1 = 6⇥ 10�2ṀEdd, ṁ2 = 6.8⇥ 10�2ṀEdd; Model C: ṁ1 = 2.3⇥ 10�2ṀEdd, ṁ2 = 2.7⇥ 10�2ṀEdd). These values
correspond to the accretion rate measured in the CBD region, and the total and circularized accretion rates measured onto each
black hole, respectively. Right panel: Comparison between the total SED derived from the simulation and one for a single black
hole of mass M = 106M� in which we use Schnittman et al. (2016)’s radial luminosity profile. The disk has an accretion rate
of 0.25ṀEdd, an inner radius at ⇠ 1.2rH ⇠ 2.16M , and an outer radius at 150M . 10% of the luminosity arises from an optically
thin corona.
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Figure 12. Comparison between the time-averaged SED during the 5-th orbit of S06 simulation and single black hole disk
models. Left panel: Comparison of the numerical spectrum of the CBD (solid red line) and the mini-disks (dashed red line) with
the following Novikov-Thorne (NT) disk models. The curve denoted as CBD Model shows the spectrum of a NT disk for a black
hole mass of 106M� and normalized spin � = 0.6, an accretion rate of 0.25ṀEdd, an inner radius at 2hr12i ⇠ 38M , and an outer
radius at 150M . Each of the curves denoted as MDModels A, B, and C show the added spectrum of two NT disks onto equal black
holes with a mass of 0.5⇥106M� and a normalized spin of � = 0.6. The NT disks have the inner radius at the individual ISCOs,
⇠ 3.8m1,2 = 1.9M , the outer radius at 0.4hr12i ⇠ 7.6M = 15.2m1,2, and an accretion rate of (Model A: ṁ1 = ṁ2 = 0.125ṀEdd;
Model B: ṁ1 = 6⇥ 10�2ṀEdd, ṁ2 = 6.8⇥ 10�2ṀEdd; Model C: ṁ1 = 2.3⇥ 10�2ṀEdd, ṁ2 = 2.7⇥ 10�2ṀEdd). These values
correspond to the accretion rate measured in the CBD region, and the total and circularized accretion rates measured onto each
black hole, respectively. Right panel: Comparison between the total SED derived from the simulation and one for a single black
hole of mass M = 106M� in which we use Schnittman et al. (2016)’s radial luminosity profile. The disk has an accretion rate
of 0.25ṀEdd, an inner radius at ⇠ 1.2rH ⇠ 2.16M , and an outer radius at 150M . 10% of the luminosity arises from an optically
thin corona.
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Figure 12. Comparison between the time-averaged SED during the 5-th orbit of S06 simulation and single black hole disk
models. Left panel: Comparison of the numerical spectrum of the CBD (solid red line) and the mini-disks (dashed red line) with
the following Novikov-Thorne (NT) disk models. The curve denoted as CBD Model shows the spectrum of a NT disk for a black
hole mass of 106M� and normalized spin � = 0.6, an accretion rate of 0.25ṀEdd, an inner radius at 2hr12i ⇠ 38M , and an outer
radius at 150M . Each of the curves denoted as MDModels A, B, and C show the added spectrum of two NT disks onto equal black
holes with a mass of 0.5⇥106M� and a normalized spin of � = 0.6. The NT disks have the inner radius at the individual ISCOs,
⇠ 3.8m1,2 = 1.9M , the outer radius at 0.4hr12i ⇠ 7.6M = 15.2m1,2, and an accretion rate of (Model A: ṁ1 = ṁ2 = 0.125ṀEdd;
Model B: ṁ1 = 6⇥ 10�2ṀEdd, ṁ2 = 6.8⇥ 10�2ṀEdd; Model C: ṁ1 = 2.3⇥ 10�2ṀEdd, ṁ2 = 2.7⇥ 10�2ṀEdd). These values
correspond to the accretion rate measured in the CBD region, and the total and circularized accretion rates measured onto each
black hole, respectively. Right panel: Comparison between the total SED derived from the simulation and one for a single black
hole of mass M = 106M� in which we use Schnittman et al. (2016)’s radial luminosity profile. The disk has an accretion rate
of 0.25ṀEdd, an inner radius at ⇠ 1.2rH ⇠ 2.16M , and an outer radius at 150M . 10% of the luminosity arises from an optically
thin corona.
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ṀEdd for the two black holes, respectively.
Model C shows the spectrum for two NT disks with

the circularized accretion rates of the real mini-disks,
but this model still departs from the simulation spec-
trum in significant ways; its luminosity is a factor ⇠ 1.5

NT = Novikov-Thorne (1972) “thin disk”

Schnittman, Krolik, and Noble, ApJ, 819, 48, (2016).

• GRMHD simulation-informed model for all spins 
for thin disks, same total mass and Mdot;


• Truncated disk emission, weaker mini-disk 
accretion rate due to accelerated accretion via 
shocks.



Light Curves from Accretion onto Spinning BBHs

Spinning BBHs: a=0.6M, up-up

Gutiérrez, Combi, Noble, Campanelli, Krolik, López 
Armengol, and García, arXiv:2112.09773, (2021).
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Figure 9. Luminosity as a function of time for S06 at three
di↵erent frequencies: UV (upper panel, ⌫ = 6.5 ⇥ 1015 Hz),
far-UV (middle panel, ⌫ = 2.9 ⇥ 1016 Hz), and soft X-rays
(lower panel, ⌫ = 1018 Hz). The grey dashed vertical lines
show the end of the transient phase. Note the di↵erent dy-
namic ranges in each panel: ⇠ 50% in the top panel, a multi-
plicative factor ⇠ 8 in the middle panel, and a multiplicative
factor of ⇠ 2 in the bottom panel.

coordinates and ⌦ is the orbital velocity of a Keplerian
circular orbit in the Kerr spacetime. Eq. 10 neglects
light bending, but this phenomenon has little e↵ect on
the spectrum for face-on emission.
SMBBH emission comes from both the CBD and the

mini-disks. Not surprisingly, given the CBD’s state of
quasi-inflow equilibrium and its distance from the nom-
inal ISCO (corresponding to the total mass of the bi-
nary), its emission averaged over the 5-th orbit is well
reproduced by an NT disk extending from Rin,circ =
2hr12i ⇠ 38M to Rout,circ = 150M , accreting at a rate of
0.25ṀEdd, which are the same values used in our simula-
tions. Quantities enclosed in brackets are averaged dur-
ing the 5-th orbit. Even though we integrate from the
inner edge to the outer part of the disk, for this NT disk
model we have set the stress to zero at RISCO,circ = 6M ,
which corresponds to the system’s fictitious ISCO.
To analyze the SED of the mini-disks, we compare

them to three di↵erent NT models with varying accre-

Figure 10. Power spectral density of the light curves for S06
at the three frequencies indicated using a Welch algorithm
with Hamming window size of 10M . The confidence inter-
vals at 3� are shown as shadowed areas. The upper panel
corresponds to the total luminosity whereas the lower panel
takes into account only the emission coming from one of the
mini-disks. The mean orbital frequency is hfBi = 1/505M .

Figure 11. Same plot as in Figure 10 but for S0. The
dashed curve in the upper panel corresponds to the light
curve at E = 4 keV with the time corrected for the decreasing
period of the system. The mean orbital frequency is hfBi =
1/530M .

tion rates. None is a good match to the spectrum we
calculate. In all cases, we set the outer radius equal
to the truncation radius, Rout,md ⇠ 0.4hr12i ⇠ 8M =
16mi, the inner radius equal to the individual ISCOs,
RISCO,md(a = 0.6) = 3.8mi = 1.9M , and the mass and
spin equal to those of the black holes in the simulation:
(mi = 0.5 ⇥ 106M�, �i = 0.6). At a fixed accretion

12 Gutiérrez et al.

Figure 9. Luminosity as a function of time for S06 at three
di↵erent frequencies: UV (upper panel, ⌫ = 6.5 ⇥ 1015 Hz),
far-UV (middle panel, ⌫ = 2.9 ⇥ 1016 Hz), and soft X-rays
(lower panel, ⌫ = 1018 Hz). The grey dashed vertical lines
show the end of the transient phase. Note the di↵erent dy-
namic ranges in each panel: ⇠ 50% in the top panel, a multi-
plicative factor ⇠ 8 in the middle panel, and a multiplicative
factor of ⇠ 2 in the bottom panel.

coordinates and ⌦ is the orbital velocity of a Keplerian
circular orbit in the Kerr spacetime. Eq. 10 neglects
light bending, but this phenomenon has little e↵ect on
the spectrum for face-on emission.
SMBBH emission comes from both the CBD and the

mini-disks. Not surprisingly, given the CBD’s state of
quasi-inflow equilibrium and its distance from the nom-
inal ISCO (corresponding to the total mass of the bi-
nary), its emission averaged over the 5-th orbit is well
reproduced by an NT disk extending from Rin,circ =
2hr12i ⇠ 38M to Rout,circ = 150M , accreting at a rate of
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• Prograde spinning BBHs:

• Longer-lived mini-disks lead to relatively steadier x-ray 

emission and weaker signals at 2x beat freq.;

• Individual mini-disks still suffer beat modulation;

• Total variability in all frequencies modulates by lump’s 

orbital frequency, radial epicyclic oscillation; 

• Predict spinning BBHs will be predominantly varying at 

lower-frequencies than gravitational waves;



Light Curves from 
Accretion onto Spinning 

BBHs

Gutierrez, Combi, Lopez Armengol++(in prep)

“Spikey”
KIC 11606854 

Hu, D'Orazio, Haiman, Smith, Snios, Charisi, 
and Di Stefano, MNRAS, 495, 4061, (2020).




Simultaneous Images of 
Synchrotron Jets and 
Optically Thin X-ray 

Emission

Gutierrez, Combi, Lopez Armengol++(in prep)

Radio - Synchrotron Emission
X-ray - Corona Emission

• Dual jet phenomena;  

• Synchrotron calculated using same emissivities 
used in simulations of images for the Event 
Horizon Telescope project.  

• Predict correlated X-ray and jet variability, under 
certain situations, TBD.

Leung, Gammie, and Noble, ApJ, 737, 21, (2011).




Numerical Relativity + MHD Evolutions
Accretion with Magnetized Tori
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Gold, R., Paschalidis, V., Etienne, Z. B., Shapiro, S. L., Pfeiffer, H. P., PhRvD, 89, 064060, (2014). 
Gold, R., Paschalidis, V., Ruiz, M., Shapiro, S. L., Etienne, Z. B., Pfeiffer, H. P., PhRvD, 90, 104030, (2014). 

Khan, A., Paschalidis, V., Ruiz, M., Shapiro, S. L., PhRvD, 97, 044036, (2018). 

regions in the funnel of magnetized, geometrically thick
disks accreting onto single, spinning BHs [80,81]; thus, we
can attribute this luminosity and accompanying incipient jet
from the remnant spinning BH-disk system to the BZ
effect. During the inspiral a “kinetic” or “orbital” BZ effect
can account for the outgoing EM energy [82].

V. ASTROPHYSICAL IMPLICATIONS

In this section we discuss the implications of our results to
astrophysical systems of interest, ranging from black hole
binaries relevant to LIGO to supermassive black hole
binaries that likely reside at the centers of AGNs and quasars.

A. LIGO GW150914

In this subsection we investigate whether circumbinary
BHBH accretion disks could explain simultaneous GWand
EM signals of the type GW150914 and GW150914-GBM.

For the BHBH-disk model to explain the GW150914-GBM
event, the following minimum set of requirements must be
met: (i) the accretion rate has to be high enough to explain
to observed luminosity, (ii) the densities have to be
sufficiently low for “dynamical friction” not to alter the
BHBH inspiral and hence the waveforms, and (iii) the
model has to explain why Fermi GBM did not see any EM
signal before merger.
Point (i) is trivial to account for within the BHBH-disk

models described here, utilizing our allowed scale freedom.
We scale the BHBH ADM mass in our simulations to
correspond to the event GW150914, i.e., 65 M⊙.
Therefore, the individual BH masses become MBH;1 ¼
36 M⊙, and MBH;2 ¼ 29 M⊙. In addition, we scale the
maximum rest-mass density in the disk so that the
EM luminosity in our models matches the inferred equiv-
alent isotropic luminosity of ∼1.8 × 1049 erg s−1 for the
GW150914-GBM event [18], assuming a beaming angle
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twin jets merge more tightly and the inner disk edge flows
inward, both helping to collimate the outflow further. After
merger a single incipient jet onto the remnant black hole
forms (fourth and fifth rows in Fig. 3).

B. Accretion rates

We compute the accretion rate through the black hole
apparent horizons via Eq. (A11) of [72]. Figure 5 shows
the accretion rate of all cases as a function of time,
along with the outgoing Poynting luminosity. Also shown
is the gravitational waveform. The accretion rate reaches a

quasisteady state at t/M ∼ 1500 for all cases, and the
average accretion rate remains approximately constant
for the next 1000M of evolution, consistent with the system
being in the predecoupling phase, as anticipated. During
this phase a Fourier transform indicates that the accretion
rate exhibits a periodicity at periods equal to 202, 210 and
202M for cases A–C, respectively. These periods equal
≃0.8P, where P is the average orbital period, P ≃ 250M,
which we determine from the GWs during this predecou-
pling epoch. Notice that the dominant period in the
accretion rate being smaller than the binary orbital period

FIG. 3. Volume rendering of rest-mass density, normalized to its initial maximum value ρ0;max (see color coding), magnetic field lines
(solid white curves), and velocity vectors (green arrows) at select times during the inspiral, merger and postmerger. Case A corresponds
to the left column, case B to the middle column, and case C to the right column.
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• Non-Spinning BHs;

• Survey over disk size and ang. mom. distribution;


Accretion rate is universal over these timescales;

All lead to similar post-merger Poynting luminosities


The other work shows little dependence on mass-ratio, insignificant 
lumps, and small differences on cooling rate, likely because these 
short-duration simulations are only sensitive to the amount of gas 
accreted in transient phase of evolution before disk equilibrates. 



3.3. Jet Luminosities and Temperatures

We find that jets are launched from both spinning and
nonspinning systems as illustrated in Figure 4, which shows a
3D rendering of the rest-mass density of the χ++ model with
white lines indicating the magnetic field lines anchored to the
black holes. The magnetic field lines are more twisted than in
the nonspinning cases we reported in earlier work (Gold et al.
2014a, 2014b; Khan et al. 2018)—a result of black hole spin.
This combined effect leads to a dual jet structure close to the
black holes that merge to form a single jet structure at larger
height.

We calculate the Poynting luminosity associated with the
collimated jet outflow on the surface of coordinate spheres S as

∮ ( )�L T dS
S

r
EM 0, EM , where ( )N

OT
, EM

is the EM stress-energy

tensor. �L MEM eq is the efficiency for converting accretion
power to EM jet luminosity, where �Meq is the time-averaged
accretion rate after the accretion rate has settled (t 1500M).
We plot the efficiency as a function of time in Figure 5 for the
χ00, χ++, and χ+- models. We note that it takes time for the
outflow to develop and propagate out the EM luminosity
extraction radius of 150M, which is why although the flow
around the black holes can relax, it takes longer for the EM
luminosity to relax. The evolution of the χ−− model was long
enough for the accretion rate to relax, but not long enough for
the EM luminosity to do so. As a result we do not include this
model here. The figure clearly demonstrates that spin plays a

Figure 1. Rest-mass density in the equatorial plane for the χ+− model. A persistent minidisk quickly forms around the χ1 = +0.75 black hole, but no disk forms
around the χ2 = −0.75 black hole. The Hill spheres (black dashed circles) and the ISCO radii (white circles) are shown around each black hole (assuming each BH
was in isolation). For the χ1 = +0.75 black hole the Hill sphere is significantly larger than the ISCO, but for the χ1 = −0.75 they are more comparable in size.

Figure 2. Comparison of the rest-mass density in the equatorial plane for χ– (left panel) and χ++ (right panel), taken following completion of five orbits in both cases.
Persistent minidisks are seen only in the χ++ case as the Hill sphere (black dashed circles) is significantly larger than ISCO radius (white circles).
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binary inspirals it will reach a threshold where rHill; rISCO and
persistent minidisks will no longer be able to exist and will
“evaporate” because the tidally stripped accretion streams from
the circumbinary disk are accreted on a short dynamical
timescale as they plunge into the black hole following ISCO
crossing. This leads to more complicated variability in the mass
accretion rate until merger and any EM signature associated
with persistent minidisks is expected to become fainter. Note
that the onset of this transition depends on black hole spin
(through the ISCO radius). We term this anticipated dimming
of EM emission from minidisks “minidisk evaporation” and
expect it to be an inevitable outcome, that is qualitatively
robust even for different magnetic field strengths, topologies or

initial torus parameters (quantitative measures such as minidisk
accretion rates may well depend on the details). Following
minidisk evaporation toward the late stages of the inspiral, the
qualitative evolution then proceeds in accord with our
previously obtained results (Farris et al. 2012; Gold et al.
2014a, 2014b; Khan et al. 2018). Our simulations also suggest
that black hole binaries with prograde spin maintain minidisks
for a longer timescale than nonspinning and retrograde spin
black holes.
These findings could in principle serve as a new diagnostic

to probe black hole spins observationally when combined with
information from the gravitational wave signal. In particular,
when LISA is operating or in the event that Pulsar Timing
Arrays detect an individual supermassive black hole binary, the
merger time can be predicted from the gravitational wave
signal. Therefore, the difference of merger time to the time
when the minidisk signature fades away should open a new
avenue to probe black hole spins observationally. For this
strategy to work out additional source modeling and better
predictions from theory will be invaluable. Our work here has
shown that when rHill? rISCO, minidisks can form, but
additional studies to probe the epoch of minidisk evaporation
where rHill rISCO will be important to make this a viable and
useful diagnostic.
In addition to the minidisk dynamics here we also found that

jets arising from circumbinary accretion onto binary black
holes toward the late stages of the inspiral are significantly
more powerful when spinning black holes (even with
moderately high dimensionless spin of χ= 0.75) are involved.
With proper theoretical modeling this finding also paves a new
way to probe black hole spin from future EM jet observations
of these systems.
Finally, apart from the observational implications, our results

have important consequences for future relativistic simulations

Figure 4. 3D view showing rest-mass density (color coded) for the χ++ model and magnetic field lines (white) anchored on the black hole horizons. Twin jets are
visible above and below each black hole (see inset for a zoomed-in view). The black spheres indicate the resolved black hole apparent horizons in our simulations.

Figure 5. The efficiency for converting accretion power to EM luminosity
�L MEM eq as a function of time. Here LEM is the Poynting luminosity and �Meq is

the average total rest-mass accretion rate for each model after t = 1500M when

the accretion rate has settled, and ( ):xM 5 M

M106 s.
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• Spinning BHs;


• Larger rHill/rISCO lead to larger mini-
disks;


Spins and larger mini-disks yield 
larger Poynting luminosities;


Mini-disks evaporate prior to merger;
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• Radiative efficiences are only significant for large magnetic fields;


• Wavelength of the emission is same as gravitational wave, so very long;


• Not clear how EM flux is reprocessed to be observable, or maybe use LOFAR?
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As one step towards a systematic modeling of the electromagnetic (EM) emission from an inspiralling

black hole binary we consider a simple scenario in which the binary moves in a uniform magnetic field

anchored to a distant circumbinary disc. We study this system by solving the Einstein-Maxwell equations

in which the EM fields are chosen with strengths consistent with the values expected astrophysically and

treated as test fields. Our initial data consists of a series of binaries with spins aligned or antialigned with

the orbital angular momentum and we study the dependence of gravitational and EM signals with different

spin configurations. Overall we find that the EM radiation in the lowest ‘ ¼ 2,m ¼ 2multipole accurately

reflects the gravitational one, with identical phase evolutions and amplitudes that differ only by a scaling

factor. This is no longer true when considering higher ‘ modes, for which the amplitude evolution of the

scaled EM emission is slightly larger, while the phase evolutions continue to agree. We also compute the

efficiency of the energy emission in EM waves and find that it scales quadratically with the total spin and

is given by Erad
EM=M ’ 10"15ðM=108M$Þ2ðB=104GÞ2, hence 13 orders of magnitude smaller than the

gravitational energy for realistic magnetic fields. Although large in absolute terms, the corresponding

luminosity is much smaller than the accretion luminosity if the system is accreting at near the Eddington

rate. Most importantly, this EM emission is at frequencies of &10"4ð108M$=MÞ Hz, which are well

outside those accessible to astronomical radio observations. As a result, it is unlikely that the EM emission

discussed here can be detected directly and simultaneously with the gravitational-wave one. However,

indirect processes, driven by changes in the EM fields behavior could yield observable events. In

particular we argue that if the accretion rate of the circumbinary disc is small and sufficiently stable

over the timescale of the final inspiral, then the EM emission may be observable indirectly as it will alter

the accretion rate through the magnetic torques exerted by the distorted magnetic field lines.

DOI: 10.1103/PhysRevD.81.064017 PACS numbers: 04.30.Db, 95.30.Sf, 97.60.Lf

I. INTRODUCTION

Gravitational-wave (GW) astronomy promises to revo-
lutionize our understanding of a number of astrophysical
systems. Several Earth-based detectors (LIGO, Virgo,
GEO) are already operating at their designed sensitivities
and will be further upgraded in the coming years.
Additionally, space-borne detectors are being considered
and might become a reality in the coming decade. The
ability to harness the information carried by GWs will soon
provide a completely new way to observe the universe
around us. These detectors, along with increasingly sensi-
tive electromagnetic (EM) telescopes, will provide insights
likely to affect profoundly our understanding of fundamen-
tal physics and the cosmos (see e.g. [1,2] for a recent and
detailed discussions of the astrophysics and cosmology
that will be possible with the detection of GWs)

Among the most promising sources of detectable GWs
are systems composed of binary black holes which, as they
come together and merge, radiate copious amounts of
energy in the form of gravitational radiation. When these

black holes are supermassive, with masses M * 106M$,
the cosmological and astrophysical conditions leading to
their formation will be such that prior to the merger they
will be surrounded by a gas or plasma that could also
radiate electromagnetically. Indeed, within the context of
galaxy mergers, such a scenario will typically arise as the
central black hole in each of the colliding galaxies sinks
towards the gravitational center, eventually forming a bi-
nary. In such a process, the binary will generically find
itself inside a circumbinary disc which might be a catalyst
of observable emissions as it interacts with the black holes
[3–5]. Within this context, several possibilities are actively
being investigated. Among these, several studies have
(with varying degrees of approximations) concentrated
on understanding emissions by the disc due to the interac-
tion with a recoiling, or a mass-reduced final black hole [6–
11] and remnant gas around the black holes [12–15].
A further intriguing possibility for such interaction is

through EM fields and, in particular, through the gravito-
magnetic deformation of magnetic fields, anchored to the
disc, around the central region where the black holes

PHYSICAL REVIEW D 81, 064017 (2010)

1550-7998=2010=81(6)=064017(16) 064017-1 ! 2010 The American Physical Society

Mösta, Palenzuela, Rezzolla, Lehner, Yoshida, and Pollney, PhRvD, 81, 064017, (2010).

smaller because the total spin is antiparallel to the orbital
angular momentum) and thus it has been evolved from a
larger initial separation D ¼ 10M; all the other binaries
have the same initial separation D ¼ 8M. A closer inspec-
tion of Fig. 7 reveals that the amplitude evolution of the
‘ ¼ m ¼ 2 mode for the different spin configurations dif-
fers when compared in the two channels. As an example,
while in the GW channel the amplitude in the ‘ ¼ 2, m ¼
2 mode decreases when going from the r0 configuration
over to the s0 and s"6 configurations, the amplitude re-
mains nearly constant in the EM channel. This reveals that
there are additional contributions in the EM emission
coming from the higher-order modes (see Fig. 9 and the
discussion below)

To further evaluate the correlation between the EM and
the gravitational radiation, we now turn our attention to the
amplitude and phase evolution of the main contributing
spherical harmonic modes. Since radiated energy fluxes are

given by !2 and the time integral of "4 we here compare
!2 with ~"4 #

R
t
1"4dt

0. For briefness we only highlight
the results obtained for the s6 configuration, since this
shows the highest amount of energy being radiated in
both EM and GWs, and because our remarks apply also
to the other configurations. Since the main contributions to
the radiated energy in the EM channel arise from the ‘ ¼
2, 3, 4, m ¼ 2 modes, we limit our analysis in this section
to those modes only. In order to obtain a better under-
standing of the correlation in the radiation coming from the
two channels, we analyze the amplitude and phase of the
main contributing modes individually. Figure 8 shows the
amplitude and phase evolution of the ‘ ¼ 2, 3, m ¼ 2
modes in both channels. Clearly, the ‘ ¼ m ¼ 2 modes
show the same phase evolution (cf. the left panels) in the
two forms of radiation, as expected given that the EM
emission is essentially driven by the orbital motion of the
binary. Furthermore, the amplitude evolution in the ‘ ¼ 2,

FIG. 7 (color online). Left panel: GWs as computed from the (2, 2) mode of "4 for the different binaries reported in Table I. Right
panel: The same as in the left panel but for the EM waveform as computed from !2.

FIG. 6 (color online). Electric (red/magenta) and magnetic-field lines (gray) in 3D for the s6 binary during inspiral when both black
holes are still far separated at time t ¼ 328M (left panel), and after the merger at t ¼ 690M (right panel).
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A similar behavior is found for lower-order modes such as
the ‘ ¼ 4,m ¼ 2 one but is not reported here for compact-
ness. Overall, these results suggest that although the main
(and lowest-order) contribution to the EM emission does
indeed come as a result of the dragging of the EM fields by
the orbital motion of the binary, additional contributions
arise from higher-order modes which are not directly re-
lated to the orbital motions. These are likely to be the result
of the complex interactions among the EM fields, dis-
cussed in Fig. 5 and whose investigation, although of great
interest, goes beyond the scope of this paper.

Another interesting quantity to consider in our analysis
is the energy carried away from the systems in the two
emissions, which can be computed by using Eqs. (27) and
(28), where we have taken into account modes up to ‘ ¼ 4.
Despite the differences between the EM and gravitational
waves discussed already, when looking at the emission in
the lowest-order modes that can be associated to the differ-
ent multipolar decomposition of the two emissions (cf.
Fig. 7), we find that the overall energy fluxes are extremely
similar and differ essentially only by a constant (but large)
factor. This is shown in Fig. 9 which reports both the GW
(left panel) and the EM radiated energy fluxes (right panel)
when integrated over a sphere located at r ¼ 100M for all
the binary sequences considered here. Once again, the fact
that FEM basically mimics FGW, underlines that the emis-
sion in the EM channel is intimately tied to the emission in
GW, so that the observation of one of the two would lead to
interesting information also about the other one. As a final
comment it is worth noting that although the energy fluxes
from the binaries s0 and r0 show a different evolution, the
total emitted energy, namely, the area under the curves, is
extremely similar and is reported in Table II. This provides
yet an additional confirmation of the results already pre-
sented in Refs [38,41–43,54] for binaries with aligned

spins and yields further support to the conjecture that
when the initial spin vectors are equal and opposite and
the masses are equal, the overall dynamics of the binary is
the same as that of the corresponding nonspinning binary.

VI. ASTROPHYSICAL DETECTABILITY

As discussed in the previous sections, the EM and GW
radiation are tightly coupled and evolve on exactly the
same timescales and with the same spectral distribution
in frequency. The rates of loss of energy and angular
momentum, however, are very different. This is summa-
rized in Table II which reports the total energy radiated
during the inspiral and merger in either EM waves or GWs
(i.e., Erad

EM=M, Erad
GW=M) and the angular momenta radiated

in GWs (i.e., JradGW=M
2). From the values obtained, two

interesting observations can be made. The first one is that
the radiated EM energy is higher for binaries which lead to
a more highly spinning final black hole. This is a conse-
quence of these binaries merging with increasingly tighter
orbits and at higher frequencies, which leads to stronger
EM and GW fluxes. The second one has already been
mentioned in the previous Section and reflects the fact
that the binaries r0 and s0 lead to the same energy emission

TABLE II. Relative emitted energies in EM waves and GWs
(Erad

EM=M, Erad
GW=M, respectively), and emitted angular momen-

tum in GWs (JradGW=M2), for the magnetic field B0M ¼ 10"4.

model Erad
EM=M Erad

GW=M JradGW=M2

s"6 1:562E" 7 0.0243 0.216
r0 2:040E" 7 0.0357 0.213
s0 2:055E" 7 0.0354 0.243
s6 3:412E" 7 0.0590 0.380

FIG. 9 (color online). The total energy flux per unit solid angle in terms of GW waves (left panel) and of EM waves (right panel);
clearly they differ only up to a scaling factor. The different lines refer to the different binaries reported in Table I.
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• Ergoregion —> Jets or rather Blandford-Znajek processThe role of the ergosphere in the BZ process 1305

Figure 1. Rotating star and black hole. Magnetic field line components in the plane x = 0 after the quasi-stationary state is reached, corresponding to the
space–time with an ergosphere (left-hand panel) and to the black hole (right-hand panel). The vertical lines indicate the poloidal component, while the blue–red
colours indicate the strength of the component normal to the plane. The structures of these two components of the magnetic field for both cases, star and black
hole, are quite similar to each other. The surface of the star is plotted as a black ellipsoid, while the ergosphere is plotted in red.

Figure 2. Rotating stars and black hole. Induced charge density (in red–blue colours) and the poloidal currents (in vectors) on the plane x = 0 at the
quasi-stationary state, corresponding to the same cases as in Fig. 1. The surface of the star is plotted in black and the ergosphere is shown in red lines.

oscillations that relax after a very short time-scale. During this re-
laxation, which seems to be more relevant as the compactness of the
star increases, there is an important isotropic emission of energy.
When the stationary state is reached, all the magnetic fields from the
region occupied by the star are twisted in the same direction as its
angular momentum (in the z > 0 domain). The currents in this case
are composed of an outflow external cylinder and an inflow inner
one. There is also a current sheet where B2 ! E2 in the intersection
of the ergosphere with the equatorial plane, similar to the one that
appears in the black hole case (Komissarov 2004; Palenzuela et al.
2010a).

The black hole simulation, on the other hand, relaxes to the
stationary state in a shorter time-scale than the above case. The final
state resembles the solution corresponding to the regular space–time
with an ergosphere, displaying an analogous structure of magnetic
fields, currents and charge densities. This clearly indicates that the
BZ mechanism acting on the space–times with an ergosphere is
basically the same as in the black hole case.

The poloidal structure of the magnetic fields is almost identical
in all the simulations, showing that the magnetic flux threading the
space–time occupied by the compact object is basically the same.
The luminosity, evaluated in a sphere located at R ≈ 10 re for the
stars, and conveniently rescaled for the black hole, is displayed in
the left-hand panel of Fig. 3 for all the simulations. The luminosity
increases very fast as the compactness of the star increases, although
it does not reach the high values of the black hole case.

This smoothness is also found in the angular velocity of the
magnetic field, shown in the right-hand panel of Fig. 3, where !

has been normalized with respect to the central maximum value
ωc for the stars, and with respect to !H for the black hole. As
mentioned before, the angular velocity ! is confined to a small
cylinder, showing that the jet is collimated to the region occupied
by the compact object. The fast growth of the maximum of this
quantity as a function of the compactness of the star can be fitted
accurately in this regime to an exponential function, as shown in
the left-hand panel of Fig. 4. The luminosity for the different cases
can also be represented as a function of the compactness, showing
roughly also an exponential dependence in the right-hand panel of
Fig. 4.

From our numerical results, we have found the following scaling
relations for the angular velocity !,

!/ωc ≈ A eλM/R, (45)

and for the ratio of poloidal and toroidal components of the magnetic
field

Bφ ≈ −f !Br, (46)

with f ≈ 1/5 for the space–time with an ergosphere. Note that these
estimates contain large sources of error, since they both neglect the
details of the space–time geometry and the azimuthal dependence
of these quantities. Nevertheless, they can be used to study the
behaviour of the solution in different limits and to obtain the correct
order of magnitude of the luminosity. By using the line element of
our initial data (equation 38), the energy flux density (equation 31)
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Figure 18. Meridional plot of a time average Poynting scalar for BH1 in S06 (left) and in S0 (right). The black hole is at x ⇠ 10M and
the center of mass is at x = 0M . The red lines represent the division between bound and unbound material, while the dot-dashed white
lines represent the magnetically dominated material.

Figure 19. Evolution of the total Poynting flux measured in the
BH frame (dashed lines) and in the (inertial) center of mass frame
at 100 M(solid lines) for both S06 and S0. For the center of mass
fluxes, we use the retarded time t� r/hvi to account for the delay.

waves by LISA or pulsar timing arrays (PTA) remains at
least a decade into the future. Nevertheless, upcoming
wide-field surveys such as the Vera C. Rubin Observa-
tory, SDSS-V, and DESI, may discover many SMBBH
candidates through their electromagnetic emission.

In order to confirm the presence of a SMBBH, we need
to build accurate models and predictions of their elec-
tromagnetic signatures. Our GRMHD simulations will
be useful for this purpose: as a next step, in Gutiérrez
et al. (2021), we use these simulations to extract light
curves and spectra using ray-tracing techniques (Noble
et al. 2007; d’Ascoli et al. 2018) with di↵erent radiation
models and di↵erent masses. The results in this paper

Figure 20. Time average of Poynting scalar P projected on a
sphere of radius 60 M for spinning (left sphere) and non-spinning
(right sphere) for unbound elements of fluid.

constitute the foundations to interpret the underlying
physics of those predictions.

Circumbinary and mini-disk accretion onto an equal-
mass binary system has been largely studied in the past
in the context of 2D ↵�viscous simulations. These simu-
lations are particularly good for analyzing the very long-
term behavior of the system, evolving sometimes for 1000
orbits. Close to the black holes and at close separations,
however, the inclusion of 3D MHD and accurate space-
time dynamics becomes necessary in order to describe the
proper mechanisms of accretion and outflow. 2D ↵�disk
simulations are not able to include spin e↵ects and most
of them do not include GR e↵ects (see, however, Ryan
& MacFadyen (2017)). On the other hand, in this work
we analyze the balance of hydro accretion from the cir-
cumbinary streams and conventional accretion from the

Combi, Lopez Armengol, Campanelli, Noble, Avara, Krolik, and Bowen, 
arXiv:2109.01307, (2021).

Combi, Armengol, Campanelli, Ireland, Noble, Nakano, and 
Bowen, PhRvD, 104, 044041, (2021).

From Boosted Kerr GRMHD+mini-disk simulations:

where

cosðθBLÞ≡ zH
rBL −M

; ðA4Þ

and rBL ¼ rðxH; yH; zHÞ is calculated from Eq. (4). From
these expressions, we can derive parametric equations for
the horizons and ergosphere in harmonic coordinates:

rHE ¼ M
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
1 − χ2ð2 cos2ðθBLÞ − 1Þ

q
; ðA5Þ

rHþ ¼ M
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
1 − χ2 cos2ðθBLÞ

q
: ðA6Þ

From Eq. (A4), we observe that the harmonic coordi-
nates become singular at rBLS ¼ M, which means that there
is a disk singularity at zH ¼ 0 with radius given by:

rHS ¼ Mχ: ðA7Þ

The radius of the horizon in harmonic coordinates shrinks
at the poles as χ increases, while the radius of the horizon at
z ¼ 0 is fixed at rHþðz ¼ 0Þ ¼ M for any value of the spin.
Then, the distance between the singularity and the horizon at
z ¼ 0 shrinks with increasing spin as δH ≔ Mð1 − χÞ.
In contrast, in Kerr-Schild coordinates, the horizon is further
away from the singularity, with a separation of δKS ≔

δH þMgðχÞ, where gðχÞ ≔
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
2þ 2

ffiffiffiffiffiffiffiffiffiffiffiffiffi
1 − χ2

pq
− 1 > 0 (see

Fig. 12).

To avoid any spurious effect of the inner boundary of
the domain, it is usually placed inside the horizon to mask
the singularity of the spacetime. In this way, the coor-
dinates must be horizon penetrating and the singularity
should be sufficiently far from the horizon. In this
regard, the Kerr-Schild coordinate system is more con-
venient than harmonic coordinates since the distance δKS
is bigger than δH. For performing high-spin simulations
with the harmonic coordinates, one could artificially
remove the singularity by implementing a modification
of the metric inside the horizon, e.g., modifying the
function rBLðxHÞ.
Note that the Cartesian Kerr-Schild coordinates used

here are not the usual coordinates that accretion disk
theorists call ‘Kerr-Schild’ [117,118]. The “accretion-disk
Kerr-Schild” coordinates are a modification of the BL
coordinates that renders the metric horizon-penetrating
but maintains the singularity at rAKS ¼ rBL ¼ 0. The
“Cartesian Kerr-Schild” coordinates that we use here are
more common in numerical relativity and appears in the
original work of Kerr [90,119].
Finally, let us note that our spacetime contains moving

BHs, boosted with respect to the asymptotically flat region.
This means that the morphology of the ergosphere would
be different from a static BH and these differences can be
significant for high velocities. As discussed in Ref. [93],
even a nonspinning BH acquires an ergosphere when the
BH is boosted. In the case of a spinning BH, we can see
from Fig. 12 that the ergosphere increases when the BH has
higher velocities.

FIG. 12. Left: ergosphere region of Kerr BH with spin χ ¼ 0.9 for Kerr-Schild coordinates (blue) and harmonic coordinates (orange).
Note that the surfaces in harmonic coordinates are more oblique compared with the Kerr-Schild coordinates. The radius of the
singularity (green) is the same for both coordinate systems. Right: ergosphere regions for a x-boosted harmonic Kerr BH with spin
χ ¼ 0.9 for different velocities (v=c ¼ 0, 0.1, 0.5, 0.9). The horizon (red) and singularity (green) are the same in each case, but the
ergosphere region increases with increasing velocity.
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FIG. 11. Evolution of the z component of the Poynting vector (code units) on the xz plane for the B2S3 configuration. The snapshots were
taken, respectively, after ⇠1 orbit, after ⇠8 orbits and ⇠ 300 M after the merger.
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models, extracted on a coordinate sphere of radius R = 30M . The dotted lines mark the merger times for the non-spinning (magenta), a = 0.3
(blue), a = 0.6 (green) configurations.

magnetized simulations develop strong flows of electromag-
netic energy in the form of Poynting flux; the Poynting flux
luminosity can be computed as a surface integral across a two-
sphere at a large distance (see Appendix A):

LPoynt ⇡ lim
R!1

2R2

r
⇡

3
S
z
(1,0) (37)

where S
z
(1,0) is the dominant (l,m) = (1, 0) spherical mode

of the Poynting vector (Eq. (24)). Following the evolution
of LPoynt helps us measuring the amount of potential emis-
sion on time scales comparable to the merger time. To this ex-
tent, we extract the luminosity on a coordinate sphere of radius
Rext; we set the extraction radius at Rext = 30M as was done
in Ke17 (in Gi12, extraction was carried out at Rext = 10M ,
but the initial binary separation was ⇠30% smaller than in our
simulations). This choice allows us to avoid spurious effects

due to the orbital motion of the BHs.
In Fig. 11 we show the evolution of the z component of the

Poynting vector on the polar plane xz for the B2S3 configura-
tion. As in the simulations of Gi12- Ke17, the Poynting flux
emission in our simulations is largely collimated and parallel
to the orbital angular momentum and to the spin of the post-
merger BH. In Fig. 12 we display the Poynting flux luminosity
computed for each of the 6 magnetized models. On the left,
we show the B1 configurations, i.e. those with �

�1
0 = 0.025;

on the right the B2 configurations, with �
�1
0 = 0.31. The val-

ues of LPoynt are in units of L0 ⌘ 2.347 ⇥ 1043⇢�11M
2
6 erg

s�1 (see Appendix B). The values of LPoynt which we observe
are consistent with the EM power generated by the Blandford-
Znajek [70] mechanism [see, e.g., Eq. (4.50) in 76]:

LBZ ⇠ 1043 erg s�1 (a)2
✓

M

106 M�

◆2 ✓
B

106 G

◆2

(38)
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magnetized simulations develop strong flows of electromag-
netic energy in the form of Poynting flux; the Poynting flux
luminosity can be computed as a surface integral across a two-
sphere at a large distance (see Appendix A):

LPoynt ⇡ lim
R!1

2R2

r
⇡

3
S
z
(1,0) (37)

where S
z
(1,0) is the dominant (l,m) = (1, 0) spherical mode

of the Poynting vector (Eq. (24)). Following the evolution
of LPoynt helps us measuring the amount of potential emis-
sion on time scales comparable to the merger time. To this ex-
tent, we extract the luminosity on a coordinate sphere of radius
Rext; we set the extraction radius at Rext = 30M as was done
in Ke17 (in Gi12, extraction was carried out at Rext = 10M ,
but the initial binary separation was ⇠30% smaller than in our
simulations). This choice allows us to avoid spurious effects

due to the orbital motion of the BHs.
In Fig. 11 we show the evolution of the z component of the

Poynting vector on the polar plane xz for the B2S3 configura-
tion. As in the simulations of Gi12- Ke17, the Poynting flux
emission in our simulations is largely collimated and parallel
to the orbital angular momentum and to the spin of the post-
merger BH. In Fig. 12 we display the Poynting flux luminosity
computed for each of the 6 magnetized models. On the left,
we show the B1 configurations, i.e. those with �

�1
0 = 0.025;

on the right the B2 configurations, with �
�1
0 = 0.31. The val-

ues of LPoynt are in units of L0 ⌘ 2.347 ⇥ 1043⇢�11M
2
6 erg

s�1 (see Appendix B). The values of LPoynt which we observe
are consistent with the EM power generated by the Blandford-
Znajek [70] mechanism [see, e.g., Eq. (4.50) in 76]:

LBZ ⇠ 1043 erg s�1 (a)2
✓

M

106 M�
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B

106 G

◆2

(38)
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FIG. 9. Rate of mass loss Ṁ to accretion into the black hole
horizons.

FIG. 10. LPoynt, the Poynting luminosity, for the d = 14.4M
configuration considered in Table III; extraction of the mode
is on a coordinate sphere of radius 30M . The merger time is
marked by a dashed vertical line.

isotropic form of exact Kerr [88]) with parameters chosen
consistent with the end-state black hole observed after
merger: mKerr = 0.97M , a/mKerr = 0.69.
In Fig. 11 we again show LPoynt at R = 30M , but for

simulations beginning at times ranging from about 200M
to 5400M before merger. For convenience, we show the
merger time of each configuration as a dashed line of
the same color. While we generally see the same set
of features for each simulation, the time delay between
features (b) and (d) shrinks as the inspiral duration be-
comes shorter. The timing of features (a) and (b) indi-
cates that they can have no dependence on the merger
of the binary, in contrast to the conclusion drawn from

TABLE II. Bowen-York parameters of the numerical config-
urations used. The holes are non-spinning, and are initially
separated in the x direction. Our canonical configuration is
shown in bold face.

run name d(M) mp Ptang(M) Prad(M)

X1 d16.3 16.267 0.4913574 0.07002189 -0.0002001

X1 d14.4 14.384 0.4902240 0.07563734 -0.0002963

X1 d11.5 11.512 0.4877778 0.08740332 -0.0006127

X1 d10.4 10.434 0.4785587 0.0933638 -0.00085

X1 d9.5 9.46 0.4851295 0.099561 -0.001167

X1 d8.4 8.48 0.483383 0.107823 -0.0017175

X1 d6.6 6.61 0.4785587 0.1311875 -0.0052388

TABLE III. Time of merger tmerge for each binary configu-
ration. As time of merger depends on resolution, we include
resolution information for each case. Our canonical configu-
ration is shown in bold face.

run name dx(M) tmerge(M)

X1 d16.3 1/48 5380

X1 d14.4 1/48 3514

1/56 3651

1/72 3797

X1 d11.5 1/48 1549

1/56 1584

1/72 1572

X1 d10.4 1/48 1054

1/72 1066

X1 d9.5 1/48 681

X1 d8.4 1/48 451

1/56 451

X1 d6.6 1/48 208

FIG. 11. LPoynt for the configurations considered in Table III;
extraction of the mode is on a coordinate sphere of radius 30M
for each case. Merger times for each binary are marked by
dashed vertical lines. (1LPoynt = 5.867⇥1044⇢-13M

2

8 erg s�1.)
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contribution from the magnetic field, and in the other
case on the electron density and temperature. As can be
seen in Fig. 3, the gas forms two very small, thin disks
with magnetically dominated cavities above and below
each black hole. From this picture alone, it is not clear
where most of the synchrotron flux might originate.

However, when comparing the three panels of Fig. 17,
we see that the gas contribution is almost uniformly dis-
tributed, and even the thin disks evident in Fig. 3 are
almost indiscernible when all the relativistic ray-tracing
is included. The reason for this is two-fold. First, the
disks are quite small in extent, and the gas is moving
almost entirely radially, so the emitted flux is beamed
into the horizon, and thus the disks themselves are not
clearly visible in the ray-traced image. Second, the over-
density of gas in the disks is only a factor of a few or
at most ten greater than the background density. On
the other hand, in the funnel regions, B2 can be more
than four orders of magnitude greater than the ambient
or initial pressure, yielding much more significant spatial
variations. Thus the synchrotron image (top panel) most
closely traces the magnetic field, with a slight enhance-
ment of emission where the gas density and temperature
rise near the black holes.

FIG. 18. Bolometric luminosity generated in the region
r < 30M for the X1 d14.4 configuration, assuming the canon-
ical initial density ⇢0 = 10�13 g cm�3. We model local syn-
chrotron emissivity, also showing the development of two con-
tributing components as described in the text.

In Fig. 18 we show the light curve generated by syn-
chrotron emission along with analogous traces computed
from the density and magnetic-field components for the
X1 d14.4 configuration. To calculate these curves, mil-
lions of photons must be launched at each time step, so
for e�ciency’s sake, we use a relatively coarse time sam-
pling of 200M . We only consider emission from inside
r < 30M , consistent with the Poynting flux extraction
radius.

Figure 18 shows that, unlike the Poynting flux, the lo-

cally generated EM power is nearly constant throughout
the inspiral leading up to merger. There is a small burst
of luminosity preceding merger, followed by a dip of al-
most 50% for the synchrotron light curve, but the other
models show almost no discernible sign of the merger
at all. The dip is caused by the sudden expansion of the
horizon volume at merger, rapidly capturing the gas with
the highest temperature and magnetic field.
Another curious result of the Pandurata calculation is

that, for a single snapshot, there is very little di↵erence in
the flux seen by observers at di↵erent inclination angles
or azimuth (of order ⇠ 10%), suggesting that variability
in the EM light curves on the orbital time scale will be
minimal.
In principle, Pandurata can also be applied to study

the spectra of EM emissions including e↵ects, such as
inverse-Compton scattering as photons interact with hot
atmospheric plasma, that have been found to be impor-
tant in modeling black hole accretion disk spectra [98].
Our present simulations, however, do not provide a re-
alistic treatment of atmospheric densities and tempera-
tures. Future studies with more detailed physics may
reveal more interesting time development in spectral fea-
tures of the emission.
The above simplifications and caveats mean that we

cannot make robust statements about the observability
of direct emission. However, based on our optically thin
synchrotron emission model, the direct emission luminos-
ity is orders of magnitude lower than that of the Poynt-
ing flux. In addition, the synchrotron flux is roughly
isotropic, while significant beaming is observed in Poynt-
ing flux. There is no contradiction in these measures;
Poynting luminosity may manifest as photons far down-
stream from the GRMHD flows, whereas these direct
emission estimates originate in regions of high fluid den-
sity and magnetic field strength in strong-gravitational-
field zones.
When comparing these direct emissions with results

from circumbinary disk simulations, the most similar
simulation is in [53, 54]. They estimated a form of di-
rect emission, derived from a cooling function based on
hydrodynamic shock heating. The implied cooling lu-
minosity was more than an order of magnitude larger
than the Poynting luminosity, while our results sug-
gest that Poynting luminosity is larger than direct syn-
chrotron emission, at least for the canonical density of
10�13 g cm�3. We have not incorporated a similar cool-
ing function for a more direct comparison, though we
note that our gas does not exhibit strong shocks.

V. CONCLUSIONS AND FUTURE WORK

To deepen our understanding of the interplay of grav-
ity, matter, and electromagnetic forces in the vicinity of a
merging comparable-mass black-hole binary, we have car-
ried out a suite of equal-mass non-spinning BBH merger
simulations in uniform plasma environments. We con-
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show the state of the evolved (squared) magnetic field
strength b2 1100M after merger, evaluated on the x-z plane.
As seen in the top panel, b2 is greatly amplified at and near
the polar axis of the post-merger hole. The lower panel
shows that this region is dominated by magnetic pressure.
This region shares some features of a relativistic jet, as both
are magnetically dominated and contain a helical magnetic
field structure. We show in Fig. 8 that the structures we
observe yield a strong Poynting flux directed outward. As
with our disk however, through the course of these
simulations the fluid flow through these jetlike structures
is predominantly inward-directed. Nonetheless, over longer
temporal and larger spatial scales and in plausible astro-
physical environments, the strong Poynting flux could
drive relativistic outflows and strong EM emissions. We

further explore this as a source of energy to eventually
power EM counterparts in the next section.3

FIG. 6. Magnetic field streamlines in the polar region, around
1100M after merger. The field lines are twisted into a helical
pattern, concentrated at the origin. This helical structure prop-
agates outward at the ambient Alfvén speed vAlf ¼ 0.07433,
replacing the initially vertical B fields (still visible at large z).

FIG. 7. Top panel: Magnetic field squared magnitude b2 about
1100M after merger for the high-resolution d ¼ 14.4M configu-
ration. Bottom panel: Magnetic-to-gas pressure ratio β−1 ≡
b2=2pgas for the same time and configuration.

3There is no direct contradiction between inward fluid flows
and outward Poynting flux. A simple expression relating Poynt-
ing flux to velocity is Lz

Poynt ¼ B2vz⊥, where v
z
⊥ ¼ vz − vz∥ is the

component of fluid velocity perpendicular to the magnetic field
lines. For a specified Poynting flux, the parallel component of
velocity vz∥ is not directly constrained and may be negatively
directed and large enough to overcome a positive vz⊥.
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Second, we also consider mechanisms for direct emission
from the fluid flows near the black holes, ignoring the
absorbing properties of matter farther out.
Our canonical configuration is an equal-mass BBH with

initial coordinate separation d ¼ 14.4M, initial fluid den-
sity ρ0 ¼ 1 in a polytrope with κ ¼ 0.2, Γ ¼ 4=3, and
initial magnetic field strength b0 ¼ 0.1. We present these
and derived parameters in Table I.

A. Large-scale structure of fluid and fields

We begin by presenting an overview of the major field
structures that develop through MHD dynamics during the

merger process, using our canonical case as a representative
example.
The canonical simulation begins about 3500M before

merger, with an initially uniform fluid and a uniform
vertical magnetic field. After some time the fluid has fallen
mostly vertically along the field lines, concentrating in a
nearly axisymmetric thin disk (h ≪ M) of dense material
about each black hole. Figure 3 shows a snapshot of
the fluid density ρ on the x-y (orbital) and x-z planes
during the late inspiral (about 1100M before merger) for
the d ¼ 14.4M configuration.
By late times, those disks have merged into a common

disk around the final, spinning black hole. The structure of
the post-merger disk is shown in Fig. 4, where we again
plot ρ on the x-y and x-z planes. By this time fluid has
fallen in to form a thin disk (h ≪ M) of dense material with
radius of 2–3 gravitational radii (the BH horizon radius is
approximately 1M here). Above and below the disk, gas is
largely excluded by magnetically dominated regions.
Focusing just on the x-y plane, the top panel shows that
some asymmetric structure persists long after merger.

FIG. 2. LPoynt for original WHISKYMHD run of [34] (black,
solid), compared with the new ILLINOISGRMHD runs for the
same initial separation (red, dashed). All luminosities have been
time-shifted by the time of merger for that run, and scaled to
reflect the canonical case in [34]: a plasma of uniform initial
density ρ0 ¼ 10−11 g cm−3 and magnetic field strength
B0 ¼ 3.363 × 104 G, in the vicinity of a black-hole binary of
total mass M ¼ 108 M⊙. An ILLINOISGRMHD simulation keep-
ing the polytropic coefficient κ fixed to its initial value every-
where (i.e., disabling shock heating) shows very similar behavior
(blue, dotted).

TABLE I. Initial parameters and derived quantities for the
canonical configuration: initial puncture separation d, puncture
mass mp, Bowen-York linear momentum components Ptang &
Prad, finest grid spacing dx, merger time tmerge, initial fluid
density ρ0, magnetic field strength b0, polytropic constant κ0,
fluid pressure p0, specific internal energy ϵ0, ratio of magnetic to
fluid energy density ζ0, specific enthalpy h"0, and ambient Alfvén
speed vAlf .

dðMÞ mp PtangðMÞ PradðMÞ dxðMÞ

14.384 0.4902240 0.07563734 −0.0002963 1=48

tmergeðMÞ ρ0 b0 κ0 p0 ϵ0 ζ0 h"0 vAlf

3514.333 1.0 0.1 0.2 0.2 0.6 5.0e-3 1.81 0.07433

FIG. 3. Fluid density ρ during inspiral at time t ¼ 2400M
(about 1100M before merger) for the d ¼ 14.4M configuration.
At this time the holes are centered at ðx; yÞ ≈%ð5.53M; 0.08MÞ.
The regions inside the BH horizons have been masked out. Note
that in all configurations the BHs are orbiting in a counter-
clockwise motion around the positive z axis
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In Fig. 18 we show the light curve generated by
synchrotron emission along with analogous traces com-
puted from the density and magnetic-field components for
the X1_d14.4 configuration. To calculate these curves,
millions of photons must be launched at each time step,
so for efficiency’s sake, we use a relatively coarse time
sampling of 200M. We only consider emission from inside
r < 30M, consistent with the Poynting flux extraction
radius.
Figure 18 shows that, unlike the Poynting flux, the

locally generated EM power is nearly constant throughout
the inspiral leading up to merger. There is a small burst of
luminosity preceding merger, followed by a dip of almost
50% for the synchrotron light curve, but the other models
show almost no discernible sign of the merger at all. The
dip is caused by the sudden expansion of the horizon
volume at merger, rapidly capturing the gas with the highest
temperature and magnetic field.
Another curious result of the PANDURATA calculation is

that, for a single snapshot, there is very little difference in

the flux seen by observers at different inclination angles or
azimuth (of order ∼10%), suggesting that variability in the
EM light curves on the orbital time scale will be minimal.
In principle, PANDURATA can also be applied to study the

spectra of EM emissions including effects, such as inverse-
Compton scattering as photons interact with hot atmos-
pheric plasma, that have been found to be important in
modeling black hole accretion disk spectra [101]. Our
present simulations, however, do not provide a realistic
treatment of atmospheric densities and temperatures.
Future studies with more detailed physics may reveal
more interesting time development in spectral features of
the emission.
The above simplifications and caveats mean that we

cannot make robust statements about the observability of
direct emission. However, based on our optically thin
synchrotron emission model, the direct emission luminos-
ity is orders of magnitude lower than that of the Poynting
flux. In addition, the synchrotron flux is roughly isotropic,
while significant beaming is observed in Poynting flux.
There is no contradiction in these measures; Poynting
luminosity may manifest as photons far downstream from
the GRMHD flows, whereas these direct emission esti-
mates originate in regions of high fluid density and
magnetic field strength in strong-gravitational-field zones.
When comparing these direct emissions with results from

circumbinary disk simulations, themost similar simulation is
in [55,56]. They estimated a form of direct emission, derived
from a cooling function based on hydrodynamic shock
heating. The implied cooling luminosity was more than an
order of magnitude larger than the Poynting luminosity,
while our results suggest that Poynting luminosity is larger
than direct synchrotron emission, at least for the canonical
density of 10−13 g cm−3. We have not incorporated a similar

FIG. 18. Bolometric luminosity generated in the region r <
30M for the X1_d14.4 configuration, assuming the canonical
initial density ρ0 ¼ 10−13 g cm−3. We model local synchrotron
emissivity, also showing the development of two contributing
components as described in the text.

FIG. 17. Snapshots from PANDURATA postprocessing of the
simulation data at a separation of 10M (about 1000M before
merger), viewed by an observer edge-on to the orbital plane. Top
panel: thermal synchrotron emission; middle panel: magnetic
contribution only (∝ B2); bottom panel: gas contribution only
(∝ ρT).
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• Survey over magnetization, find floor value (0.01) above which runs become similar;

• Poynting flux grows in time, reaching maximum post-merger; Synchrotron plunges at merger;

Kelly, Baker, Etienne, Giacomazzo, Schnittman, PRD 96, 123003 (2017)

LPoynt helps us measure the amount of potential emission on
timescales comparable to the merger time. To this extent, we
extract the luminosity on a coordinate sphere of radius Rext;
we set the extraction radius at Rext ¼ 30M as was done in
Ke17 (in Gi12, extractionwas carried out atRext ¼ 10M, but
the initial binary separation was approximately 30% smaller
than in our simulations). This choice allows us to avoid
spurious effects due to the orbital motion of the BHs.
In Fig. 11, we show the evolution of the z component of

the Poynting vector on the polar plane xz for the B2S3
configuration. As in the simulations of Gi12 and Ke17, the
Poynting flux emission in our simulations is largely
collimated and parallel to the orbital angular momentum
and to the spin of the postmerger BH. In Fig. 12, we display
the Poynting flux luminosity computed for each of the six
magnetized models. On the left, we show the B1 configu-
rations, i.e., those with β−10 ¼ 0.025; on the right, we show
the B2 configurations, with β−10 ¼ 0.31. The values of

LPoynt are in units of L0 ≡ 2.347 × 1043ρ−11M2
6 erg s−1

(see Appendix B). The values of LPoynt which we observe
are consistent with the EM power generated by the
Blandford-Znajek [73] mechanism (see, e.g., Eq. (4.50)
in Ref. [79]:
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The main difference between the B1 and B2 configurations
is the time at which the modes reach the extraction sphere at
30M. This is what we expected: both configurations evolve
a magnetic field which is initially “dynamically weak”; i.e.,
the inertia of the plasma is larger than the magnetic field
energy. The lower the value of β−10 (B1 configuration), the
stronger the initial magnetic field B0 must become in order
to surmount the fluid pressure. The development of a
stronger magnetic field requires more time; thus, a lower

FIG. 11. Evolution of the z component of the Poynting vector (code units) on the xz plane for the B2S3 configuration. The snapshots
were taken, respectively, after approximately one orbit, after approximately eight orbits, and approximately 300M after the merger.

FIG. 12. LPoyn (z components) in units of L0 ≡ 2.347 × 1043ρ−11M2
6 erg s−1 for the B1 (β−10 ¼ 0.025, left) and B2 (β−10 ¼ 0.31, right)

models, extracted on a coordinate sphere of radius R ¼ 30M. The dotted lines mark the merger times for the nonspinning (magenta),
a ¼ 0.3 (blue), and a ¼ 0.6 (green) configurations.
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Numerical Relativity + MHD Evolutions
Accretion in Uniform Plasma (what if decoupling is efficient?)

Cattorini, Maggioni, Giacomazzo, Haardt, Colpi, and Covino, arXiv, arXiv:2202.08282, (2022).

• Spinning & merging BHs, Uniform aligned B-field

• Aligned and Misaligned spins
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Figure 2. (Top row): evolution of the rest-mass density ⇢ (normalized to its initial value ⇢0) on the xz-plane. (Middle row): evolution of the
fluid velocity field ~v on the xz-plane. The colorbar refers to the magnitude v = (v2x + v2z)

1/2. Arrows refer to the gas velocity field. (Bottom
row): evolution of the magnetic field lines on the xz-plane. The colorbar refers to the magnetic-to-gas pressure ratio ��1. The regions inside
the BH horizons have been masked out. All snapshots refer to our UUMIS configuration (â1 = (�0.42, 0,+0.42), â2 = (+0.42, 0,+0.42),
��1
0 = 0.31); snapshots were taken, respectively, after ⇠1 orbit (left column), after ⇠8 orbits (middle column), and at a time equal to ⇠1000

M after merger (right column). The white arrows over BHs in the left and middle column denote spin vectors.

In Paper I, we have shown that higher values of the
spin parameter result in a suppressing effect on Ṁ . Anal-
ogous behavior is observed in our current set of simulations:
run UU (which results in a Kerr BH remnant with spin pa-
rameter arem ⇠ 0.86) has the lowest post-merger accre-
tion rate (ṀUU ⇠ 0.15 ⇢�11M2

6 M�yr�1), whereas run DD
(arem ⇠ 0.46) reaches the highest post-merger accretion rate
(ṀDD ⇠ 0.6 ⇢�11M2

6 M�yr�1). Other configurations ex-
hibit in-between values of Ṁ . In general, a higher post-
merger spin results in a lower accretion rate.

3.3. Poynting Luminosity

In Paper I, we investigated how the features of the EM
Poynting luminosity LPoynt relate to the initial magnetic-
to-gas pressure ��1

0 and black holes’ spins. In agreement
with the results of Kelly et al. (2017), we observed that
configurations with the same spin reach approximately the
same value of LPoynt, regardless of ��1

0 . However, we
found that the peak Poynting luminosity, which is reached
shortly after merger, is particularly dependent on the magni-
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Figure 3. (Top row, left): time-dependent accretion rates Ṁ in units of solar masses per year for the five configurations. The magnitudes of Ṁ
are scaled to a binary of total mass 106 M� and a gas with initial uniform rest-mass density ⇢ = 10�11 g cm�3. The pre-merger accretion rate
is calculated onto both BH horizons; the post-merger accretion rate is calculated onto the remnant Kerr BH’s horizon. The vertical dotted lines
mark the merger times, and colors highlight the different configurations. (Top row, right): comparison of Ṁ in the late-inspiral, merger and
post-merger stages; time is rescaled with the merger time tmerger. (Bottom row, left): time evolution of the Poynting luminosity LPoynt for the
five configurations. The luminosity is extracted on a sphere of radius Rext = 30 M centered in the origin of the system. The values of LPoynt

are in units of L0 ⌘ 2.347 ⇥ 1043⇢�11M
2
6 erg s�1, with M6 ⌘ M/106 M�, and ⇢�11 ⌘ ⇢/1011 g cm�3. (Bottom row, right): comparison

of LPoynt in the late-inspiral, merger and post-merger stages.

tude of the remnant’s spin parameter. We show in the bot-
tom panels of Fig. 3 the time evolution of LPoynt for our
five runs. The values of LPoynt are expressed in units of
L0 ⌘ 2.347 ⇥ 1043⇢�11M2

6 erg s�1 (see Paper I).
The main features of the Poynting luminosity “light

curves” for UU and UUMIS runs (see green and red curves
in Fig. 3, bottom panels) are similar to those displayed in
Paper I: an initial steep rise (i), followed by a slow growth
stage (ii) across the binary inspiral; a peak (iii) correspond-
ing to merger, and a rapid climb (iv) toward a steady value
(v). Configurations UD and UDMIS (blue and yellow curves,
respectively) exhibit similar trends, except for the absence of
evident peaks corresponding to binary mergers. Finally, con-
figuration DD (purple curve) shows moderate decrease across
the inspiral, and rapidly climbs over the merger and ringdown
stages. As UD and UDMIS runs, also configuration DD does
not feature a peak during merger.

We verified that the magnitude of the post-merger peaks
of LPoynt of our five configurations approximately scales
with the spin parameter squared a2, in agreement with the

Blandford-Znajek formula (Blandford & Znajek 1977). This
scaling will be subject of a future investigation involving a
broader family of spinning configurations.

3.4. Modulations

Over the last decade, a number of explorative works have
reported that quasi-periodic features in the light curve of a
MBHB system may arise thanks to the fueling-rate variabil-
ity in mini-disks around each BH due to the periodic in-
teraction of the BHs with the inner edge of the CBD (No-
ble et al. 2012; Farris et al. 2014; Farris et al. 2015; Tang
et al. 2018), or because of relativistic Doppler modulation
(Haiman 2017). In our work, quasi-periodic variability is
found in the time-dependent accretion rates for the five con-
figurations presented (see Fig. 3, top-left panel); similar -
though weaker - oscillations are present also in the evolution
of the Poynting luminosity (Fig. 3, bottom-left panel), but
only when it is extracted on spheres of radii 10 or 30 M ;
when LPoynt is extracted at higher radii (in our cases, at 50,
80, and 100 M ), its oscillatory behavior disappears and the
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Figure 3. (Top row, left): time-dependent accretion rates Ṁ in units of solar masses per year for the five configurations. The magnitudes of Ṁ
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ing to merger, and a rapid climb (iv) toward a steady value
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respectively) exhibit similar trends, except for the absence of
evident peaks corresponding to binary mergers. Finally, con-
figuration DD (purple curve) shows moderate decrease across
the inspiral, and rapidly climbs over the merger and ringdown
stages. As UD and UDMIS runs, also configuration DD does
not feature a peak during merger.

We verified that the magnitude of the post-merger peaks
of LPoynt of our five configurations approximately scales
with the spin parameter squared a2, in agreement with the
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broader family of spinning configurations.
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MBHB system may arise thanks to the fueling-rate variabil-
ity in mini-disks around each BH due to the periodic in-
teraction of the BHs with the inner edge of the CBD (No-
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et al. 2018), or because of relativistic Doppler modulation
(Haiman 2017). In our work, quasi-periodic variability is
found in the time-dependent accretion rates for the five con-
figurations presented (see Fig. 3, top-left panel); similar -
though weaker - oscillations are present also in the evolution
of the Poynting luminosity (Fig. 3, bottom-left panel), but
only when it is extracted on spheres of radii 10 or 30 M ;
when LPoynt is extracted at higher radii (in our cases, at 50,
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Figure 3. (Top row, left): time-dependent accretion rates Ṁ in units of solar masses per year for the five configurations. The magnitudes of Ṁ
are scaled to a binary of total mass 106 M� and a gas with initial uniform rest-mass density ⇢ = 10�11 g cm�3. The pre-merger accretion rate
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6 erg s�1 (see Paper I).
The main features of the Poynting luminosity “light

curves” for UU and UUMIS runs (see green and red curves
in Fig. 3, bottom panels) are similar to those displayed in
Paper I: an initial steep rise (i), followed by a slow growth
stage (ii) across the binary inspiral; a peak (iii) correspond-
ing to merger, and a rapid climb (iv) toward a steady value
(v). Configurations UD and UDMIS (blue and yellow curves,
respectively) exhibit similar trends, except for the absence of
evident peaks corresponding to binary mergers. Finally, con-
figuration DD (purple curve) shows moderate decrease across
the inspiral, and rapidly climbs over the merger and ringdown
stages. As UD and UDMIS runs, also configuration DD does
not feature a peak during merger.

We verified that the magnitude of the post-merger peaks
of LPoynt of our five configurations approximately scales
with the spin parameter squared a2, in agreement with the

Blandford-Znajek formula (Blandford & Znajek 1977). This
scaling will be subject of a future investigation involving a
broader family of spinning configurations.
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reported that quasi-periodic features in the light curve of a
MBHB system may arise thanks to the fueling-rate variabil-
ity in mini-disks around each BH due to the periodic in-
teraction of the BHs with the inner edge of the CBD (No-
ble et al. 2012; Farris et al. 2014; Farris et al. 2015; Tang
et al. 2018), or because of relativistic Doppler modulation
(Haiman 2017). In our work, quasi-periodic variability is
found in the time-dependent accretion rates for the five con-
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though weaker - oscillations are present also in the evolution
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• Retrograde spinning BHs accrete faster but produce weaker “jets”;


• Misalignment can hurt the Prograde+prograde configuration (UU), but 
not the mixed-grade case;


• If Poynting flux is observable, the slope of the relative brightening may 
help estimate pre-merger spin orientation and magnitude; 



Numerical Relativity + MHD Evolutions
Post-merger Aftermath: Kicks, Mass Loss, Jets

Zanotti, Rezzolla, Del Zanna, and Palenzuela, A&A, 523, A8, (2010).

• BBH merger leads to O(100) km/s kicks on merger remnant and few-
several % mass loss due to GW losses;


• Disk “adjusts” or is “kicked” by the sudden change in the gravity, often 
triggering eccentric shocks that dissipate change motion triggered by 
change in potential energy; 


• Observables are often significant tens-hundreds of days post-merger for 
massive BBHs.


• What’s going on in this topic?  Are we waiting for better initial data?  
Is that necessary?  Are there any outstanding issues, aspects here? 

A&A 523, A8 (2010)

Fig. 7. The same as in Fig. 6 but for a recoil velocity Vk = 3000 km s−1. Note that the spiral-shock structure is never present and that the inner
cavity is rapidly filled by accreting gas. In addition, an oblique shock comprising a low-density region is formed in the inner parts of the flow.

5.2.2. EM luminosities

Because of the relatively high temperature of the gas and of
the generation of a shock pattern, thermal bremsstrahlung is
thought to be an efficient emission mechanism through which
circumbinary discs may become visible in the electromagnetic
spectrum (Megevand et al. 2009; Corrales et al. 2010; Bode et al.
2009; Anderson et al. 2010). However, thermal-bremsstrahlung
emission from circumbinary is affected by a serious problem
which has been so far underestimated or not sufficiently em-
phasized. This has to do with the fact that bremsstrahlung cool-
ing time is too short (Corrales et al. 2010) or, stated differently,
that the internal energy budget of the emitting gas is not large
enough to allow for the bremsstrahlung emission to last but for a
few seconds. This can be easily estimated as tcool = Eint/LBR,
with Eint and LBR obtained from (18) and (22), respectively.
For the large model L.00 we have Eint ∼ 3.4 × 1050 erg and
LBR ∼ 2.8 × 1049 erg/s at time t = 0 and this estimate re-
mains of the same order of magnitude during the evolution. This
yields to tcool $ 12 s. The situation is even worse if we con-
sider the transition to the relativistic regime. In this case, in fact,

not only the bremsstrahlung emissivity is increased by a factor4

∝ [1 + 4.4T/(1010 K)] (Rybicki & Lightman 1986), but also
the collisions between particles of the same species start con-
tributing significantly to the bremsstrahlung emission (Svensson
1982) through radiation in moments other than the electric
dipole (which is strictly zero for particles of the same species,
Krolik 1999).

Of course, there are also other factors that can work in favour
of a bremsstrahlung emission and which we have not taken
into account. A first one is that we have neglected the thermal
bremsstrahlung absorption, which is likely to enhance signifi-
cantly the bremsstrahlung cooling time by acting as a source of
additional internal energy. Moreover, it is also possible that the
spiral shock originating from the very central region dissipates
considerably as it propagates outwards, hence confining the
bulk of the bremsstrahlung luminosity from within a very small

4 It should be remarked, however, that when the electron become rel-
ativistic, i.e. for T ≥ 5.9 × 109 K, other emission mechanisms, such as
inverse Compton or synchrotron (if a magnetic field is also present), are
generally more efficient.
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• Spinning post-merger single BHs, Uniform plasma;

• Survey over angle between B-field and spin;

• Survey over temperature;


Jet starts aligned with spin, then aligns with B-field;

Poynting luminosity strongest when aligned;

relatively close to the hole itself, remaining substantially
along its initial direction further out. We can try to quantify
the transition region from the BH’s “sphere of influence” by
examining the Poynting luminosity over a set of extraction
spheres. In Fig. 7, we show the integrand in Eq. (1)—
essentially the Poynting vector, weighted by the local area
measure—as a function of ðθ;ϕÞ for R ∈ f20M; 30M;
40M; 50Mg for the KS_B45deg configuration. We see
that the angular location (i.e., “point in the sky”) of peak
contribution moves with extraction radius; we also see that

the tube seems to contract in angle. We will attempt to
quantify these observations in Sec. IV C.
In Fig. 8, we show the rate of mass loss into the Kerr

horizon, _M [Eq. (3)] during the evolution of each of the
initial magnetic-field orientations θB. Again, the accretion
rates for different θB’s show little variation until t ≈ 300M.
Even at late times, the different configurations’ _M’s deviate
by only around 50%, with the highest rates associated with
the greatest deviation of the initial magnetic field angle. As
with the Poynting luminosity, we can produce a time-
averaged accretion for the steady state (t > 1; 500M) of
each configuration. This is presented in Fig. 9. Viewed in
this way, we see that the steady-state accretion rate is
relatively constant for 0° ≤ θB ≲ 40°, dropping off steeply
for larger θB.
In Fig. 10, we plot the resulting efficiency [Eq. (4)].

Dominated by the field orientation, it shows levels of∼25%
for small θB, dropping an order of magnitude for θB ≳ 40°.

C. Features of protojet

In studies of black-hole neutron star mergers, Ref. [41]
identifies an “incipient, magnetized jet” as an “unbound,
collimated, mildly relativistic outflow (Lorentz factor of
∼1.2), which is at least partially magnetically dominated.”
Informally, we identify a “protojet” as a magnetically
dominated region showing concentrated twisting of mag-
netic field lines, and strong localized Poynting flux [42–
44]. We use the term “protojet” here, because while it
shows intense winding of magnetic fields in a traditional
jetlike funnel region, the net fluid flow in this region is
inward, with a low Lorentz factor. In this subsection, we

FIG. 6. Steady-state (t > 1; 500M) Poynting luminosity as a
function of field alignment angle θB. The luminosity is calculated
as a “late-time average” value in each case—the average value for
all t > 1; 500M. Error bars show the rms deviation from the time-
average values, beginning at t ¼ 1; 500M. The solid (blue) and
dashed (red) curves are best-fit results from assuming a hyper-
bolic tangent or cosine-squared dependence on θB, respectively.

FIG. 4. B-field stream lines in the vicinity of the BH (spinning
in the k̂ direction) at time t ≈ 2; 000M for a magnetic field
initially uniform in strength, and everywhere pointing along
îþ k̂, 45° off the BH spin direction (configuration KS_B45deg).
Gray shells indicate coordinate radii R ∈ f30M; 50M;
70M; 90Mg.

FIG. 5. Poynting luminosity as a function of time for the B-field
angle configurations. Thick and thin lines indicate higher and
lower resolution for the same physical configuration.
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The settling-down time for these configurations also
depends on temperature, being later for the higher-temper-
ature cases. To investigate the steady state for each
configuration, we use a time-average value for each
configuration, from a common starting time of t ¼
2; 000M until the end of the available data. In Fig. 3,
we show the resulting Poynting luminosity LPoynt (top
panel), accretion rate _M (middle panel), and resulting
efficiency ηEM [Eq. (4)] (bottom panel). For each configu-
ration, the “error bars” shown are simply the standard
deviation over the time window.
It is noticeable that both the Poynting luminosity LPoynt

and mass accretion rate _M are highest for the lowest values
of κ, and hence fluid temperature, though subject to greater
variations in time. There also appears to be a shallow local
minimum in LPoynt around κ ¼ 0.1, and in _M around
κ ¼ 0.5; the combination of these yields a minimum in
efficiency ηEM around κ ¼ 0.3, close to our canonical case.
However, as this is a shallow minimum, the efficiency is
around 20% over most of our temperature range.

B. Dependence on magnetic field orientation

Here we investigate the effect of varying the angle θB
between the Kerr spin vector a⃗ and the initial orientation of
the uniform magnetic field B⃗. In practice, we fix the former
—a⃗ ¼ ak̂—and vary the latter. However, we demonstrate
in the Appendix C that we achieve equivalent results when
fixing the field direction and varying a⃗ instead.
In Fig. 4, we show the late-time state of the magnetic

field integral curves passing near the central black hole, for
the KS_B45deg configuration. The black hole has not
only twisted and concentrated the field, but has tilted it
toward the spin axis (z direction), but only out to a
radius r≲ 30M.
In Fig. 5, we show the time development of the Poynting

luminosity LPoynt during the evolution of each of the initial
magnetic-field orientations θB. It is clear that the “post-
settling” luminosity has a strong dependence on θB.
Looking at the late-time (t≳ 1; 500M) behavior of the

systems, in Fig. 6 we plot LPoynt as a function of initial
inclination angle θB. We also show a fit (dashed red line) of
these LPoynt data points to a functional form quadratic in the
cosine of θB, similar to that seen by Ref. [40] in the force-
free limit. Our results seem to show a flatter behavior at low
and high θB, captured better by a hyperbolic tangent
dependence on θB (solid blue line), but we cannot rule
out the cos2 θB scaling. It is entirely possible that the
inclusion of MHD and matter (as opposed to the force-free
scenario) introduces additional physics scaling that lead to
a steeper, more step-function-like behavior.
As we can see in Fig. 4, even at late times, the magnetic

field lines are only oriented toward the BH spin axis

FIG. 3. Steady-state Poynting luminosity LPoynt (top panel),
accretion rate _M (middle panel), and resulting efficiency ηEM
(bottom panel) for the temperature studies, as a function of the
temperature proxy κ. Plotted points are time averages from t ¼
2; 000M onwards, with “error bars” given by the standard
deviation over the same time interval.
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absolute cross-sectional area roughly constant, or “pencil-
like” (lower panel).

2. Beam shape

As can be seen from Fig. 7, the cross-sectional shape of
the beam deviates strongly from circular when the magnetic
field is misaligned with the black hole spin. We present in
Fig. 12 the beam shape as represented by the 50% contour
for a range of field alignments, measured at R ¼ 30M.
For an aligned field, the beam cross section is annular at

all extraction radii, as the magnetic field drops to zero on
the axis due to symmetry. Here we see that the beam shape
becomes steadily less annular with increasing θB.
Simultaneously, the overall luminosity decreases, and the
beam weakens, becoming harder to distinguish from the
rest of the sphere. For this reason, we omit the correspond-
ing plots for θB > 60°.

3. Beam position

We present in Fig. 13 the positions of the center of the
protojet for each configuration, showing how it varies with
extraction radius. To avoid high-frequency variations, at
each extraction radius R, we decompose the Poynting
vector over the sphere into (real) spherical harmonics up
to l ¼ 2:

SrRðθ;ϕÞ≡
X2

l¼0

SlmYm
l ðθ;ϕÞ: ð6Þ

The center positions are then the maxima of this smoothed
functional form.While the jet positions are properly given as
a pair of angles ðθ;ϕÞ, we find it easier to display as a pair of
Cartesian-like projected coordinates X ≡ sin θ cosϕ, Y≡
sin θ sinϕ, so that the hole’s spin direction lies unambigu-
ously at the origin in each panel.
From the figure, we can see that all configurations have

jet directions that approach the asymptotic initial magnetic
field direction at large R (denoted by× in the figure). As we
move inward along each configuration’s curve, we see
twisting of the jet direction around the origin (that is, the
BH spin axis). For initial inclination angles θB between 0°
(i.e., parallel to the spin axis) and ∼60°, the jet direction
approaches the spin axis for small R. For larger θB, the jet’s
direction stops short of the pole.
The azimuthal (Y-direction) offset at finiteR appears to be

a result of frame dragging in the background spacetime, as is
the jet itself. There is no precise transition radiuswhere the jet
direction switches from being aligned predominantly with
the hole’s spin to its asymptotic direction, but the transition
appears to occur withinR ∼ 20M. This is consistent with the
observations of Ref. [45], in their studies of jet twisting in
tilted accretion tori.

4. Jet Strength

We noted at the start of this subsection that our “protojet”
has not yet been demonstrated to produce ultrarelativistic
particle speeds. In particular, as in Paper I, fluid inflow in
the jet region is both subrelativistic and inward-pointing.
While analyzing the aftermath of a BHNS merger, the
authors of Ref. [41] encounter a similar situation; they point
out, however, that strong magnetic dominance in the
asymptotic jet region is expected to lead to much higher
Lorentz factors: Γ ∼ b2=2ρ [46].
In our case, the peak energy ratio drops to below ∼5

outside a few horizon radii, implying that actual relativistic
jet conditions may not be reached for the fluid particles
present. This can be misleading, as the MHD fluid is ion
dominated, and unlikely to be the source of significant
high-energy EM emission. If a mechanism is present to
seed the magnetically pressure-dominated region with
electrons or electron-positron pairs, these can be expected
to experience much greater accelerations, leading perhaps
to jetlike electromagnetic emission.

V. DISCUSSION

In this paper, we have extended the work of Ref. [5]
(Paper I), focusing on the steady-state behavior of plasma
around a postmerger Kerr black hole. While Paper I
featured merging equal-mass nonspinning black hole
binary systems, with a spacetime dynamically simulated

FIG. 13. Pseudojet center positions for the B15, B30, B45,
B60, and B75 configurations, in the Kerr hole’s “northern”
hemisphere, as determined by the maxima of the harmonically
smoothed Poynting vector function [Eq. (6)] at t ¼ 2; 000M.
Each dashed line connects the positions for all configurations,
determined at a certain extraction radius R. The × symbols show
the initial direction of the asymptotic magnetic field for each
configuration.
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Open Questions
•How is Poynting flux reprocessed?  Or how do predictions 
of Poynting flux turn into observables?

•Even though jets are seen to form in mergers, are they 
likely to reach large distances in post-merger 
environments?  Is there relic evidence of a binary in the 
post-merger jet properties? 

•How do we connect the Newtonian scales to the 
relativistic regime?   

•At what separations must inspiral simulations start from?  
Decoupling radius?    
Or when is  a / (da/dt)  >> tinflow ?

•How can we leverage viscous hydro results and connect 
to the GRMHD regime? 

•Modulation: what are the differences in the lump between 
Newtonian vs. GR, viscous hydro vs. MHD?

•What other binary signatures are we missing?



Accretion onto Misaligned Spinning BBHs
Combi, Gutierrez, Lopez Armengol++(in prep)

Circumbinary + Mini- Disk Regions

• Jet Interaction?! 
• Additional variability in the emission possible from hot 

spots in collisions between jet-wind, or jet-jet regions.  
• Inclined BH spins to circumbinary disk leads to tilted 

mini-disks, complicating mini-disk replenishment 
cycle and modulation.  



PatchworkMHD : Single BH Test

•  Test: Single accreting black hole. 
•  3 spherical patches:
• 1 aligned with z-axis;
• 2 aligned with x-axis covering the 

poles;
• Avoids coordinate singularity along 

the z-axis and admits larger time 
steps; 

Avara et. al, (in prep)

•  Allows us to stitch together coordinate 
patches that follow local symmetries efficiently 
and eliminate coordinate singularities that 
arise in spherical/cylindrical coordinates.  

• Adding support for MHD and preservation of 
solenoidal (aka “no magnetic monopoles”) 
constraint into the hydrodynamic Patchwork 
code (Shiokawa++2018).

• Generalize Patchwork for the wide range of 
coordinate systems and patch situations (e.g., 
patch motion/rotation/overlap) desirable to 
execute our planned simulations. 

•  Developed method to adjust fluxes along 
patch boundaries to dissipate monopoles and 
flux differences. 

Avara @APS: H09.00006


