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Binary Neutron Stars: Fundamental physics
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velocity induced by the tidal effect to that by other
general relativistic effects such as gravitational-radiation
reaction is larger for the binary of larger radius neutron
stars. The missing tidal effects could give a significant
damage in the current version of the EOB formalism. By
contrast, for the model with the APR4 EOS, the agree-
ment between the extrapolated and EOB waveforms is

quite good even at the last orbit. The total phase error is
smaller than ∼0.7 radian, which is comparable to that in
the error associated with the uncertainty of the extrapo-
lation. This implies that for the binary of small-radius
neutron stars, the current version of the EOB formalism
would be already robust if we accept the phase error of ∼1
radian (see also Ref. [20]).
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FIG. 3 (color online). The extrapolated gravitational waveform and related quantities for the models with the H4 (left) and APR4 EOS
(right). (Top) The extrapolated waveforms for the best resolved (N ¼ 72) and second-best resolved (N ¼ 60) runs are plotted (two
waveforms overlap quite well with each other and we cannot distinguish them in the figure). The waveform by an EOB calculation is
plotted together. The lower panels focus on the late inspiral waveforms. (Middle) The extrapolated gravitational-wave frequency. In the
lower panel of this, the absolute difference between the extrapolated result (with N ¼ 72) and EOB result is shown. (Bottom) The
extrapolated gravitational-wave phase. In the lower panel of this, the difference between the extrapolated result and EOB result is shown.
We aligned the phases of the extrapolated and EOB waveforms at tret ¼ 5 ms.
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FIG. 3 (color online). The extrapolated gravitational waveform and related quantities for the models with the H4 (left) and APR4 EOS
(right). (Top) The extrapolated waveforms for the best resolved (N ¼ 72) and second-best resolved (N ¼ 60) runs are plotted (two
waveforms overlap quite well with each other and we cannot distinguish them in the figure). The waveform by an EOB calculation is
plotted together. The lower panels focus on the late inspiral waveforms. (Middle) The extrapolated gravitational-wave frequency. In the
lower panel of this, the absolute difference between the extrapolated result (with N ¼ 72) and EOB result is shown. (Bottom) The
extrapolated gravitational-wave phase. In the lower panel of this, the difference between the extrapolated result and EOB result is shown.
We aligned the phases of the extrapolated and EOB waveforms at tret ¼ 5 ms.
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Neutron star merger:  r-process site
SYNTHESIS OF ELEMENTS IN STARS

TAsr z I,1.Table of elements and isotopes /compiled from Chart of
the Xgcjides (Knolls Atomic Power Laboratory, April, 1956)).
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nuclear material into any other even at low energies
of interaction.
With this relatively simple picture of the structure

and interactions of the nuclei of the elements in mind,
it is natural to attempt to explain their origin by a
synthesis or buildup starting with one or the other or
both of the fundamental building blocks. The following
question can be asked: What has been the history of
the matter, on which we can make observations, which
produced the elements and isotopes of that matter in
the abundance distribution which observation yields?
This history is hidden in the abundance distribution of
the elements. To attempt to understand the sequence
of events leading to the formation of the elements it is
necessary to study the so-called universal or cosmic
abundance curve.
Whether or not this abundance curve is universal is

not the point here under discussion, It is the distribu-
tion for the matter on which we have been able to make
observations. We can ask for the history of that par-
ticular matter. We can also seek the history of the
peculiar and abnormal abundances, observed in some
stars. We can finally approach the problem of the uni-
versal or cosmic abundances. To avoid any implication
that the abundance curve is universal, when such an
implication is irrelevant, we commonly refer to the
number distribution of the atomic species as a function
of atomic weight simply as the atomic abundance dis-
tribution. In graphical form, we call it the atomic
abundance curve.
The 6rst attempt to construct such an abundance

curve was made by Goldschmidt (Go37).f An improved
curve was given by Brown (Br49) and more recently
Suess and Urey (Su56) have used the latest available
data to give the most comprehensive curve so far avail-
able. These curves are derived mainly from terrestrial,
meteoritic, and solar data, and in some cases from other
astronomical sources. Abundance determinations for
f Refer to Bibliography at end of paper.
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FIG. I,i. Schematic curve of atomic abundances as a function
of atomic weight based on the data of Suess and Urey (Su56).
Suess and Urey have employed relative isotopic abundances to
determine the slope and general trend of the curve. There is still
considerable spread of the individual abundances about the curve
illustrated, but the general features shove are now fairly well
established. These features are outlined in TaMe I,2. Note the
overabundances relative to their neighbors of the alpha-particle
nuclei A = 16, 20, ~ ~ 40, the peak at the iron group nuclei, and the
twin peaks at A =80 and 90, at 130 and 138, and at 194 and 208.

the sun were first derived by Russell (Ru29) and the
most recent work is due to Goldberg, Aller, and Muller
(6057). Acc111'a'te relative lsotoplc Rbu11daIlces al'e
available from mass spectroscopic data, and powerful
use was made of these by Suess and Urey in compiling
their abundance table. This table, together with some
solar values given by Goldberg et ul. , forms the basic
data for this paper.
It seems probable that the elements all evolved from

hydrogen, since the proton is stable while the neutron
is not. Moreover, hydrogen is the most abundant
element, and helium, which is the immediate product of
hydrogen burning by the pp chain and the CN cycle,
is the next most abundant element. The packing-frac-
tion curve shows that the greatest stability is reached
at iron and nickel. However, it seems probable that iron
and nickel comprise less than 1% of the total mass of
the galaxy. It is clear that although nuclei are tending
to evolve to the con6gurations of greatest stability,
they are still a long way from reaching this situation.
It has been generally stated that the atomic abun-

dance curve has an exponential decline to A j.00 and
is approximately constant thereafter. Although this is
very roughly true it ignores many details which are
important clues to our understanding of element syn-
thesis. These details a,re shown schematically in Fig. I,j.

B2FH 1957R-process elements: 
(rapid neutron capture process)

• Supernova or Neutron star merger? 

• Rare earth elements are rarer than 
Fe by ~6 orders of magnitudes.  

• Rate should be lower than ~1% of 
core-collapse SNe. 

e.g., Lattimer & Schramm 1974

e.g., Ultra-faint dwarf, Ret II (Ji+15) 
        Geological 244Pu (Wallner +15)



Multi-Messenger Astronomy: GW170817
Abbott et al. ApJ,  2017

Gravitational waves

(2017 Aug 17.5) 

T = 0

Gamma-rays

T = 1.7 seconds
Optical

T = 10h 52m

Ultraviolet

T = 15 hours 

Near Infrared

T = 11h 36m X-rays

T = 9 days

Radio

T = 16 days 

Delayed Arrival of  X-rays and Radio

Extremely faint!
(~15 uJy @ 3 GHz)

Off-axis jet?

EM Counterpart Discovery Timeline

Kilonova Afterglow 



Outline

• Introduction 

• Neutron Star Merger simulation 

• R-process Kilonova  

• Afterglow Jet 

• Origin of binary black hole mergers



Last 10ms and after merger

Gravitational WavesDensity

Hotokezaka + 2013

1.35-1.35Msun, EOS=APR



Last 10ms and after merger
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Neutron star merger:  
numerical relativity waveforms

leading-order tidal-deformation effect. We provide evi-
dence for this in Appendix B. For this reason, we suppose
that the EOB formalism could give a better waveform than
the TT4 formalism.
Figure 3 plots the Fourier spectra of the hybrid waveforms

(numerical plus EOB waveforms) together with a designed
noise curve of Advanced LIGO, S1=2n (for the zero detuning
high power configuration) [56] and with the spectrum of a
binary-black-holemerger ofmass 1.35M⊙ − 1.35M⊙. Here,
SnðfÞ denotes the one-sided noise spectrum density of
gravitational-wave detectors. The numerical waveform for
the binary black hole is taken from the SXS Gravitational
WaveformDatabase [57], and we employ SXS:BBH:001. In
this paper, the Fourier transform is defined by

~hðfÞ≔
Z

dthþðtÞ expð−2πiftÞ; ð3:6Þ

where hþðtÞ denotes the plus-mode gravitational waveform.
For binary neutron stars, the overall shape of h×ðtÞ is
approximately the same as that of hþðtÞ except for a π=2
phase difference, and hence, theFourier transformationof the
cross mode, h×ðtÞ, results approximately in −i ~hðfÞ.
The response of gravitational-wave detectors for a

gravitational-wave event of coalescing binary neutron stars
is written in the form

h̄ðtÞ ¼ H þðθ;φ; ι;ψpÞhþðtÞ þ H ×ðθ;φ; ι;ψpÞh×ðtÞ; ð3:7Þ

where H þ and H × are functions of the source angular
direction denoted by ðθ;φÞ, of the inclination angle of the
binary orbital plane with respect to the line of the sight to
the source denoted by ι, and of the polarization angle

denoted by ψp. Thus, the Fourier transformation of h̄ðtÞ is
written as

h̄ðfÞ≈H ðθ;φ; ι;ψpÞ ~hðfÞ; ð3:8Þ

where H ¼ H þ −iH ×, for which jH j ≤1. Taking into
account this form, we define the effective distance to the
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FIG. 2. The same as Fig. 1, but for the case that TT4 waveforms are used for the comparison with the numerical waveforms.
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FIG. 3. Fourier spectra of the hybrid waveforms for five
different equations of state for a hypothetical effective distance
of D eff ¼ 100 Mpc. The dot-dot curve for Advanced LIGO
(referred to as aLIGO) denotes S1=2n . Here, Sn is the one-sided
noise spectrum density for the “zero detuning high power”
configuration [56]. The dot-dot-dot curve denotes the Fourier
spectrum for a spinless binary black hole of mass 1.35M⊙ −
1.35M⊙ (plotted only for f ≥375 Hz). To find the approximate
SNR, the spectrum is shown with an additional factor of 2;
see Eq. (3.9).

HOTOKEZAKA, KYUTOKU, SEKIGUCHI, and SHIBATA PHYSICAL REVIEW D 93, 064082 (2016)
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KH+13, KH+15, KH+16 (see also Radice+14, Haas+16, Dietrich+17, Kiuchi+17)

Less compact

More compact

BBH

Tidal deformabilities are measurable for events with SNR > 20.



GW170817 points to a compact EOS
dr
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directly in an EOS parameter space. We sample uni-
formly in all EOS parameters within the following ranges:
�0 2 [0.2, 2], �1 2 [�1.6, 1.7], �2 2 [�0.6, 0.6], and
�3 2 [�0.02, 0.02] and additionally impose that the adi-
abatic index �(p) 2 [0.6, 4.5]. This choice of prior
ranges for the EOS parameters was chosen such that our
parametrization encompasses a wide range of candidate
EOSs [110]. Then for each sample, the four EOS pa-
rameters and the masses are mapped to a (⇤1,⇤2) pair
through the Tolman-Oppenheimer-Volkoff (TOV) equa-
tions describing the equilibrium configuration of a spher-
ical star [119]. The two tidal deformabilities are then used
to compute the waveform template.

Sampling directly in the EOS parameter space allows for
certain prior constraints to be conveniently incorporated in
the analysis. In our analysis, we impose the following cri-
teria on all EOS and mass samples: (i) causality, the speed
of sound in the NS must be less than the speed of light (plus
10% to allow for imperfect parameterization) up to the cen-
tral pressure of the heaviest star supported by the EOS; (ii)
internal consistency, the EOS must support the proposed
masses of each component; and (iii) observational consis-
tency, the EOS must have a maximum mass at least as high
as previously observed NS masses, specifically 1.97M�.
Another condition the EOS must obey is that of thermody-
namic stability; the EOS must be monotonically increasing
(d✏/dp > 0). This condition is built into the parametriza-
tion [110], so we do not need to explicitly impose it.

RESULTS

We begin by demonstrating the improvement in the mea-
surement of the tidal deformability parameters due to im-
posing a common but unknown EOS for the two NSs. In
Fig. 1 we show the marginalized joint posterior PDF for
the individual tidal deformabilities. We show results from
our analysis using the ⇤a(⇤s, q) relation in green and the
parametrized EOS without a maximum mass constraint in
blue. These are compared to results from [52], where the
two tidal deformability parameters are sampled indepen-
dently, in orange. The shaded region marks the ⇤2 < ⇤1

region that is naturally excluded when a common realis-
tic EOS is assumed, but is not excluded from the analysis
of [52]. In both cases imposing a common EOS leads to
a smaller uncertainty in the tidal deformability measure-
ment. The area of the 90% credible region for the ⇤1–⇤2

posterior shrinks by a factor of ⇠ 3, which is consistent
with the results of [106] for soft EOSs and NSs with simi-
lar masses. The tidal deformability of a 1.4M� NS can be
estimated through a linear expansion of ⇤(m)m5 around
1.4M� as in [5, 48, 120] to be ⇤1.4 = 190+390

�120
at the 90%

level when a common EOS is imposed (here and through-
out this paper we quote symmetric credible intervals). Our
results suggest that “soft” EOSs such as APR4, which pre-
dict smaller values of the tidal deformability parameter, are

favored over “stiff” EOSs such as H4 or MS1, which pre-
dict larger values of the tidal deformability parameter and
lie outside the 90% credible region.
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FIG. 1. Marginalized posterior for the tidal deformabilities of the
two binary components of GW170817. The green shading shows
the posterior obtained using the ⇤a(⇤s, q) EOS-insensitive re-
lation to impose a common EOS for the two bodies, while the
green, blue, and orange lines denote 50% (dashed) and 90%
(solid) credible levels for the posteriors obtained using EOS-
insensitive relations, a parameterized EOS without a maximum
mass requirement, and independent EOSs (taken from [52]), re-
spectively. The grey shading corresponds to the unphysical re-
gion ⇤2 < ⇤1 while the seven black scatter regions give the
tidal parameters predicted by characteristic EOS models for this
event [113, 115, 121–125].

We next explore what inferences we can make about the
structure of NSs. We do this using the spectral EOS pa-
rameterization described above in combination with the re-
quirement that the EOS must support NSs up to at least
1.97M�, a conservative estimate based on the heaviest
known pulsar [65]. From this we obtain a posterior for
the NS interior pressure as a function of rest-mass density.
The result is shown in Fig. 2, along with predictions of
the pressure-density relationship from various EOS mod-
els. The pressure posterior is shifted from the 90% credible
prior region (marked by the orange lines) and towards the
soft floor of the parameterized family of EOS. This means
that the posterior is indicating more support for softer EOS
than the prior. The vertical lines denote the nuclear satu-
ration density and two more density values that are known
to approximately correlate with bulk macroscopic proper-
ties of NSs [19]. The pressure at twice (six times) the nu-
clear saturation density is measured to be 3.5+2.7

�1.7 ⇥ 1034

(9.0+7.9
�2.6 ⇥ 1035) dyn/cm2 at the 90% level.

The pressure posterior appears to show minor signs of a
bend above a density of ⇠ 5⇢nuc. Evidence of such behav-

~14km

~12km

Abbott+18



Post-merger remnant

Total binary mass

(Super)massive neutron star 
(SMNS)

Hypermassive neutron star 
(HMNS)

Black Hole + disk

Lifetime ~ 10 ms-1s
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Hotokezaka + 2013
Mmax & 2M� (Demorest+2010, Antoniadis+2013)

See also, Baumgarte, Shapiro, Shibata 00, Margalit & Metzger 17, Ruiz, Shapiro, 
Tsokaros 18
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Dynamical mass ejection
1.6Msun and 1.3Msun

KH + 2013

1.5Msun and 1.2Msun

Bauswein + 13, Piran + 13, Rosswog 2013, Kyutoku+15, Sekiguchi + 15, 16, Radice+16

HMNS formation: 
• Tidal (cold) + shock (hot)  
• Ejection lasts: ~ 5 ms 
• Mass < 0.01Msun, v ~ 0.2c

Prompt BH formation: 
• Tidal (cold) 
• Ejection lasts: ~ 1 ms 
• Mass < 0.01Msun, v ~ 0.2c
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Ejecta mass vs Disk mass Ejecta-mass-and-disk-mass�
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• Disk mass is larger when a (hyper) massive neutron star exits.
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Different components of  merger outflows

Hypermassive neutron star 
(HMNS) Black Hole + disk

Lifetime ~ 10 ms-1s

Shocked ejecta

Tidal tail

nu driven wind
Viscous driven  

wind
Jet?

KH+11,13,14, see also Rosswog+99, Shibata & Uryu 00, Ruffert & Janka 01, Oechslin+07, 
Dessert+09, Rezzolla+11,, East & Pretorius 12,  Bauswein+13,  Rosswog +13, Fernandez & Metzger 
13, Foucart+14,17, Kiuchi+15,Sekiguchi+15, Haas+16, Radice+16,18, Ruize+16,17, Ciolfi+17, 
Bouvard+17, Dietrich+17. Siegel & Metzger `17, Fujibayashi+17

Dynamical ejecta Disk outflow
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Kilonova in GW170817
 

 

Extended Data Figure 4 | AT 2017gfo evolves faster than any known 

supernova, contributing to its classification as a kilonova. We compare our 

w-band data of AT 2017gfo (red; arrows denote 5σ non-detection upper limits 

reported by others55,56) to r-band templates of common supernova types (types Ia 

and Ib/c normalized to peaks of −19 and −18 mag respectively)50,51, to r-band 

data of two rapidly-evolving supernovae52,53 (SN 2002bj and SN 2010X) and to 

R-band data of the drop from the plateau of the prototypical type IIP supernova54 

SN 1999em (dashed line; shifted by one magnitude for clarity). 
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R-process nuclei in mergers

4 Lippuner and Roberts
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Figure 1. The final abundances of some selected nucleosynthesis calculations. Left: Ye = 0.01, 0.19, 0.25, 0.50, s = 10 kB baryon�1, and
⌧ = 7.1ms. The full r-process is made, with substantial amounts of lanthanides and actinides, for Ye = 0.01 and Ye = 0.19. The Ye = 0.25
trajectory is neutron-rich enough to make the second r-process peak, but not the third and not a significant amount of lanthanides. In
the symmetric case (Ye = 0.5), mostly 4He and iron-peak elements are produced. Right: Ye = 0.25, s = 1.0, 3.2, 10, 100 kB baryon�1, and
⌧ = 7.1ms. With s = 1 kB baryon�1 a jagged r-process is obtained because there are only few free neutrons per seed nucleus available and
nuclides with even neutron numbers are favored. Even though there are not many free neutrons available, there is still a significant amount
of lanthanides in the s = 1 kB baryon�1 case because the initial seed nuclei are very heavy. At higher entropies, the initial seeds become
lighter and the initial free neutron abundance increases. However, the increase in the initial free neutron abundance is not enough to o↵set
the decrease in the initial mass of the seeds and so we obtain a less complete r-process. The situation is reversed at s = 100 kB baryon�1,
where there is a very high neutron-to-seed ratio. In that case, a significant fraction of ↵ particles are also captured on the seed nuclei. This
leads to a full r-process in the s = 100 kB baryon�1 case.

Figure 2. A frame from the animation of the nucleosynthesis calculation for Ye = 0.01, s = 10 kB baryon�1, and ⌧ = 7.1ms. The frame
shows the full extent of the r-process just when free neutrons get exhausted. The plot in the upper left corner shows the temperature,
density, and heating rate as function of time. The colored bands in the chart of nuclides correspond to the mass bins in the histogram at
the bottom. The histogram shows the mass fractions on a linear scale while the blue curve shows the abundances as a function of mass on
a logarithmic scale. The full animations are available at http://stellarcollapse.org/lippunerroberts2015.
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• Almost all the mass is composed of radioactive r-process 
elements. 

• There are many beta-decay chains.



Energy source: R-process Heating rate
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3 R A D I OAC T I V E H E AT I N G

3.1 Network calculations

In this section we present calculations of the radioactive heating of
the ejecta. We use a dynamical r-process network (Martı́nez-Pinedo
2008; Petermann et al. 2008) that includes neutron captures, pho-
todissociations, β-decays, α-decays and fission reactions. The latter
includes contributions from neutron-induced fission, β delayed fis-
sion and spontaneous fission. The neutron capture rates for nuclei
with Z ≤ 83 are obtained from the work of Rauscher & Thielemann
(2000) and are based on two different nuclear mass models: the
Finite Range Droplet Model (FRDM; Möller et al. 1995) and the
Quenched version of the Extended Thomas–Fermi with Strutinsky
Integral (ETFSI-Q) model (Pearson, Nayak & Goriely 1996). For
nuclei with Z > 83 the neutron capture rates and neutron-induced
fission rates are obtained from Panov et al. (2010). β-decay rates
including emission of up to three neutrons after β-decay are from
Möller, Pfeiffer & Kratz (2003). β-delayed fission and spontaneous
fission rates are determined as explained by Martı́nez-Pinedo et al.
(2007). Experimental rates for α and β decay have been obtained
from the NUDAT data base.1 Fission yields for all fission processes
are determined using the statistical code ABLA (Gaimard & Schmidt
1991; Benlliure et al. 1998). All heating is self-consistently added
to the entropy of the fluid following the procedure of Freiburghaus
et al. (1999). The change of temperature during the initial expan-
sion is determined using the Timmes equation of state (Timmes &
Arnett 1999), which is valid below the density ρ ∼ 3 × 1011 g cm−3

at which our calculation begins.
As in the r-process calculations performed by Freiburghaus et al.

(1999), we use a Lagrangian density ρ(t) taken from the NS–NS
merger simulations of Rosswog et al. (1999). In addition to ρ(t), the
initial temperature T , electron fraction Ye and seed nuclei properties
(Ā, Z̄) are specified for a given calculation. We assume an initial
temperature T = 6 × 109 K, although the subsequent r-process heat-
ing is not particularly sensitive to this choice because any initial ther-
mal energy is rapidly lost to P dV work during the initial expansion
before the r-process begins (Meyer 1989; Freiburghaus et al. 1999).
For our fiducial model we also assume Ye = 0.1, Z̄ ≃ 36, Ā ≃ 118
(e.g. Freiburghaus et al. 1999).

Our results for the total radioactive power Ė with time are shown
in Fig. 1. On time-scales of interest the radioactive power can be
divided into two contributions: fission and β-decays, which are
denoted by dashed and dotted lines, respectively. The large heating
rate at very early times is due to the r-process, which ends when
neutrons are exhausted at t ∼ 1 s ∼10−5 d. The heating on longer
time-scales results from the synthesized isotopes decaying back to
stability. On the time-scales of interest for powering EM emission
(tpeak ∼ hours–days; equations3), most of the fission results from
the spontaneous fission of nuclei with A ∼ 230–280. This releases
energy in the form of the kinetic energy of the daughter nuclei and
fast neutrons, with a modest contribution from γ -rays. The other
source of radioactive heating is β-decays of r-process product nuclei
and fission daughters (see Table 1 for examples corresponding to
our fiducial model). In Fig. 1 we also show for comparison the
radioactive power resulting from an identical mass of 56Ni and its
daughter 56Co. Note that (coincidentally) the radioactive power of
the r-process ejecta and 56Ni/56Co are comparable on time-scales
∼1 d.

1http://www.nndc.bnl.gov/nudat2/

Figure 1. Radioactive heating rate per unit mass Ė in NS merger ejecta
due to the decay of r-process material, calculated for the Ye = 0.1 ejecta
trajectory from Rosswog et al. (1999) and Freiburghaus et al. (1999). The
total heating rate is shown with a solid line and is divided into contributions
from β-decays (dotted line) and fission (dashed line). For comparison we
also show the heating rate per unit mass produced by the decay chain
56Ni → 56Co → 56Fe (dot–dashed line). Note that on the ∼day time-scales
of interest for merger transients (t ∼ tpeak; equation 3) fission and β-decays
make similar contributions to the total r-process heating, and that the r-
process and 56Ni heating rates are similar.

Table 1. Properties of the dominant β-decay nuclei at t ∼ 1 d.

Isotope t1/2 Qa ϵb
e ϵc

ν ϵd
γ Eavg e

γ

(h) (MeV) (MeV)

135I 6.57 2.65 0.18 0.18 0.64 1.17
129Sb 4.4 2.38 0.22 0.22 0.55 0.86
128Sb 9.0 4.39 0.14 0.14 0.73 0.66
129Te 1.16 1.47 0.48 0.48 0.04 0.22
132I 2.30 3.58 0.19 0.19 0.62 0.77
135Xe 9.14 1.15 0.38 0.40 0.22 0.26
127Sn 2.1 3.2 0.24 0.23 0.53 0.92
134I 0.88 4.2 0.20 0.19 0.61 0.86
56Nif 146 2.14 0.10 0.10 0.80 0.53

aTotal energy released in the decay.
b,c,dFraction of the decay energy released in electrons, neutrinos and γ -rays.
eAverage photon energy produced in the decay.
f Note: 56Ni is not produced by the r-process and is only shown for compar-
ison [although a small abundance of 56Ni may be produced in accretion disc
outflows from NS–NS/NS–BH mergers (Metzger et al. 2008b)].

In Fig. 2 we show the final abundance distribution from our
fiducial model, which shows the expected strong second and third
r-process peaks at A ∼ 130 and ∼195, respectively. For comparison,
we show the measured Solar system r-process abundances with
points. The computed abundances are rather different to the one
obtained by Freiburghaus et al. (1999) due to an improved treatment
of fission yields and freeze-out effects.

Although we assume Ye = 0.1 in our fiducial model, the ejecta
from NS mergers will possess a range of electron fractions (see
Section 2.1). To explore the sensitivity of our results to the ejecta
composition we have run identical calculations of the radioactive
heating, but varying the electron fraction in the range Ye = 0.05–
0.35. Although in reality portions of the ejecta with different compo-
sitions will undergo different expansion histories, in order to make
a direct comparison we use the same density trajectory ρ(t) as was
described earlier for the Ye = 0.1 case. Fig. 3 shows the heating rate

C⃝ 2010 The Authors. Journal compilation C⃝ 2010 RAS, MNRAS 406, 2650–2662
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the ejecta.



Kilonova Emission depends on the composition

site. More recent works focus on the late chemical evolution in the Milky Way. The ratio of r-process
elements to Fe, [Eu/Fe], declines for [Fe/H]> �1, where [X/Y] = log

10
(NX/NY)� log

10
(NX/NY)�,

NX is the abundance of an element X, and � refers to the solar value. It has been questioned
whether such a behavior is consistent with the expected merger history in the Milky Way (Côté
et al., 2016; Komiya & Shigeyama, 2016).

Our goal in this article is twofold. First we summarize the cumulative evidences supporting
that r-process nucleosynthesis takes place in rare events in which a significant amount of r-process
elements are produced in each event. Using the rate and mass ejection per event inferred from
these measurements, we test the neutron star merger scenario for the origin of r-process elements in
the cosmos. This evidence clearly rules out the normal cc-SNe scenario. Moreover, the rate agrees
with merger estimates from galactic binary neutron stars, from sGRBs, and from GW170817. At
the same time the amount of matter is consistent with the kilonova/macronova, AT2017gfo, and
the candidates associated with cosmological sGRBs. Second, we turn to the Galactic chemical
evolution of r-process elements at later times [Fe/H]& �1 and discuss whether the neutron star
merger scenario can consistently explain the observed distribution of [Eu/Fe].

2 r-process production rate, sGRBs, and GW170817
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Figure 1: The solar abundance pattern of r-process elements (left) and its cumulative abundance
(right). The solar r-process abundance pattern is taken from Goriely (1999); Lodders (2003).

Before discussing details, we describe here the r-process abundance pattern. Figure 1 shows the
solar abundance pattern of r-process elements taken from (Goriely, 1999; Lodders, 2003). There are
three peaks. For the solar abundance pattern, most of the mass of r-process elements (⇠ 80%) is
around the first peak. However, the abundance ratio of the first peak to the second peak of extreme
metal poor stars, of which the abundance pattern likely reflects a single nucleosynthesis event, is
often di↵erent from that of the solar pattern. Some of these stars exhibit abundance patterns beyond
the second peak (heavy r-process) that are similar to the solar pattern. However, they don’t contain
similar amounts of the first peak elements as compared with expectations from the solar abundance
pattern (e.g. Sneden et al. 2008 and references therein). At the same time, there are stars that
contain a substantial amount of the first peak elements but do not show a significant enrichment of
heavy r-process elements (e.g. Honda et al. 2006). This suggests that the ratio between “heavy” and
“light” r-process abundances varies among events or there may be di↵erent kinds of astrophysical
phenomena producing “light” and “heavy” r-process elements. For instance, electron capture and
cc-SNe could produce a su�cient amount of “light” r-process elements (e.g. Roberts et al. 2010;
Wanajo et al. 2011). Therefore, it is important to keep in mind that it is unclear what the minimal
atomic mass number of elements produced by r-process events is.

Since rate estimates of r-process events are sensitive to the minimal atomic mass number as-
sumed, we consider here two scenarios in which an astrophysical phenomenon predominantly pro-
duces (i) all the r-process elements (Amin = 69) and (ii) only heavy r-process elements (Amin = 90).
The mass fractions of the lanthanides out of the total r-process elements for these two cases are

4

Heavy Light 

KH, Beniamini, Piran 18, Goriely 99



Radioactive heat => Photon Luminosity
Expanding Ejecta: 0.01Msun , 0.1c
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Fig. 3.— Mass absorption coefficient κ at v = 0.1c in model NSM-all and NSM-Fe as a function of wavelength (t = 3 days after the
merger). In r-process element-rich ejecta, the opacity is higher than Fe-rich ejecta by factor of about 100 around the center of optical
wavelength (∼ 5000 Å).
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Fig. 4.— Bolometric light curves for simple models with different
element abundances: NSM-all (31 ≤ Z ≤ 92), NSM-dynamical
(55 ≤ Z ≤ 92), NSM-wind (31 ≤ Z ≤ 54), and NSM-Fe (only Fe).

after the merger. Our spectra are almost featureless at
all the epochs. This is because of the overlap of many
bound-bound transitions of different r-process elements.
As a result, compared with the results by Kasen et al.
(2013) and Barnes & Kasen (2013), the spectral features
are more smeared out.
Note that we could identify possible broad absorption

features around 1.4 µm (in the spectrum at t = 5 days)
and around 1.2 µm and 1.5 µm (t = 10 days). In our
line list, these bumps are mostly made by a cluster of
the transitions of Y I, Y II, and Lu I. However, we are
cautious about such identifications because the bound-
bound transitions in the VALD database are not likely to
be complete in the NIR wavelengths even for neutral and
singly ionized ions. In fact, Kasen et al. (2013) showed
that the opacity of Ce from the VALD database drops in
the NIR wavelengths, compared with the opacity based
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Fig. 5.— Multi-color light curves of model NSM-all (in Vega
magnitude). Light curves in redder bands are brighter and slower.

on their atomic models. Although we cannot exclude a
possibility that a cluster of bound-bound transitions of
some ions can make a clear absorption line in NS merg-
ers, our current simulations do not provide prediction for
such features.

5. DEPENDENCE ON THE EOS AND MASS RATIO

Figure 7 shows the bolometric light curves of realistic
models. The models with the soft EOS APR4 (red) is
brighter than the models with the stiff EOS H4 (blue).
This is interpreted as follows. For a soft EOS (i.e., a
smaller radius of a NS), the mass ejection occurs at a
more compact orbit and shock heating is efficient. As a
result, the mass of the ejecta is higher for softer EOSs
(Hotokezaka et al. 2013; Bauswein et al. 2013). Since
the heating rate is likely to be higher for a higher ejecta
mass (Metzger et al. 2010), the NS merger with the soft
EOS APR4 is brighter. Note that the light curve of the

tdiff>t

tdiff<t
τ<1

Tanaka & KH 13 (see also Barnes & Kasen 13)
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Fig. 1.— (Upper) Solar abundance r-process abundance raio in mass fraction (Simmerer et al. 2004). The abundance is normalized with
X(Ge) = 106. (Lower) The number of bound-bound transition data for different elements. Different colors show different ionization states,
from neutral (I) to triply ionized (IV) ions. The atomic data at Z ≤ 30 are taken from Kurucz & Bell (1995) while the data at Z ≥ 31 are
compiled using the VALD database (Piskunov et al. 1995; Ryabchikova et al. 1997; Kupka et al. 1999, 2000). It is shown that there is no
data for triply ionized ions (IV, purple) at Z ≥ 31.

For the case of SNe, each packet is created as a γ-ray
packet. According to the total energy release by 56Ni
decay (ENi) and 56Co decay (ECo), each packet is des-
ignated as that from 56Ni or 56Co; a fraction ENi/Erad

is a 56Ni packet while ECo/Erad is a 56Co packet. If
a packet is a 56Ni packet, the decay time is assigned by
tactive = −tNi ln z, where tNi is the lifetime of 56Ni. Here-
after, z is a random number from 0 to 1. Similarly, if a
packet is a 56Co packet, tactive = −tNi ln z1 − tCo ln z2,
where tCo is the lifetime of 56Co (z1, and z2 are indepen-
dent random numbers from 0 to 1). These γ-ray packets
are activated once the computation reaches at t > tactive.
An isotropic direction in comoving frame is also assigned
for each packet.
For the heating by many r-process radioactive nu-

clei in the NS merger ejecta, Metzger et al. (2010)
showed the total radioactive power follows t−1.2 (see also
Korobkin et al. 2012). Thus, a time of activation of each
packet is assigned as tactive = t0,decayz−5, so that it re-
produces the energy release following t−1.2. Here t0,decay
is the beginning of the radioactive energy release. In this
paper, we set t0,decay = 10−4 days, which is sufficiently
earlier than the initial time of the simulations. When
the computation reaches to t > tactive, UVOIR packets
are created (instead of γ-ray packet for the case of SNe,
see Section 3). Similar to the case of SNe, an isotropic
direction in comoving frame is assigned. For the UVOIR
packets, the initial co-moving wavelength is assigned by
sampling emissivity jλ (Section 2.6).
Both for the cases of SNe and NS mergers, when the

time of the activation of a packet is earlier than the initial
time of the simulation (tactive < t0, where t0 is the initial
time of the simulation), the packet is created as a UVOIR
packet at t = t0. To take into account the energy loss
by adiabatic expansion, the comoving-frame energy ϵ is
reduced to ϵ = ϵ0(tactive/t0) (Lucy 2005).
Note that the current code does not take into account

the heating by the shock wave (see e.g., Kasen et al.
2006). Thus, the code cannot be applied for Type IIP
SNe, where the shock heating is a dominant source of

radiation at the plateau phase (up to ∼ 100 days).

2.4. γ-ray transfer

For the case of SNe, γ-ray transfer is computed. We
adopt the gray approximation with a mass absorption
coefficient of κγ = 0.027 cm2 g−1, which is known to
reproduce the results of multi-energy transport and the
observed light curves of Type Ia SNe (Colgate et al. 1980;
Sutherland & Wheeler 1984; Maeda 2006). This is also
confirmed by our test calculations (Appendix A). Once a
γ-ray packet is absorbed, it is immediately converted to
a UVOIR packet. For the case of NS mergers, the effect
of γ-ray transport is taken into account by introducing a
thermalization factor, and γ-ray transfer is not directly
computed (see Section 3).

2.5. UVOIR transfer

Transfer of UVOIR packets is computed considering a
wavelength-dependent opacity. As opacity sources, we
consider the electron scattering, and free-free, bound-
free, and bound-bound transitions. The wavelength-
dependent opacity is evaluated in each cell after the tem-
perature estimate in each time step. The bound-bound
transition is the dominant source of opacity both for
Type Ia SNe and NS mergers.
Electron scattering: By solving the Saha equa-

tions, the number density of free electrons (ne) is com-
puted in each cell. The absorption coefficient of electron
scattering is evaluated as αes = neσTh, where σTh is the
cross section of electron scattering (or Thomson scatter-
ing).
Free-free transition: Free-free absorption coeffi-

cient for an ion (i-th element and j-th ionization stage) is
computed as in Rybicki & Lightman (1979), using com-
mon convention;

αff
i,j(λ)=

4e6

3mehc

(

2π

3kme

)1/2

T−1/2(j − 1)2

neni,jν
−3(1− e−hν/kT )ḡff , (1)

Expanding Ejecta: 0.01Msun , 0.1c

Standard picture of kilonovae before GW170817:  
Luminosity~1041 erg/s, Peak time ~ 5 days



Bolometric luminosity: GW170817

Figure 4

Beta-decay heating rate with the solar r-process abundance for A � 85 and the bolometric light
curve calculated using a simple one dimensional ejecta model. Here the total r-process mass of
0.05M� and the typical ejecta velocity of 0.1c. The opacity is assumed to increase with decreasing
the ejecta velocity and ⇡ 1 cm2/g at 0.1c. Also depicted are the observed bolometric light curve
data of GW170817 and ⌫L⌫ of the late-time Spitzer observations at 4.5µm. The late-time Spitzer
data are considered as the lower limits on the bolometric luminosity.

evolution and spectra at later times. Therefore, the kilonova in GW170817 provides us with

evidence that neutron star mergers eject material in a broad range of Ye.

As discussed in §, dynamical ejecta are composed of a wide range of Ye but numerical

relativity simulations show that the amount of ejecta is < 0.02M�, which is lower by a

factor of a few than the one required to explain the observed luminosity. Hence, the merger

remnant must eject a larger amount of material ⇠> 0.03M� from the remnant MNS and/or

accretion disk (see Sec. 3). It is under debate what the origin of di↵erent Ye components

is and how they are spatially distributed. Here we focus on a scenario motivated by the

results of numerical relativity simulations (Fig. 6).

However, alpha decay and spontaneous fission can potentially enhance the heating rate

at later times. For GW170817, we cannot conclude whether or not such heavy elements

play a role for the energy budget. In the future events, it may be possible to identify a

signature of heavy elements using bolometric light curve at later times � 10 days.

4.4. Synchrotron Merger Remnant

The interaction between the ejected material and the surrounding interstellar medium (ISM)

produces a long-lasting synchrotron merger remnant observable in mutli-wavelength bands

(radio to X-rays). Various types of merger outflows including a dynamical ejecta, GRB

jet, and cocoon, can produce such signals. Here we focus on merger remnants arising from

dynamical ejecta since these are closely related to the merger dynamics.

Here we briefly describe rough estimates of the flux from merger remnants considering

a spherical expanding shell with a single velocity and neglecting the relativistic corrections.

A merger ejecta with kinetic energy of E and an initial velocity, �i, in units of the speed of

18 Shibata and Hotokezaka

β-decay Heating rate 
~t-1.3

Photon luminosity

Spitzer 4.5μm νLν

⇠ 0.05M�
⇠ 0.05c
κ~ 0.1 - 10cm2/g

• Beta decay heating works very well. 
• The ejecta mass is more than the expected. 
• The opacity is somewhat smaller than the expected.
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Disk outflow is likely to power the Kilonova
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1 Scientific justification

The era of gravitational-wave (GW) astronomy has begun with the announcement of the discovery
of five double black hole (BH-BH) mergers (Abbott et al. 2016a, 2017a,b,c) and one double neutron
star (NS-NS) merger (GW170817; Abbott et al. 2017d). Localized to the lenticular galaxy NGC
4993 at 40Mpc (Coulter et al. 2017), GW170817 was the first GW event with an electromagnetic
(EM) counterpart. It was accompanied by prompt �-rays, fast-fading UV/optical/NIR, and long-
lived X-ray, optical, and radio emission (Abbott et al. 2017e and references therein; left panel of
Figure 1). GW170817 yielded a scientific bonanza in fields as wide-ranging as gravitational physics,
nucleosynthesis, extreme states of nuclear matter, relativistic explosions and jets, and cosmology.
The EM signatures of GW170817 were remarkably di↵erent from what prior models predicted. The

�-rays were a factor of ⇠ 103 weaker than for ordinary short �-ray bursts (SGRBs), there was an early
blue kilonova presumably due to lanthanide-free polar ejecta (Fernandez & Metzger 2016, Kasen et
al. 2017), and late onset of radio/X-ray emission (Abbott et al. 2017e and references therein). A
subsequent fainter, longer-lived, red kilonova emission was powered by lanthanide-rich tidal ejecta or
an accretion disk wind. The merger likely produced a hyper-massive NS, rapidly followed by collapse
to a BH on a short timescale (⇠ 100ms; Kasen et al. 2017, Pooley et al. 2018). A relativistic jet was
launched, but became entrenched in the dynamical ejecta, driving a wide-angled, mildly relativistic
outflow, commonly referred to as a “cocoon” or “structured jet”. This cocoon was likely responsible
for the early-time �-rays, as well as late time X-ray (Ruan et al. 2018, Margutti et al. 2018, Troja et
al. 2018) and radio emission (e.g. Mooley et al. 2018, Margutti et al. 2018). It is unclear whether
the jet eventually burrowed through the ejecta to successfully produce a SGRB (e.g. Margutti et al.
2018). See Figure 1 for a depiction of the di↵erent ejecta components and EM signals.

Figure 1: Left panel: The optical/NIR “kilonova” and the X-ray, radio afterglows of GW170817.
The short-lived kilonova signal is powered by the radioactive decay of r-process nuclei, while the long-
lived X-ray and radio are synchrotron emission from fast-moving, wide-angle shocks. X-ray, Optical,
and radio emission is expected in 30–80% of NS-NS and NS-BH mergers. Right panel: The variety
of ejecta components, labeled in black font, and resulting EM signals, labeled in colored font, from
NS-NS and NS-BH mergers (adapted from Ioka & Nakamura 2017).

Despite the smashing success of the observing campaign surrounding GW170817, many fundamen-
tal questions about the NS merger process remain unanswered. What fraction of mergers produce
central engines and relativistic jets? How long do they operate, and how often are they able to
successfully penetrate the merger ejecta and radiate to on-axis observers as a classical SGRB? How
much energy is released in total? What is the maximum mass for a stable NS remnant? What will

1

Afterglow in GW170817

Afterglow

Kilonova

Question: Do we see a relativistic jet?



Imaging the afterglow with VLBI
Breaking the degeneracy: VLBI

Two observations with the HSA
(75 d and 230 d post-merger)



Breaking the degeneracy: VLBI

Two observations with the HSA
(75 d and 230 d post-merger)

Figure 1: VLBI images. The cleaned images (natural weighting; 0.2 mas pixel�1) from the two

epochs of VLBI, 75 d (panel a) and 230 d (panel b) post-merger. The center coordinates for these

images are RA 13:09:48.069, Dec -23:22:53.39. The white contours are at 11, 22, and 44 µJy

beam�1 in both images (red contour is �11 µJy beam�1 ). The peak flux density of the sources is

58±5 µJy beam�1 and 48±6 µJy beam�1 in the two epochs respectively (image RMS noise quoted

as the 1� uncertainty). The ellipse on the lower left corner of each panel shows the synthesized

beam: [12.4, 2.2, -7] and [9.1, 3.2, -4] for the two epochs [major axis in mas, minor axis in mas,

position angle in degrees].

Imaging the afterglow with VLBI



Figure 1: Proper motion of the radio counterpart of GW170817. The centroid offset posi-

tions (shown by 1� errorbars) and 3�-12� contours of the radio source detected 75 d (black)

and 230 d (red) post-merger with Very Long Baseline Interferometry (VLBI) at 4.5 GHz. The

two VLBI epochs have image RMS noise of 5.0 µJy beam�1 and 5.6 µJy beam�1 (natural-

weighting) respectively, and the peak flux densities of GW170817 are 58 µJy beam�1 and 48 µJy

beam�1 respectively. The radio source is consistent with being unresolved at both epochs. The

shape of the synthesized beam for the images from both epochs are shown as dotted ellipses to the

lower right corner. The proper motion vector of the radio source has a magnitude of 2.7± 0.3 mas

and a position angle of 86o ± 18o, over 155 d.

Superluminal Jet in GW170817
VLBI resolve the motion of the radio source Mooley…KH (2018)

Day 75Day 240

1, The source moved  
     2.7 mas in 155 day.  

 => 2.7 mas ~ 0.5 pc (at 40Mpc) 

�app = 4.1± 0.4 at 41Mpc

2, The source size is  
unresolved.  

=> the emission region 
does not extend much.

• Very strong evidence for a jet in GW170817 
• First time to see a superluminal motion of a “GRB” jet.
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Jet Parameters

  

≤5o

15o–25o

n ≈ 10-4 – 5x10-3 cm-3

E ≈ 1049 – 1050 erg

θ
jet

θ
obs

Mooley+KH,18

– 32 –

Fig. 8.— sGRBs of our sample in the Ep � T90, Ep � Flux, and Flux � T90 planes. GRB

170817A is marked with a red star.

– 34 –

Fig. 10.— Eiso as a function of Ep in the burst frame for a sample of sGRB taken from

Zhang et al. (2009). The red star is GRB 170817A. The solid line is the Spearman linear fit

together with its 2� confidence level.

31

Figure 7. The 256 ms binned lightcurve of GRB 170817A in the 10–300 keV band for NaI 1, 2, and 5. The shaded regions are

the di�erent time intervals selected for spectral analysis. The inclusion of the lower energies shows the soft tail out to T0+2 s.
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Figure 8. Spectral fits of the count rate spectrum for the [Left] main pulse (Comptonized) and [Right] softer emission (black

body). The blue bins are the forward-folded model fit to the count rate spectrum, the data points are colored based on the

detector, and 2� upper limits estimated from the model variance are shown as downward-pointing arrows. The residuals are

shown in the lower subpanels.
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Figure 8. Spectral fits of the count rate spectrum for the [Left] main pulse (Comptonized) and [Right] softer emission (black

body). The blue bins are the forward-folded model fit to the count rate spectrum, the data points are colored based on the

detector, and 2� upper limits estimated from the model variance are shown as downward-pointing arrows. The residuals are

shown in the lower subpanels.

Figure 5: Light curve of GRB 170817A observed by Fermi GBM (top left). Spectrum of the first
spike of GRB 170817A (top right). Comparison of GRB 17817A with Fermi GBM GRBs: the peak
energy and duration (bottom left) and the peak energy and isotropic equivalent energy for short
GRBs (bottom right). The top figures are adopted from Goldstein et al. (2017) and the bottom
figures from Lu et al. (2017).

where M is the mass of the outflow and Eiso is the isotropic-equivalent energy of the spike radiated
in �-rays.

⌧ ⇠ 3M

4⇡R2
, (42)

& 3Eiso

16⇡�t2c4�5
, (43)

⇠ 1

✓
Eiso

2.7 · 1046 erg

◆✓
�t

0.2s

◆�2 ✓�

5

◆�5

. (44)

Therefore, we conclude that GRB 170817A must involve an outflow moving at least � = 5.
This estimate is quite rough, one can do more sophisticated estimates based on the spectrum by
calculating the optical depth due to electron-positron pair production.

3.3 O↵-axis emission

We now discuss whether GRB 170817A can be explained by a normal short GRB seen from o↵-axis.
Causally connected jets (✓j ⌧ 1/�): In this regime, the jet is practically considered as a point

source moving at �. Given the fact that L⌫/⌫3 is a Lorentz invariant in such cases, the observed
flux density as a function of viewing angle is simply given by

F⌫ =
1

4⇡d2
L0
⌫0

�3(1 � � cos ✓obs)3
, (45)
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EK,iso inferred from VLBI 
High end of Eiso of short GRBs

• We would have seen a strong GRB if we were on-axis. 
• H0 measurement can be improved by a factor of 3. (tomorrow)
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Question: Where they come from?
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Binary Black Hole Scenarios

(1) Evolution of field binaries 

(2) Dynamical capture in stellar clusters 

(3) Formation in galactic nuclei 

(4) Primordial black holes

This talk

Key Question: 
How are black hole spin parameters useful 

to unveil their progenitors?



Field binary evolution
Two�OB�main-sequence
stars

More�massive�star�(primary)
overfills�Roche�lobe.�Stable�or
unstable�nonconservative�mass
exchange

Helium-rich��star
with�OB-companion

Primary�explodes�as
core-collapse�SN�or�ECSN
and�becomes�a�neutron�star
or�black�hole

Secondary�is�close�to�Roche�lobe.
Accretion�of�stellar�wind�results
in�powerful�X-ray�emission

Helium�core�of�the�secondary
with�compact�companion�inside
mass-losing�common�envelope

T~1Myr,�N~1000
Red�(super)giant�with
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Single�neutron�star
or�black�hole
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He-�star�with�compact
companion�surrounded
by�an�expanding�envelope
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Merger�of�components
with�a�burst�of�emission
of�gravitational�waves�and
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E~10 erg,��~10 yr
53 -4 -1
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Binary�relativistic
star
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Supernova�explosion
disrupts�the�system.
Two�single�neutron
stars�or�black�holes

!10 yr
-2 -1

Secondary�explodes�as

a��supernova,�~10 yr
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Figure 7: Evolutionary scenario for formation of neutron stars or black holes in close binaries. T
is typical time scale of an evolutionary stage, N is the estimated number of objects in the given
evolutionary stage.
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Stellar evolution approach

Bottom up approach

GW150914 
LVT151002 
GW151226 

and upcoming events



What progenitor stars can evolve to a merging BH?

Main sequence Blue supergiant Red supergiant Wolf-Rayet

?



Main sequence Blue supergiant Red supergiant Wolf-Rayet

Merge with in a Hubble time (~13 Gyr)

2 Hotokezaka & Piran

TABLE 1
Parameters of the BBH mergers detected during LIGO’s O1 Run

Event m1 [M�] m2 [M�] mtot [M�] �e↵ Rate [Gpc�3 yr�1]
GW150914 36.2+5.2

�3.8 29.1+3.7
�4.4 65.3+4.1

�3.4 �0.06+0.14
�0.14 3.4+8.6

�2.8

GW151226 14.2+8.3
�3.7 7.5+2.3

�2.3 21.8+5.9
�1.7 0.21+0.20

�0.10 37+92
�31

LVT151012 23+18
�6 13+4

�5 37+13
�4 0.0+0.3

�0.2 9.4+30.4
�8.7

The parameters are median values with 90% confidence intervals.

The values are taken from Abbott et al. (2016b).

Bursts (LGRBs) after the beaming correction with a rea-
sonable value (Wanderman & Piran 2010). LGRBs are
produced during the core collapse of massive stars and
Woosley (1993) proposed that they are formed by a black
hole surrounded by an accretion disk. These facts moti-
vate us to explore a scenario that LGRBs are produced
during the core collapse of stars in massive close bina-
ries which eventually evolve to merging BBHs. In fact,
the scenarios that LGRBs arise from massive stars in
close binaries have been already discussed in the litera-
ture (e.g. Podsiadlowski et al. 2004; Detmers et al. 2008;
Woosley & Heger 2012).
In this paper, we consider the spin of BBH mergers for

di↵erent types of progenitors and estimate the expected
spin distribution and its redshift distribution. We briefly
summarize the observed properties of the BBH mergers
detected in LIGO’s O1 run in §2. We describe the spin
and tidal synchronization of the progenitors in §3 and
§4 and discuss di↵erent stellar models in §5. The possi-
ble connection between the BBH merger progenitors and
LGRBs is discussed in §6. We show the spin distribution
and its redshift evolution for the case of WR progenitors
and Pop III progenitors in §7. We also discuss caveats of
the spin argument in §8. We conclude our results in §9.
In this paper, we use the ⇤CDM cosmology with h = 0.7,
⌦⇤ = 0.7, and ⌦M = 0.3.

2. LIGO’S O1 GW DETECTIONS

Mass function and Rate: The masses and event rates of
the three BBHs detected in LIGO’s O1 run are summa-
rized in Table 1. These event rates suggest that the pri-
mary mass function of BBH mergers is dR/dm1 / m�↵

1
,

where ↵ = 2.5+1.5
�1.6 and m1 is the mass of the pri-

maries. The total BBH merger rate density is then
99+138

�70
Gpc�3 yr�1 for ↵ = 2.35 and m1,min = 5M�,

where this lower limit was based on the observed pop-
ulation of these mergers (Abbott et al. 2016b). It is con-
sistent with observations of Galactic black holes (see, e.g,
Özel et al. 2010; Farr et al. 2011). Note that the total
event rate is sensitive to the choice of m1,min that is still
uncertain. If we take the secondary mass of GW151226,
7.5M�, as the minimal black hole mass in BBH mergers,
the total event rate decreases to 57Gpc�3 yr�1.
This primary mass function is consistent with the

Salpeter initial mass function of local stars (Abbott et al.
2016b), suggesting that these BBHs may originate from
binary stellar objects. In addition, the event rate is simi-
lar to that of LGRBs, which are thought to be associated
with black hole formations. In §7 and §8, we will discuss
a scenario motivated by this similarity in which LGRBs
are produced at the core-collapse of stars in binary sys-
tems that eventually evolve to BBHs.
Spin parameters: The spin angular momentum of the

merging BBHs can be inferred from the gravitational-

wave signal. The e↵ective spin parameter �e↵ represents
a mass-weighted total spin angular momentum of the two
black holes parallel to the orbital angular momentum.
It is well constrained as compared with the individual
component spins that are not. The measured values are
shown in Table 1. These values clearly exclude rapidly
rotating progenitors. As pointed out by Kushnir et al.
(2016b), these measured spin values are quite important
to constrain the origin of BBH mergers because these
depend sensitively on the evolutional path of progenitors
of BBHs. We focus on the spin evolution of the BBH
progenitors in the rest of the paper. Note that the error
range of the observed �e↵ of GW151226 does not exclude
the possibility that the spin parameter of the secondary
is of order unity if the primary’s spin is much smaller
than unity. However, here we consider that the spin pa-
rameters of LIGO’s O1 events are generally low.

3. BINARY BLACK HOLE PROGENITORS’ SPIN

A binary system with stellar masses m1 and m2 at a
semi-major axis a inspirals in due to gravitational-wave
radiation. The time until the coalescence, tc, is

tc=
5

256

a

c

c2a

Gm1

c2a

Gm2

c2a

Gmtot

(1)

⇡ 10q2
✓
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Gyr,

where q ⌘ m2/m1, G is the gravitational constant, and
c is the speed of light. The corresponding orbital period
is: Porb ⇡ 4.4 day (a/44R�)2/3(mtot/60M�)�1/2.
The stellar radius cannot exceed much more than the

Roche limit. For instance, the Roche limit of the sec-
ondary is RRL ⇡ 0.49q2/3a/(0.6q2/3+ln(1+q1/3)) (Eggle-
ton 1983). For equal mass binaries: RRL ⇡ 0.38a. Re-
quiring R2 < RRL and a binary with a coalescence time
less than the Hubble time gives the condition:

R2 . 17R�(m2/30M�)
3/4, (2)

where R2 is the stellar radius of the secondary and we
have assumed q = 1. In the rest of the paper, we con-
sider massive stars that satisfy this condition. We denote
hereafter the primary (secondary) as the star in a binary
evolving to a black hole at the first (second) core collapse
for convenience.
Clearly if the stellar spin just before the collapse is

larger than the maximal Kerr black hole spin some mass
and angular momentum will be shed out and the formed
black hole will be a maximal Kerr black hole. Other-
wise, the spin of the black hole equals to this stellar
spin. A critical question is whether the star is synchro-
nized (tidally locked) with the orbital motion before the
collapse. We characterize this by a synchronization pa-
rameter xs, e.g., xs = 1 and 0 correspond to the case

2 Hotokezaka & Piran
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sonable value (Wanderman & Piran 2010). LGRBs are
produced during the core collapse of massive stars and
Woosley (1993) proposed that they are formed by a black
hole surrounded by an accretion disk. These facts moti-
vate us to explore a scenario that LGRBs are produced
during the core collapse of stars in massive close bina-
ries which eventually evolve to merging BBHs. In fact,
the scenarios that LGRBs arise from massive stars in
close binaries have been already discussed in the litera-
ture (e.g. Podsiadlowski et al. 2004; Detmers et al. 2008;
Woosley & Heger 2012).
In this paper, we consider the spin of BBH mergers for

di↵erent types of progenitors and estimate the expected
spin distribution and its redshift distribution. We briefly
summarize the observed properties of the BBH mergers
detected in LIGO’s O1 run in §2. We describe the spin
and tidal synchronization of the progenitors in §3 and
§4 and discuss di↵erent stellar models in §5. The possi-
ble connection between the BBH merger progenitors and
LGRBs is discussed in §6. We show the spin distribution
and its redshift evolution for the case of WR progenitors
and Pop III progenitors in §7. We also discuss caveats of
the spin argument in §8. We conclude our results in §9.
In this paper, we use the ⇤CDM cosmology with h = 0.7,
⌦⇤ = 0.7, and ⌦M = 0.3.
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2016b), suggesting that these BBHs may originate from
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lar to that of LGRBs, which are thought to be associated
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a mass-weighted total spin angular momentum of the two
black holes parallel to the orbital angular momentum.
It is well constrained as compared with the individual
component spins that are not. The measured values are
shown in Table 1. These values clearly exclude rapidly
rotating progenitors. As pointed out by Kushnir et al.
(2016b), these measured spin values are quite important
to constrain the origin of BBH mergers because these
depend sensitively on the evolutional path of progenitors
of BBHs. We focus on the spin evolution of the BBH
progenitors in the rest of the paper. Note that the error
range of the observed �e↵ of GW151226 does not exclude
the possibility that the spin parameter of the secondary
is of order unity if the primary’s spin is much smaller
than unity. However, here we consider that the spin pa-
rameters of LIGO’s O1 events are generally low.
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where q ⌘ m2/m1, G is the gravitational constant, and
c is the speed of light. The corresponding orbital period
is: Porb ⇡ 4.4 day (a/44R�)2/3(mtot/60M�)�1/2.
The stellar radius cannot exceed much more than the

Roche limit. For instance, the Roche limit of the sec-
ondary is RRL ⇡ 0.49q2/3a/(0.6q2/3+ln(1+q1/3)) (Eggle-
ton 1983). For equal mass binaries: RRL ⇡ 0.38a. Re-
quiring R2 < RRL and a binary with a coalescence time
less than the Hubble time gives the condition:

R2 . 17R�(m2/30M�)
3/4, (2)

where R2 is the stellar radius of the secondary and we
have assumed q = 1. In the rest of the paper, we con-
sider massive stars that satisfy this condition. We denote
hereafter the primary (secondary) as the star in a binary
evolving to a black hole at the first (second) core collapse
for convenience.
Clearly if the stellar spin just before the collapse is

larger than the maximal Kerr black hole spin some mass
and angular momentum will be shed out and the formed
black hole will be a maximal Kerr black hole. Other-
wise, the spin of the black hole equals to this stellar
spin. A critical question is whether the star is synchro-
nized (tidally locked) with the orbital motion before the
collapse. We characterize this by a synchronization pa-
rameter xs, e.g., xs = 1 and 0 correspond to the case

Merger Time

stellar radii are too large



The 1st BBH merger: GW150914

spins (right panel of Fig. 5) matches our expectations once
the information that jχeff j is small has been included. Two
elements may be responsible for this. If precession occurs,
at most one modulation cycle would be present in the LIGO
sensitivity window. If the source was viewed with J close
to the line of sight (Fig. 2), the amplitude of possible
modulations in the recorded strain is suppressed.
The joint posterior PDFs of the magnitude and orienta-

tion of S1 and S2 are shown in the right panel of Fig. 5.
The angle of the spins with respect to L (the tilt angle)
is considered a tracer of BBH formation channels [97].
However, we can place only weak constraints on this
parameter for GW150914: the probabilities that S1and S2
are at an angle between 45° and 135° with respect to the
normal to the orbital plane L are 0.77 and 0.75, respec-
tively. For this specific geometrical configuration the spin
magnitude estimates are a1< 0.8 and a2< 0.8 at 90%
probability.
Some astrophysical formation scenarios favor spins

nearly aligned with the orbital angular momentum, par-
ticularly for the massive progenitors that in these scenarios
produce GW150914 [97,114,115]. To estimate the impact
of this prior hypothesis on our interpretation, we used the
fraction (2.5%) of the spin-aligned result (EOBNR) with
S1;2· L > 0 to revise our expectations. If both spins must
be positively and strictly co-aligned with L, then we can
constrain the two individual spins at 90% probability to be
a1< 0.2and a2< 0.3.
The loss of linear momentum through GWs produces a

recoil of the merger BH with respect to the binary’s original

center of mass [116,117]. The recoil velocity depends on
the spins (magnitude and orientation) of the BHs of the
binary and could be large for spins that are appropriately
misaligned with the orbital angular momentum [118–121].
Unfortunately, the weak constraints on the spins
(magnitude and direction) of GW150914 prevent us from
providing a meaningful limit on the kick velocity of the
resulting BH.

A. A minimal-assumption analysis

In addition to the analysis based on the assumption that
the signal is generated by a binary system, we also consider
a model which is not derived from a particular physical
scenario and makes minimal assumptions about hþ;×.
In this case we compute directly the posterior pð~hj~dÞ by
reconstructing hþ;× using a linear combination of ellipti-
cally polarized sine-Gaussian wavelets whose amplitudes
are assumed to be consistent with a uniform source
distribution [84,122], see Fig. 6. The number of wavelets
in the linear combination is not fixed a priori but is
optimized via Bayesian model selection. This analysis
directly infers the PDF of the GW strain given the data
pð~hj~dÞ.
We can compare the minimal-assumption posterior for

the strain at the two instruments with the results of the
compact binary modeled analysis pð~hð~ϑÞj~dÞ. The wave-
forms are shown in Fig. 6. There is remarkable agreement
between the actual data and the reconstructed waveform
under the two model assumptions. As expected, the

FIG. 5. Left: PDFs (solid black line) for the χp and χeff spin parameters compared to their prior distribution (green line). The dashed
vertical lines mark the 90% credible interval. The one-dimensional plots show probability contours of the prior (green) and marginalized
PDF (black). The two-dimensional plot shows the contours of the 50% and 90% credible regions plotted over a color-coded PDF. Right:
PDFs for the dimensionless component spins cS1=ðGm2

1Þ and cS2=ðGm2
2Þ relative to the normal to the orbital plane L, marginalized

over uncertainties in the azimuthal angles. The bins are constructed linearly in spin magnitude and the cosine of the tilt angles,
cos θLSi ¼ Si · L=ðjSijjLjÞ, where i ¼ f1;2g, and therefore have equal prior probability.
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The 1st BBH merger: GW150914
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at most one modulation cycle would be present in the LIGO
sensitivity window. If the source was viewed with J close
to the line of sight (Fig. 2), the amplitude of possible
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tively. For this specific geometrical configuration the spin
magnitude estimates are a1< 0.8 and a2< 0.8 at 90%
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fraction (2.5%) of the spin-aligned result (EOBNR) with
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a1< 0.2and a2< 0.3.
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the spins (magnitude and orientation) of the BHs of the
binary and could be large for spins that are appropriately
misaligned with the orbital angular momentum [118–121].
Unfortunately, the weak constraints on the spins
(magnitude and direction) of GW150914 prevent us from
providing a meaningful limit on the kick velocity of the
resulting BH.

A. A minimal-assumption analysis

In addition to the analysis based on the assumption that
the signal is generated by a binary system, we also consider
a model which is not derived from a particular physical
scenario and makes minimal assumptions about hþ;×.
In this case we compute directly the posterior pð~hj~dÞ by
reconstructing hþ;× using a linear combination of ellipti-
cally polarized sine-Gaussian wavelets whose amplitudes
are assumed to be consistent with a uniform source
distribution [84,122], see Fig. 6. The number of wavelets
in the linear combination is not fixed a priori but is
optimized via Bayesian model selection. This analysis
directly infers the PDF of the GW strain given the data
pð~hj~dÞ.
We can compare the minimal-assumption posterior for

the strain at the two instruments with the results of the
compact binary modeled analysis pð~hð~ϑÞj~dÞ. The wave-
forms are shown in Fig. 6. There is remarkable agreement
between the actual data and the reconstructed waveform
under the two model assumptions. As expected, the

FIG. 5. Left: PDFs (solid black line) for the χp and χeff spin parameters compared to their prior distribution (green line). The dashed
vertical lines mark the 90% credible interval. The one-dimensional plots show probability contours of the prior (green) and marginalized
PDF (black). The two-dimensional plot shows the contours of the 50% and 90% credible regions plotted over a color-coded PDF. Right:
PDFs for the dimensionless component spins cS1=ðGm2

1Þ and cS2=ðGm2
2Þ relative to the normal to the orbital plane L, marginalized

over uncertainties in the azimuthal angles. The bins are constructed linearly in spin magnitude and the cosine of the tilt angles,
cos θLSi ¼ Si · L=ðjSijjLjÞ, where i ¼ f1;2g, and therefore have equal prior probability.

PRL 116, 241102 (2016) P HY S I CA L R EV I EW LE T T ER S
week ending
17 JUNE 2016

241102-9

Black hole spin before merger

Both spins are low  
or lie on the orbital plane

�� ⇠ 0.2

�⇤ & 10

Massive main-sequence:

Sun:

Abbott +16



Tidal Synchronization in close binaries

When the separation is sufficiently close, 
the tidal synchronization (lock) occurs. 

=> Ωspin = Ωorb  
(align to the orbit)

For BBH progenitors (tc < Hubble time),  
(1) Synchronization or not ? 
(2) If so, what is the spin parameter?

Kushnir+15, KH & Piran 17, Zaldarriaga+17 for Binary black holes
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The observed spin parameter χ  << 1 for GW150914

Unlikely



Wolf-Rayet binary
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Binary Black Holes in LIGO O1 and O2
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Redshift evolution: High/Low spinBBH spins and progenitors 9
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Fig. 5.— The redshift evolution of BBH mergers for the cases that the BBH formation follows the cosmic star formation history (top
panels) and the LGRB rate (bottom panels). We separate the mergers into the high and low spin populations with a threshold spin of
�2 = 0.3. Here we assume a delay time distribution with n = 1 and a minimal delay time of 10 Myr. The total merger rate in the local
Universe estimated by Abbott et al. (2016b) is shown as a square.
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Fig. 6.— The same as Fig. 5 but for the Pop III scenario. Also
shown is the redshift evolution of the cosmic SFR scenario for a
comparison. An arrow depicts the redshifts where BBH mergers
with extreme spins dominates the event rate.

magnetic fields and an ultra-relativistic jet is launched
with this energy (Blandford & Znajek 1977). While we
still do not know whether or not this process works in
collapsing massive stars and what the back reaction of
this process on the central black hole is, if this process
removes a significant amount of the rotational energy,
the spin of the black hole is reduced.

9. CONCLUSIONS

We study the spin distribution and its redshift evo-
lution for scenarios in which BBH mergers are formed
via field binary systems, based on the tidal synchro-
nization argument (Kushnir et al. 2016b). For massive

main-sequence stars, the tidal synchronization occurs on
timescales much shorter than their lifetime if their semi-
major axis is small enough to merge within the Hubble
time. As a result, the spin parameters of such main-
sequence stars exceed unity. Given the fact that the spin
parameters of the three LIGO’s O1 events measured via
the GW signals are significantly less than unity, we can
rule out the possibility that these BBHs are formed di-
rectly from the collapse of main-sequence stars. This also
indicates that, if the BBHs formed via binary evolution
beginning with two main-sequence stars, the progenitor
binary systems must experience either a significant loss of
their spin angular momentum (more than 95%) or a sig-
nificant decrease in the semi-major axis during their evo-
lution. This conclusion is consistent with current stellar
and binary evolution studies (see, e.g., Belczynski et al.
2016 ).

Therefore, WR stars seem to be the only possible pro-
genitors of BBH mergers among known stellar objects.
We consider the spin distribution and redshift evolution
of BBH mergers formed via WR progenitors, taking the
synchronization, mass loss, and stellar lifetime, into ac-
count. Here we assume that the cosmic BBH formation
history is proportional to either the cosmic SFR or to
LGRB rate as those are also formed from WR stars with
two di↵erent delay time distributions. We show that a
steep time distribution delay / 1/t2 predicts too many
BBH mergers with extreme spins �2 ⇠ 1. This is incon-
sistent with the LIGO’s O1 events. On the contrary, for
the delay time distribution of / 1/t, the rate of BBH
mergers with low spins (�2 . 0.3) dominates over the

KH & Piran 17



Wolf-Rayet binary: Three predictions on spin 

• Aligned spin parameters (χeff) are mostly positive. 

• Distribution is bimodal (low and high). 

• More high spin mergers occurring in higher redshifts.



Summary

• GW170817 points to a compact neutron star EOS (~<13km) 

• Merger remnants have some variety (BH, hypermassive neutron star..) 

• Kilonova light curve of GW170817 => R-procss ejecta of 0.05Msun. 

• The superluminal collimated jet exists in GW170817 

• E~1049 -1050 erg, θj ~ 3o => The high end of short GRB jets. 

• Wolf-Rayet binaries are likely progentiors of BBH megers.  

• Spin distribution is expected to be bimodal and higher spins at higher 
red shift.

We will learn more from the future GW observations!


