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The ISM and molecular clouds on galaxy 
scales

• Properties of molecular clouds
- clouds highly structured
- low star formation efficiency
- mass spectra 
- retrograde and prograde cloud rotations

• Properties and structure of the ISM
- components of cold, warm, hot ISM
- scale height of the ISM
- distribution and linewidths of HI, CO
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The ISM and molecular clouds on galaxy 
scales
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The ISM and molecular clouds on galaxy 
scales
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The ISM and molecular clouds on galaxy 
scales

• Do we need feedback to match these properties?

- Yes

- Mostly to counteract gravity  
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Outline

• Properties of molecular clouds and ISM in 
global simulations

• Cloud formation and dispersal

• Zoom in simulations

• Synthetic CO and HI maps compared with 
Outer Galaxy
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Isolated galaxy simulations
• Logarithmic potential for the stars and dark matter 
with / without spiral component (m=0,2,4)

• Self gravity of the gas

• Cooling and heating of the ISM (Glover & MacLow 
2007)

• H2 and CO formation

•1,4,8 million particles                     Σ=8, 16 M⊙pc-2

• Simple stellar feedback prescription
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• Stellar feedback: above densities of 100, 500, 104 cm-3, 
converging flow

• Add kinetic and thermal energy                                     
equal to ɛ M(H2)x1051ergs       ɛ=1%, 5%, 10%, 20%, 40%            

               160 M⊙

• Energy distributed in form of Sedov solution

• Add energy instantaneously, continuously over time, with 
a delay

Isolated galaxy simulations
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Galaxy simulations

 8 million particles

 Ʃ=8 M⊙pc-2

lo
g 

H
2

ɛ=5%
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Properties of the disc: Structure

Feedback insufficient 
to disrupt clouds: no 
equilibrium state

Feedback 
dominates 
structure

Clear spiral 
arms and 
spurs
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ISM Velocity dispersion

ε (%) σ (km/s)

1 2-4

5 4-8

20 8-20

Slightly higher in spiral arms

ε=5 %

σz

σr

⬅Velocity dispersion in 

500 pc annulus of disc

Below: Typical velocity 
dispersion in the disc vs 
feedback (star formation) 
efficiency
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Scale height

Equilibrium: 150-350 Myr

The Astronomical Journal, 141:23 (35pp), 2011 January Bagetakos et al.
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Figure 1. Scale heights as a function of galactocentric (R) radius normalized to R25 for dwarf galaxies (top panels), early-type (bottom left), and late-type (bottom
right) spirals. The dotted lines correspond to the scale height calculated using Equation (2) and the solid lines to a best-fit function.

holes “by eye,” despite the fact that it is less objective than an
algorithm and quite a time-consuming process.

The search for H i holes in the 20 THINGS galaxies was
conducted with the KARMA10 visualization software package
which contains a large number of modules (tasks) several of
which were used for this project. In particular, the task kvis
was used to display and investigate the integrated H i maps as

10 The KARMA visualization software package was developed by Richard
Gooch, formerly of the Australia Telescope National Facility (ATNF).

well as digital movies of the data cube. The task kpvslice was
also extensively used as it offers many ways to look at a data
cube by producing interactive position–velocity (pV) cuts in any
orientation through a data cube.

The detection process involved several steps which were
followed in a consistent way for all 20 galaxies. First, the task
kvis was used to inspect the natural weighted integrated map
for the most obvious, more extended structures. The second step
was to search the higher resolution robust weighted integrated

5

ε=5 %

ε=10 %
ε=20 %

 

 

Bagetakos et 
al. 2011

Scale heights qualitatively 
agree with observations

In simulations, both σ and 
scale height scale with 
feedback
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Temperature Distribution

Equilibrium: 150-350 Myr

ε=5 % (moderate feedback) ε=20 % (high feedback)

• Hard to generate large amounts of cold gas coupled 
with high velocity dispersions and scale heights 
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Properties of clouds

Equilibrium: 150-350 Myr

14 C. L. Dobbs

are bound compared to only 30 per cent with the spiral po-
tential (even when just considering the lower mass clouds).
In other respects the clouds are similar. The distributions
of aspect ratios are similar, and the clouds in Run L5nosp

are short-lived. This di�erence in � could reflect that the
spiral potential allows gas to be gathered together indepen-
dently of gravity, whereas without the spiral potential, the
clouds are more often formed bound, undergo gravitational
collapse, and are then dispersed.

The third and fifth panels compare the proper-
ties of clouds in models with di�erent surface den-
sities (L10 and M10, with 8 and 16 M⇤ pc�2 and
⇥ = 10 per cent). The properties of the clouds are
similar. There is a greater di�erence between mod-
els L5 and M5, as in L5 the feedback is su⇤cient to
disrupt the clouds, but not M5. However we do not
compare these two cases, as the M5 model does not
show convergence.

We compute mass spectra for the calculations with dif-
ferent star formation e⌅ciencies in Fig. 20 (Runs L1, L5
and L20). The cloud mass function has a slope of around
dN/dM ⇤ M�1.9±0.1 for the clouds in Runs L5 and L20,
with 5 and 20 per cent e⌅ciencies (and though not shown,
the slope is similar for Run L10 with 10 per cent e⌅ciency).
This is similar to the results we obtained in Dobbs (2008),
and to observations (Heyer et al. 2001). Thus the star for-
mation e⌅ciency does not change the slope, rather the level
of stellar feedback determines the normalisation of the cloud
mass function. For the calculation with 20 per cent e⌅ciency,
there are fewer clouds, and the maximum mass is 7.5� 105

M⇤. Though we do not show it in Fig. 20, the cloud mass
spectrum for Run M10, with a higher surface density, has
a slightly shallower slope (dN/dM ⇤ M�1.65±0.1), which
could be due to the increased importance of self gravity
(Dobbs 2008; Dib et al. 2008). The normalisation is also
naturally higher.

The mass function for Run L1, with ⇥ = 1 per cent is
very di�erent. There is a peak at 5� 106 M⇤, which is not
seen in observations. Again these high mass clouds are grav-
itationally bound, long lived clouds. In Run L1, feedback
is insu⌅cient to disrupt the clouds, therefore they can con-
tinue to increase in size. Their mass is instead only limited
by their age, and the accretion of gas from the surround-
ing medium. In fact any of the simulations where we find
a significant number of clouds which do not follow a con-
stant surface density relation (i.e. L1, eventually L5, and
M5) would exhibit such a bimodal distribution.

7.2 Cloud heights and Orion

Earlier in Fig. 9 we showed the heights of supernovae events
in the disc. We also determined the height of the clouds
found in calculations L5, L10 and L20, at a time of 200
Myr. The maximum heights of the clouds are ⇥ 120, 220
and 300 pc for the calculations with 5, 10 and 20 per cent
e⌅ciency respectively. Orion lies at a height of 200 pc above
the midplane. For the 10 and 20 per cent e⌅ciency calcula-
tions, clouds with heights similar to Orion are relatively easy
to produce. For the 5 per cent calculation, they are much
rarer. Fig. 9 shows that a small number of supernovae have
occured at heights of 200 pc, suggesting we would only find
such a high latitude cloud at particular time intervals.

Figure 20. The mass spectra are shown for the calculations with
� = 1, 5 and 20 per cent (L1, L5 and L20), where there is a spiral
potential. The spectra are calculated at a time of 200 Myr for
Runs A5 and A20, and 125 Myr for Run A1. The slope of the
mass spectra is about dN/dM ⇥ M�1.9±0.1 when � = 5 and 20
per cent, the mass spectrum is merely shifted to lower masses
with the higher star formation e�ciency. The spectra for the 1
per cent e�ciency case (Run L1) exhibits a bimodal distribution
due to a population of long-lived bound clouds.

7.3 Cloud rotation

The angular momenta of the clouds is shown in Fig. 21 for
Run L5. As pointed out in Dobbs (2008), cloud collisions
can be su⌅ciently disruptive to cause GMCs to have a net
rotation in a direction opposite to the rotation of the galaxy.
The distribution is similar to that shown in Dobbs (2008),
with a similar fraction (37 per cent) of retrograde rotating
clouds. The low mass clouds have slightly higher angular
momenta compared to Dobbs (2008).

We show the fraction of retrograde clouds for the dif-
ferent calculations in Fig. 22. Observations of clouds in our
Galaxy, and M33, suggest that ⇥ 40–60 per cent of clouds
exhibit retrograde rotation (Phillips 1999; Rosolowsky et al.
2003; Imara et al. 2011; Imara & Blitz 2011). For the calcu-
lations with ⇥ = 5, 10 and 20 per cent (L5, L10 and L20),
the fraction of retrograde clouds agrees with observations.
For Run L1 (⇥ = 1 per cent) however, there are only ⇥ 13
per cent retrograde clouds, much lower then observations. In
this calculation, much of the gas accumulates into > 106M⇤
clouds which rarely collide and are not substantially dis-
rupted by stellar feedback. Thus there is no mechanism to
cause these clouds to rotate retrogradely. Instead the clouds
continue to accrete gas due to self gravity.

We also show in Fig. 22 the fraction of retrograde clouds
for Runs L5nosp and L10nosp. In both cases the fraction of
retrograde clouds is less than with the spiral potential. This
again points to a scenario where collisions are less important
in the calculations without a spiral potential, and the clouds
mainly form by self gravity.

c� 0000 RAS, MNRAS 000, 1–18

1% feedback gives 
bimodal 

distribution
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Properties of clouds

Equilibrium: 150-350 Myr

14 C. L. Dobbs

are bound compared to only 30 per cent with the spiral po-
tential (even when just considering the lower mass clouds).
In other respects the clouds are similar. The distributions
of aspect ratios are similar, and the clouds in Run L5nosp

are short-lived. This di�erence in � could reflect that the
spiral potential allows gas to be gathered together indepen-
dently of gravity, whereas without the spiral potential, the
clouds are more often formed bound, undergo gravitational
collapse, and are then dispersed.

The third and fifth panels compare the proper-
ties of clouds in models with di�erent surface den-
sities (L10 and M10, with 8 and 16 M⇤ pc�2 and
⇥ = 10 per cent). The properties of the clouds are
similar. There is a greater di�erence between mod-
els L5 and M5, as in L5 the feedback is su⇤cient to
disrupt the clouds, but not M5. However we do not
compare these two cases, as the M5 model does not
show convergence.

We compute mass spectra for the calculations with dif-
ferent star formation e⌅ciencies in Fig. 20 (Runs L1, L5
and L20). The cloud mass function has a slope of around
dN/dM ⇤ M�1.9±0.1 for the clouds in Runs L5 and L20,
with 5 and 20 per cent e⌅ciencies (and though not shown,
the slope is similar for Run L10 with 10 per cent e⌅ciency).
This is similar to the results we obtained in Dobbs (2008),
and to observations (Heyer et al. 2001). Thus the star for-
mation e⌅ciency does not change the slope, rather the level
of stellar feedback determines the normalisation of the cloud
mass function. For the calculation with 20 per cent e⌅ciency,
there are fewer clouds, and the maximum mass is 7.5� 105

M⇤. Though we do not show it in Fig. 20, the cloud mass
spectrum for Run M10, with a higher surface density, has
a slightly shallower slope (dN/dM ⇤ M�1.65±0.1), which
could be due to the increased importance of self gravity
(Dobbs 2008; Dib et al. 2008). The normalisation is also
naturally higher.

The mass function for Run L1, with ⇥ = 1 per cent is
very di�erent. There is a peak at 5� 106 M⇤, which is not
seen in observations. Again these high mass clouds are grav-
itationally bound, long lived clouds. In Run L1, feedback
is insu⌅cient to disrupt the clouds, therefore they can con-
tinue to increase in size. Their mass is instead only limited
by their age, and the accretion of gas from the surround-
ing medium. In fact any of the simulations where we find
a significant number of clouds which do not follow a con-
stant surface density relation (i.e. L1, eventually L5, and
M5) would exhibit such a bimodal distribution.

7.2 Cloud heights and Orion

Earlier in Fig. 9 we showed the heights of supernovae events
in the disc. We also determined the height of the clouds
found in calculations L5, L10 and L20, at a time of 200
Myr. The maximum heights of the clouds are ⇥ 120, 220
and 300 pc for the calculations with 5, 10 and 20 per cent
e⌅ciency respectively. Orion lies at a height of 200 pc above
the midplane. For the 10 and 20 per cent e⌅ciency calcula-
tions, clouds with heights similar to Orion are relatively easy
to produce. For the 5 per cent calculation, they are much
rarer. Fig. 9 shows that a small number of supernovae have
occured at heights of 200 pc, suggesting we would only find
such a high latitude cloud at particular time intervals.

Figure 20. The mass spectra are shown for the calculations with
� = 1, 5 and 20 per cent (L1, L5 and L20), where there is a spiral
potential. The spectra are calculated at a time of 200 Myr for
Runs A5 and A20, and 125 Myr for Run A1. The slope of the
mass spectra is about dN/dM ⇥ M�1.9±0.1 when � = 5 and 20
per cent, the mass spectrum is merely shifted to lower masses
with the higher star formation e�ciency. The spectra for the 1
per cent e�ciency case (Run L1) exhibits a bimodal distribution
due to a population of long-lived bound clouds.

7.3 Cloud rotation

The angular momenta of the clouds is shown in Fig. 21 for
Run L5. As pointed out in Dobbs (2008), cloud collisions
can be su⌅ciently disruptive to cause GMCs to have a net
rotation in a direction opposite to the rotation of the galaxy.
The distribution is similar to that shown in Dobbs (2008),
with a similar fraction (37 per cent) of retrograde rotating
clouds. The low mass clouds have slightly higher angular
momenta compared to Dobbs (2008).

We show the fraction of retrograde clouds for the dif-
ferent calculations in Fig. 22. Observations of clouds in our
Galaxy, and M33, suggest that ⇥ 40–60 per cent of clouds
exhibit retrograde rotation (Phillips 1999; Rosolowsky et al.
2003; Imara et al. 2011; Imara & Blitz 2011). For the calcu-
lations with ⇥ = 5, 10 and 20 per cent (L5, L10 and L20),
the fraction of retrograde clouds agrees with observations.
For Run L1 (⇥ = 1 per cent) however, there are only ⇥ 13
per cent retrograde clouds, much lower then observations. In
this calculation, much of the gas accumulates into > 106M⇤
clouds which rarely collide and are not substantially dis-
rupted by stellar feedback. Thus there is no mechanism to
cause these clouds to rotate retrogradely. Instead the clouds
continue to accrete gas due to self gravity.

We also show in Fig. 22 the fraction of retrograde clouds
for Runs L5nosp and L10nosp. In both cases the fraction of
retrograde clouds is less than with the spiral potential. This
again points to a scenario where collisions are less important
in the calculations without a spiral potential, and the clouds
mainly form by self gravity.

c� 0000 RAS, MNRAS 000, 1–18
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bimodal 

distribution

ε=1 %

ε=5 %

unbound clouds with feedback, 
bound clouds otherwise
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Properties of clouds

Equilibrium: 150-350 Myr

14 C. L. Dobbs

are bound compared to only 30 per cent with the spiral po-
tential (even when just considering the lower mass clouds).
In other respects the clouds are similar. The distributions
of aspect ratios are similar, and the clouds in Run L5nosp

are short-lived. This di�erence in � could reflect that the
spiral potential allows gas to be gathered together indepen-
dently of gravity, whereas without the spiral potential, the
clouds are more often formed bound, undergo gravitational
collapse, and are then dispersed.

The third and fifth panels compare the proper-
ties of clouds in models with di�erent surface den-
sities (L10 and M10, with 8 and 16 M⇤ pc�2 and
⇥ = 10 per cent). The properties of the clouds are
similar. There is a greater di�erence between mod-
els L5 and M5, as in L5 the feedback is su⇤cient to
disrupt the clouds, but not M5. However we do not
compare these two cases, as the M5 model does not
show convergence.

We compute mass spectra for the calculations with dif-
ferent star formation e⌅ciencies in Fig. 20 (Runs L1, L5
and L20). The cloud mass function has a slope of around
dN/dM ⇤ M�1.9±0.1 for the clouds in Runs L5 and L20,
with 5 and 20 per cent e⌅ciencies (and though not shown,
the slope is similar for Run L10 with 10 per cent e⌅ciency).
This is similar to the results we obtained in Dobbs (2008),
and to observations (Heyer et al. 2001). Thus the star for-
mation e⌅ciency does not change the slope, rather the level
of stellar feedback determines the normalisation of the cloud
mass function. For the calculation with 20 per cent e⌅ciency,
there are fewer clouds, and the maximum mass is 7.5� 105

M⇤. Though we do not show it in Fig. 20, the cloud mass
spectrum for Run M10, with a higher surface density, has
a slightly shallower slope (dN/dM ⇤ M�1.65±0.1), which
could be due to the increased importance of self gravity
(Dobbs 2008; Dib et al. 2008). The normalisation is also
naturally higher.

The mass function for Run L1, with ⇥ = 1 per cent is
very di�erent. There is a peak at 5� 106 M⇤, which is not
seen in observations. Again these high mass clouds are grav-
itationally bound, long lived clouds. In Run L1, feedback
is insu⌅cient to disrupt the clouds, therefore they can con-
tinue to increase in size. Their mass is instead only limited
by their age, and the accretion of gas from the surround-
ing medium. In fact any of the simulations where we find
a significant number of clouds which do not follow a con-
stant surface density relation (i.e. L1, eventually L5, and
M5) would exhibit such a bimodal distribution.

7.2 Cloud heights and Orion

Earlier in Fig. 9 we showed the heights of supernovae events
in the disc. We also determined the height of the clouds
found in calculations L5, L10 and L20, at a time of 200
Myr. The maximum heights of the clouds are ⇥ 120, 220
and 300 pc for the calculations with 5, 10 and 20 per cent
e⌅ciency respectively. Orion lies at a height of 200 pc above
the midplane. For the 10 and 20 per cent e⌅ciency calcula-
tions, clouds with heights similar to Orion are relatively easy
to produce. For the 5 per cent calculation, they are much
rarer. Fig. 9 shows that a small number of supernovae have
occured at heights of 200 pc, suggesting we would only find
such a high latitude cloud at particular time intervals.

Figure 20. The mass spectra are shown for the calculations with
� = 1, 5 and 20 per cent (L1, L5 and L20), where there is a spiral
potential. The spectra are calculated at a time of 200 Myr for
Runs A5 and A20, and 125 Myr for Run A1. The slope of the
mass spectra is about dN/dM ⇥ M�1.9±0.1 when � = 5 and 20
per cent, the mass spectrum is merely shifted to lower masses
with the higher star formation e�ciency. The spectra for the 1
per cent e�ciency case (Run L1) exhibits a bimodal distribution
due to a population of long-lived bound clouds.

7.3 Cloud rotation

The angular momenta of the clouds is shown in Fig. 21 for
Run L5. As pointed out in Dobbs (2008), cloud collisions
can be su⌅ciently disruptive to cause GMCs to have a net
rotation in a direction opposite to the rotation of the galaxy.
The distribution is similar to that shown in Dobbs (2008),
with a similar fraction (37 per cent) of retrograde rotating
clouds. The low mass clouds have slightly higher angular
momenta compared to Dobbs (2008).

We show the fraction of retrograde clouds for the dif-
ferent calculations in Fig. 22. Observations of clouds in our
Galaxy, and M33, suggest that ⇥ 40–60 per cent of clouds
exhibit retrograde rotation (Phillips 1999; Rosolowsky et al.
2003; Imara et al. 2011; Imara & Blitz 2011). For the calcu-
lations with ⇥ = 5, 10 and 20 per cent (L5, L10 and L20),
the fraction of retrograde clouds agrees with observations.
For Run L1 (⇥ = 1 per cent) however, there are only ⇥ 13
per cent retrograde clouds, much lower then observations. In
this calculation, much of the gas accumulates into > 106M⇤
clouds which rarely collide and are not substantially dis-
rupted by stellar feedback. Thus there is no mechanism to
cause these clouds to rotate retrogradely. Instead the clouds
continue to accrete gas due to self gravity.

We also show in Fig. 22 the fraction of retrograde clouds
for Runs L5nosp and L10nosp. In both cases the fraction of
retrograde clouds is less than with the spiral potential. This
again points to a scenario where collisions are less important
in the calculations without a spiral potential, and the clouds
mainly form by self gravity.

c� 0000 RAS, MNRAS 000, 1–18

1% feedback gives 
bimodal 

distribution

1% feedback: few retrograde 
clouds, otherwise just less 
than half retrograde (see 

also poster by Williamson)

ε=1 %

ε=5 %

unbound clouds with feedback, 
bound clouds otherwise
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Star Formation Efficiency of Clouds

• Generally ~1% of mass of 
GMCs turned into stars during 
their lifetime

similar findings by Hopkins et al. 
12

Individual cloud
Total mass of stars formed~5x104M⊙

Mass of cloud ~ 2x106M⊙ 

Efficiency = 2.5%

most star formation occurs 
during time cloud is in the spiral 
arm (and is most massive)
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Total Star Formation Rate

Equilibrium: 150-350 Myr

Results with / without spiral potentialDifferent efficiencies

Background: Kennicutt 2008

The Schmidt Law: On its Universality and Implications 153

Figure 2. Disk-averaged SFR surface-density vs gas-density relation for nor-
mal and starburst galaxies, from a new study in progress. Solid points denote
luminous spiral and irregular galaxies with MB < −17, while fainter dwarf
irregular galaxies are shown as open circles. This corresponds to a transition
in gas-phase metallicity at about 0.2–0.3Z!. The solid line shows a slope
N = 1.4 for reference (not a fit to the data).

thors of these papers often suggest that CO underestimates the true molecular
gas content. However, other explanations are possible. The most intense star-
bursts could be observed at an evolved stage where UV radiation has dissociated
and dispersed much of the gas, or the Schmidt law in these systems could be
much steeper than in normal galaxies. I am hoping that we will be able to
distinguish between these alternatives when all of the data are analyzed, but in
any case we can identify at least one systematic source of scatter in the Schmidt
law, at least when a constant X-factor is assumed.

4. The Spatially Resolved Schmidt Law in Galaxies

One of the limitations of disk-averaged studies of the star formation law is that
many parameters apart from gas density and SFR vary systematically between
galaxies, so isolating underlying physical mechanisms for the observed star for-
mation laws can be problematic. Moreover the disk-integrated measurements av-
erage out enormous local variations in the gas and SFR surface densities within
disks and may well mask important behaviors that are only manifested on a
local scale. Fortunately the rapid advances in multi-wavelength observations of
nearby galaxies now make it possible to study the behavior of the star formation
law on a spatially resolved basis within galaxies, either as a function of radius
(azimuthally averaged) in disks or on a point by point basis.

Until recently the most comprehensive spatially resolved studies of galax-
ies were studies of radially averaged SFR and gas density profiles by Kennicutt
(1989) and Martin & Kennicutt (2001). These were based on Hα measurements,
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Total Star Formation Rate

Equilibrium: 150-350 Myr

No strong dependency on ɛ (i.e. self regulating) or spiral structure

Results with / without spiral potentialDifferent efficiencies

Background: Kennicutt 2008

The Schmidt Law: On its Universality and Implications 153

Figure 2. Disk-averaged SFR surface-density vs gas-density relation for nor-
mal and starburst galaxies, from a new study in progress. Solid points denote
luminous spiral and irregular galaxies with MB < −17, while fainter dwarf
irregular galaxies are shown as open circles. This corresponds to a transition
in gas-phase metallicity at about 0.2–0.3Z!. The solid line shows a slope
N = 1.4 for reference (not a fit to the data).

thors of these papers often suggest that CO underestimates the true molecular
gas content. However, other explanations are possible. The most intense star-
bursts could be observed at an evolved stage where UV radiation has dissociated
and dispersed much of the gas, or the Schmidt law in these systems could be
much steeper than in normal galaxies. I am hoping that we will be able to
distinguish between these alternatives when all of the data are analyzed, but in
any case we can identify at least one systematic source of scatter in the Schmidt
law, at least when a constant X-factor is assumed.

4. The Spatially Resolved Schmidt Law in Galaxies

One of the limitations of disk-averaged studies of the star formation law is that
many parameters apart from gas density and SFR vary systematically between
galaxies, so isolating underlying physical mechanisms for the observed star for-
mation laws can be problematic. Moreover the disk-integrated measurements av-
erage out enormous local variations in the gas and SFR surface densities within
disks and may well mask important behaviors that are only manifested on a
local scale. Fortunately the rapid advances in multi-wavelength observations of
nearby galaxies now make it possible to study the behavior of the star formation
law on a spatially resolved basis within galaxies, either as a function of radius
(azimuthally averaged) in disks or on a point by point basis.

Until recently the most comprehensive spatially resolved studies of galax-
ies were studies of radially averaged SFR and gas density profiles by Kennicutt
(1989) and Martin & Kennicutt (2001). These were based on Hα measurements,
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How does gas flow when clouds form / 
disperse?

• How does an individual cloud evolve?

• How important are cloud-cloud collisions?

• How do clouds disperse - feedback, shear?

• Are there signatures in the gas dynamics of 
what is driving the dynamics?
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Giant Molecular clouds 5
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Figure 3. The evolution of Cloud380 is shown over a period of 40 Myr. All the panels are shown in the rotating frame of the spiral potential. Clouds are
indicated by blocks of colour overplotted on the column density plots. The clouds shown are all those which contain at least 20 original cloud particles of
Cloud380. Cloud380 is shown in the middle panel. The fraction of particles which are original cloud particles of Cloud380 are indicated for some of the
clouds, for clarity fractions are typically only shown for a couple of clouds. The total fraction of the original cloud particles of Cloud380 which are located in
clouds is also indicated on the top left of each panel. The remainder of this gas lies in the ambient ISM. The locus of the region containing the original cloud
particles of Cloud380 is indicated by the dashed white lines for each panel (for the middle panel obviously this locus is simply the region in red).

gas has not yet had time to re-form massive clumps in the spiral
arm (This again reflects our finding the molecular clouds in spiral
arms are not ‘ridge clouds’).

Stellar feedback contributes to the structure of the gas along
the spiral arms, and in the inter-arm regions, although clear holes
relating to multiple supernovae are not easy to see. This is partly
because we choose a moderate star formation efficiency (for exam-
ple in Dobbs et al. 2011a with a star formation efficiency of 20%
we could clearly see large holes). There is substructure due to feed-
back within, and around, the clouds in our simulations but it is on

relatively small scales (e.g. 10-20 pc) and would require zooming
in to the plots in Figure 3 to see clearly. 1

5.1.3 Cloud formation: evolution at times t < T0

Prior to time T0 � 20 Myr less than 15 percent of Cloud380 is in
cloud gas, with the rest in the ambient ISM. In Figure 3 we plot at

1 Note that we have chosen to plot the cloud components as opaque blocks
of colour in order to emphasise particular subsets of cloud particles, but that
this then tends to obscure the detailed structure of the cloud itself.
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Cloud-cloud collisions

Frequency of cloud-cloud collisions ≲10 Myr in spiral galaxy

agrees with theoretical 
prediction:      1         

π r2 nsp v

using cloud number density 
in spiral arms   nsp ~ 30 nav

Consider all >104 M⊙ clouds

Dobbs et al. 2014, in prep.

Determine which clouds contain particles originating 
from at least 2 clouds 1 Myr earlier

But note, may depend on definition (surface density) of cloud

- see also Tasker & Tan 2009
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Cloud disruption: Feedback or shear?
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becomes important

rcloud dF = Ʃcrit G   (rcloud=50pc)
        dr
timescale~A-1

timescale

densities at which shear 
disrupts clouds

shear acts over lifetime of 
cloud, and fairly large scales

feedback likely more 
important for smaller 
clouds, bound clouds, and 
bound clumps shear also low at large R
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Overall gas dynamics

α=λ1+λ2 (divergence)

Spiral armsFeedback dominated

λ1, λ2 eigenvalues of rate of strain tensor 
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flows acting on much faster timescales in feedback 
regime
converging flows in spiral arms apparent in lower 
feedback case

β=λ1-λ2

ε=5 %ε=20 %
uniform expansion

uniform contraction

1D expansion

1D contraction

inflow / outflow
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What about higher resolution?
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of section of 
spiral arm 
with mass per 
particle of 
3.85 M⊙ 

- Select region of gas in global simulation

-Trace back gas by 50Myr

- Split particles
compare with Bonnell et al. 2013, van Loo et al. 2013

global simulation re-simulation
20 Myr220 Myr
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Different feedback at higher resolution4 Dobbs

Figure 3. These panels compare different feedback prescriptions, the left
panel shows the case where ✏ = 0.4 efficiency and the right panel ✏ = 0.1.
The structure in the plane of the disc (top panels) is very similar regardless
of the feedback. The spiral arm appears slightly straighter with lower feed-
back, whilst there is a prominent hole in the high feedback case (at x = 2.4,
y = 1.7) which is absent in the low feedback case. The temperature shows
a bigger difference. The temperature cross sections in the xy plane (middle
panel) indicate many more regions of hot gas in the higher feedback model.
The structure in the vertical plane (lower panels, again showing a cross sec-
tion) is also quite different, with shells in the high feedback case breaking
out of the plane, but remaining more or less closed in the low feedback case.

3.2 Cloud properties

In this section we consider the properties of clouds formed in the
simulations. We use two different surface density thresholds to
identify clouds, ⌃ = 25 M� pc�2 (somewhat lower than observed
molecular clouds) and ⌃ = 50 M� pc�2. We only show results
for ⌃ = 50 M� pc�2, we just comment on any differences when
changing the threshold column density. As noted in Section 2.1, we
apply the surface density criteria in both directions (i.e. in the xy

plane and in the xz plane). This tends to result in most clouds hav-
ing a slightly higher surface density than the threshold. We try two
different grid resolutions to select clouds, of 2.5 and 5 pc. Most
of our results are for 2.5 pc. This compares to 10 pc in Dobbs
& Pringle 2013. Our choice of grid cell size and column density
threshold automatically set the minimum cloud size. For the thresh-
old of ⌃ = 50 M� pc�2 and a cell size of 5 pc, the minimum num-
ber of particles in a cloud is 327, corresponding to a mass of 1260
M�. For the threshold of ⌃ = 50 M� pc�2 and a cell size of 2.5
pc, the minimum number of particles in a cloud is 83, correspond-
ing to a mass of 320 M�, although we only actually include clouds

Figure 4. Comparison of the temperature evolution for the different feed-
back cases. With ✏ = 0.4 (top) the amount of cold gas decreases. whilst
the amount of warm gas increases. Conversely with ✏ = 0.1 (lower) the
amount of cold gas increases, whilst the amount of warm gas decreases.
However for both cases there is not a significant departure from the initial
temperature distributions over the course of the simulation. The jump in the
lower panel represents a more intense period of feedback. The lines in the
top panel are probably less smooth also due to feedback. (Note different
scales.)

with a mass of at least 400 M�, which therefore contain at least 100
particles. Because we are only considering a section of the disc, we
do not find a large number of clouds, typically 150-200 with the
cells size of 2.5 pc, fewer with a cell size of 5 pc. In the following
plots, we show properties of the clouds at a time of 19 Myr.

In Figure 5, we show the radius and masses of the clouds (top
panel). All the clouds in Figure 5 are selected using the column
density threshold of 50 M� pc�2. With a cell size of 5 pc (black
boxes) the clouds show only a small scatter in their column densi-
ties, which is expected since we assume a column density criterion,
and the clouds do not tend to contain much very dense gas. For
the cell size of 2.5 pc, although there is still not that much scatter,
the clouds tend to quite high surface densities at high masses. The
higher feedback scheme also yields slightly lower mass, smaller
clouds compared to the feedback with ✏ = 0.4, in agreement with
Dobbs et al. 2011.

The lower panels show the virial parameter for the clouds. As
found in Dobbs & Pringle 2013, most clouds appear to be unbound
(↵ > 2). There is surprisingly not a strong dependence on the star
formation efficiency. It seems more that the virial parameter of the
clouds reflects the initial conditions of the simulation to a large
extent, similar to the temperature distribution. We checked the dis-
tribution of virial parameters at the beginning of simulation, and
obtain similar results to those in Figure 5, and (as expected) Dobbs
& Pringle 2013. Thus, the large scale dynamics seem to be domi-
nating the properties of the clouds, at least on timescales of a few
10’s Myrs studied here (for the ✏ = 0.4 case, the distribution of ↵
was not significantly different at 35 Myr).

We do see a clear difference in the virial parameters when us-
ing the different cell sizes (or equivalently cloud resolution). With
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Different feedback at higher resolution4 Dobbs

Figure 3. These panels compare different feedback prescriptions, the left
panel shows the case where ✏ = 0.4 efficiency and the right panel ✏ = 0.1.
The structure in the plane of the disc (top panels) is very similar regardless
of the feedback. The spiral arm appears slightly straighter with lower feed-
back, whilst there is a prominent hole in the high feedback case (at x = 2.4,
y = 1.7) which is absent in the low feedback case. The temperature shows
a bigger difference. The temperature cross sections in the xy plane (middle
panel) indicate many more regions of hot gas in the higher feedback model.
The structure in the vertical plane (lower panels, again showing a cross sec-
tion) is also quite different, with shells in the high feedback case breaking
out of the plane, but remaining more or less closed in the low feedback case.

3.2 Cloud properties

In this section we consider the properties of clouds formed in the
simulations. We use two different surface density thresholds to
identify clouds, ⌃ = 25 M� pc�2 (somewhat lower than observed
molecular clouds) and ⌃ = 50 M� pc�2. We only show results
for ⌃ = 50 M� pc�2, we just comment on any differences when
changing the threshold column density. As noted in Section 2.1, we
apply the surface density criteria in both directions (i.e. in the xy

plane and in the xz plane). This tends to result in most clouds hav-
ing a slightly higher surface density than the threshold. We try two
different grid resolutions to select clouds, of 2.5 and 5 pc. Most
of our results are for 2.5 pc. This compares to 10 pc in Dobbs
& Pringle 2013. Our choice of grid cell size and column density
threshold automatically set the minimum cloud size. For the thresh-
old of ⌃ = 50 M� pc�2 and a cell size of 5 pc, the minimum num-
ber of particles in a cloud is 327, corresponding to a mass of 1260
M�. For the threshold of ⌃ = 50 M� pc�2 and a cell size of 2.5
pc, the minimum number of particles in a cloud is 83, correspond-
ing to a mass of 320 M�, although we only actually include clouds

Figure 4. Comparison of the temperature evolution for the different feed-
back cases. With ✏ = 0.4 (top) the amount of cold gas decreases. whilst
the amount of warm gas increases. Conversely with ✏ = 0.1 (lower) the
amount of cold gas increases, whilst the amount of warm gas decreases.
However for both cases there is not a significant departure from the initial
temperature distributions over the course of the simulation. The jump in the
lower panel represents a more intense period of feedback. The lines in the
top panel are probably less smooth also due to feedback. (Note different
scales.)

with a mass of at least 400 M�, which therefore contain at least 100
particles. Because we are only considering a section of the disc, we
do not find a large number of clouds, typically 150-200 with the
cells size of 2.5 pc, fewer with a cell size of 5 pc. In the following
plots, we show properties of the clouds at a time of 19 Myr.

In Figure 5, we show the radius and masses of the clouds (top
panel). All the clouds in Figure 5 are selected using the column
density threshold of 50 M� pc�2. With a cell size of 5 pc (black
boxes) the clouds show only a small scatter in their column densi-
ties, which is expected since we assume a column density criterion,
and the clouds do not tend to contain much very dense gas. For
the cell size of 2.5 pc, although there is still not that much scatter,
the clouds tend to quite high surface densities at high masses. The
higher feedback scheme also yields slightly lower mass, smaller
clouds compared to the feedback with ✏ = 0.4, in agreement with
Dobbs et al. 2011.

The lower panels show the virial parameter for the clouds. As
found in Dobbs & Pringle 2013, most clouds appear to be unbound
(↵ > 2). There is surprisingly not a strong dependence on the star
formation efficiency. It seems more that the virial parameter of the
clouds reflects the initial conditions of the simulation to a large
extent, similar to the temperature distribution. We checked the dis-
tribution of virial parameters at the beginning of simulation, and
obtain similar results to those in Figure 5, and (as expected) Dobbs
& Pringle 2013. Thus, the large scale dynamics seem to be domi-
nating the properties of the clouds, at least on timescales of a few
10’s Myrs studied here (for the ✏ = 0.4 case, the distribution of ↵
was not significantly different at 35 Myr).

We do see a clear difference in the virial parameters when us-
ing the different cell sizes (or equivalently cloud resolution). With
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Cloud properties at higher resolution

virial parameters angular momenta - fraction of 
retrograde clouds =46%

cloud properties (+mass spectrum) very similar to global simulation 
(Dobbs & Pringle 2013)
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Comparisons with HI observations: 
Distribution of ‘holes’

THINGS data: M51
Bagetakos et al. 2011

Simulated m=2 
galaxy in HI (Dobbs 
& Pringle 2013)

Compare holes in 
different simulations 
and observations, 
identified by different 
people, and with 
Bagetakos et al. 2011
Check with KS test
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Distribution of ‘hole’ parameters
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Figure 8. Relative radial number distribution of the H i holes. The x-axis represents the relative galactocentric radius of an H i hole with respect to the largest extent of
the H i disk of the host galaxy, Rmax. The dashed vertical line indicates for each galaxy the corresponding location of R25. The bottom right panel shows the distribution
of all holes combined. Each panel lists the galaxy it refers to; the number in parentheses indicates the total number of holes represented by the histogram. Overall 77%
of the holes are located within R25 and 23% outside.

we do not find a trend of increasing expansion velocity with
increasing size. However, Stanimirović (2007) was able to detect
holes down to 15 pc where this trend is strongest. We should
also like to note that their result is based on just one interacting
system, the LMC/SMC. There are examples in Figure 16 of
individual galaxies which show a similar trend, such as Ho II
and NGC 4736. However, this trend does not dominate across
galaxies. This is also illustrated in Figure 17 where we plot
on a log–log scale expansion velocity versus hole diameter for
all expanding holes across the entire sample of galaxies. In
this figure, the straight lines correspond to lines of constant
age, drawn at (0.5, 1, and 5) × 107 yr. Assuming Chevalier’s

single blast approximation and, for simplicity a constant ambient
density of n◦ = 1.0 cm−3, we can draw curves of constant
required energy. There are two competing mechanisms which
both contribute to the way the points are distributed in Figures 16
and 17. Once an SN has gone off, the ejecta which initially
move at high speeds will slow down as they interact with the
surrounding circumstellar medium and ISM, eventually entering
the snowplough phase which is when we tend to identify them as
H i holes. One would therefore expect larger holes to have lower
expansion velocities. On the other hand, as long as stars from
the parent OB association go off as SNe, energy is continuously
deposited and, if the expanding shell has not yet suffered blow-
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the H i disk of the host galaxy, Rmax. The dashed vertical line indicates for each galaxy the corresponding location of R25. The bottom right panel shows the distribution
of all holes combined. Each panel lists the galaxy it refers to; the number in parentheses indicates the total number of holes represented by the histogram. Overall 77%
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we do not find a trend of increasing expansion velocity with
increasing size. However, Stanimirović (2007) was able to detect
holes down to 15 pc where this trend is strongest. We should
also like to note that their result is based on just one interacting
system, the LMC/SMC. There are examples in Figure 16 of
individual galaxies which show a similar trend, such as Ho II
and NGC 4736. However, this trend does not dominate across
galaxies. This is also illustrated in Figure 17 where we plot
on a log–log scale expansion velocity versus hole diameter for
all expanding holes across the entire sample of galaxies. In
this figure, the straight lines correspond to lines of constant
age, drawn at (0.5, 1, and 5) × 107 yr. Assuming Chevalier’s

single blast approximation and, for simplicity a constant ambient
density of n◦ = 1.0 cm−3, we can draw curves of constant
required energy. There are two competing mechanisms which
both contribute to the way the points are distributed in Figures 16
and 17. Once an SN has gone off, the ejecta which initially
move at high speeds will slow down as they interact with the
surrounding circumstellar medium and ISM, eventually entering
the snowplough phase which is when we tend to identify them as
H i holes. One would therefore expect larger holes to have lower
expansion velocities. On the other hand, as long as stars from
the parent OB association go off as SNe, energy is continuously
deposited and, if the expanding shell has not yet suffered blow-
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Figure 10. Relative number distribution of the axial ratios of the holes. The bottom right panel shows the distribution of all holes combined. Each panel lists the galaxy
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5.3. Comparison of Properties Across the THINGS Sample

As was mentioned earlier, we selected 20 galaxies out of the
34 available. We ensured that we had two galaxies per Hubble
type. Within each Hubble type, we tried to select galaxies which
differed in some property, such as SFR, to explore as wide
a parameter space as possible. If we look at the distribution
of the kinetic age of the holes across the sample, we find a
trend which becomes more obvious if we group the galaxies in
terms of early-type, late-type, and dwarf galaxies as illustrated
in Figure 19. The mean kinetic age shifts toward higher values
when we move from early-type spirals (tkin = 13.9 Myr) to late-
type (tkin = 31.6 Myr) to dwarf galaxies (tkin = 32.5 Myr). This
can be understood as follows. The kinetic age is driven by the

diameter distribution, as the expansion velocities cover a limited
range, as mentioned earlier. Disks of earlier type spirals present
shear and spiral density waves, both mechanisms actively
rearranging the gas within the disks and limiting the time an
H i hole may survive. Dwarf irregulars lack both shear and
spiral arms. In spiral galaxies where shear is strong (NGC 2976,
NGC 3031, NGC 3627, and NGC 4736), the maximum kinetic
age is observed to be 40 Myr in contrast to the dwarf galaxies
where we find holes of up to 140 Myr. Overall the kinetic age
ranges from 10 to 140 Myr, the upper limit reflecting the fact
that holes would blend and possibly be destroyed after one full
rotation of the disk. A second explanation for the observed
trend is the same argument that applies as used when discussing
Figure 10, namely, that the scale heights of the disks in early-type
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34 available. We ensured that we had two galaxies per Hubble
type. Within each Hubble type, we tried to select galaxies which
differed in some property, such as SFR, to explore as wide
a parameter space as possible. If we look at the distribution
of the kinetic age of the holes across the sample, we find a
trend which becomes more obvious if we group the galaxies in
terms of early-type, late-type, and dwarf galaxies as illustrated
in Figure 19. The mean kinetic age shifts toward higher values
when we move from early-type spirals (tkin = 13.9 Myr) to late-
type (tkin = 31.6 Myr) to dwarf galaxies (tkin = 32.5 Myr). This
can be understood as follows. The kinetic age is driven by the

diameter distribution, as the expansion velocities cover a limited
range, as mentioned earlier. Disks of earlier type spirals present
shear and spiral density waves, both mechanisms actively
rearranging the gas within the disks and limiting the time an
H i hole may survive. Dwarf irregulars lack both shear and
spiral arms. In spiral galaxies where shear is strong (NGC 2976,
NGC 3031, NGC 3627, and NGC 4736), the maximum kinetic
age is observed to be 40 Myr in contrast to the dwarf galaxies
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As was mentioned earlier, we selected 20 galaxies out of the
34 available. We ensured that we had two galaxies per Hubble
type. Within each Hubble type, we tried to select galaxies which
differed in some property, such as SFR, to explore as wide
a parameter space as possible. If we look at the distribution
of the kinetic age of the holes across the sample, we find a
trend which becomes more obvious if we group the galaxies in
terms of early-type, late-type, and dwarf galaxies as illustrated
in Figure 19. The mean kinetic age shifts toward higher values
when we move from early-type spirals (tkin = 13.9 Myr) to late-
type (tkin = 31.6 Myr) to dwarf galaxies (tkin = 32.5 Myr). This
can be understood as follows. The kinetic age is driven by the

diameter distribution, as the expansion velocities cover a limited
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shear and spiral density waves, both mechanisms actively
rearranging the gas within the disks and limiting the time an
H i hole may survive. Dwarf irregulars lack both shear and
spiral arms. In spiral galaxies where shear is strong (NGC 2976,
NGC 3031, NGC 3627, and NGC 4736), the maximum kinetic
age is observed to be 40 Myr in contrast to the dwarf galaxies
where we find holes of up to 140 Myr. Overall the kinetic age
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that holes would blend and possibly be destroyed after one full
rotation of the disk. A second explanation for the observed
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As was mentioned earlier, we selected 20 galaxies out of the
34 available. We ensured that we had two galaxies per Hubble
type. Within each Hubble type, we tried to select galaxies which
differed in some property, such as SFR, to explore as wide
a parameter space as possible. If we look at the distribution
of the kinetic age of the holes across the sample, we find a
trend which becomes more obvious if we group the galaxies in
terms of early-type, late-type, and dwarf galaxies as illustrated
in Figure 19. The mean kinetic age shifts toward higher values
when we move from early-type spirals (tkin = 13.9 Myr) to late-
type (tkin = 31.6 Myr) to dwarf galaxies (tkin = 32.5 Myr). This
can be understood as follows. The kinetic age is driven by the

diameter distribution, as the expansion velocities cover a limited
range, as mentioned earlier. Disks of earlier type spirals present
shear and spiral density waves, both mechanisms actively
rearranging the gas within the disks and limiting the time an
H i hole may survive. Dwarf irregulars lack both shear and
spiral arms. In spiral galaxies where shear is strong (NGC 2976,
NGC 3031, NGC 3627, and NGC 4736), the maximum kinetic
age is observed to be 40 Myr in contrast to the dwarf galaxies
where we find holes of up to 140 Myr. Overall the kinetic age
ranges from 10 to 140 Myr, the upper limit reflecting the fact
that holes would blend and possibly be destroyed after one full
rotation of the disk. A second explanation for the observed
trend is the same argument that applies as used when discussing
Figure 10, namely, that the scale heights of the disks in early-type
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differed in some property, such as SFR, to explore as wide
a parameter space as possible. If we look at the distribution
of the kinetic age of the holes across the sample, we find a
trend which becomes more obvious if we group the galaxies in
terms of early-type, late-type, and dwarf galaxies as illustrated
in Figure 19. The mean kinetic age shifts toward higher values
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type (tkin = 31.6 Myr) to dwarf galaxies (tkin = 32.5 Myr). This
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• Observations and simulations find similar distributions of hole radii, age, 
location, aspect ratio (most ~1). Some difference in expansion velocity
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Distribution of ‘holes’

• Some holes in simulations certainly due to feedback, 
smaller holes may not be

• KS test does not reveal difference in distribution of hole 
size in simulations and observations

• Also tested simulated galaxies at different inclinations, and 
resolutions

• KS test finds hole properties unreliable at i) high inclination 
(>60o) and ii) low resolution (≲THINGS data)
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Synthetic CO maps
H2 added according to Bergin et al. 2004:

∂n(H2)= RgnHI nH2T0.5 - (Çc+Çphot(nH2))nH2

CO added according to Nelson & Langer 
1997:

∂t Dobbs et al. 2006

Pettitt et al., 2014, submitted 
Duarte-Cabral et al. 2014, in prep.

∂n(CO)= k0 nH2 n(C+)β - ÇCO(n....) n(CO)
∂t

Apply radiative transfer code (TORUS, Harries 2003) to generate synthetic 
maps
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CO added according to Nelson & Langer 
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Comparison with observations 
(FUSE)

CO emission, molecular hydrogen and Hi self-absorption 5
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(c) HSD-RFB
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(d) HSD-WFB

Figure 4. Distribution of the CO column density against the H2 column density from observations (coloured circles) and from the galaxy
models (contours and colour scale).

tor termed the ’X-factor’. The XCO factor is the conversion
factor between CO brightness and the H2 column densities.
It is, therefore, defined as: XCO = n(H2)/ICO, where ICO

is the CO integrated intensities. This factor has been esti-
mated to be relatively constant in molecular clouds of our
Galaxy (with XCO ⇠ 1.8 ± 0.3 ⇥ 1020 cm�2 Kkms�1, e.g.
Dame et al. 2001), and is therefore often used to directly
convert from CO intensities to gas column densities.

We have investigated the XCO factor we recover in our
galaxy models, as a test to whether we are able to form
CO within the molecular gas similarly to what we observe,
and also to investigate whether the XCO factor changes with
density regime. We note, that both observations and simula-
tions are sensitive to the same density regimes (not reaching
densities higher than ⇠ 104 g cm3 (Is this right??) on ei-
ther, due to the resolutions).

Figure 5 shows the distribution of n(H2) column den-
sities against CO integrated intensities. The colour scale
and contours show the number density of pixels falling
in each ICO � n(H2) bin. From this plot, we have es-
timated the di↵erent XCO factors, using only the pixels
where ICO lied above 3� of the noise (� ⇠ 1Kkm s�1).

For the observations, we obtained a XCO ⇠ 1.2 ⇥
1020 cm�2 Kkms�1, not too inconsistent with the observed
value quoted in the literature. For the galaxy models, we
obtained XCO ⇠ 1.9 ⇥ 1020 cm�2 Kkms�1 for LSD-RFB;
XCO ⇠ 1.3 ⇥ 1020 cm�2 Kkms�1 for LSD-SSS; XCO ⇠
1.6 ⇥ 1020 cm�2 Kkms�1 for HSD-RFB; and XCO ⇠ 2.9 ⇥
1020 cm�2 Kkms�1 for HSD-WFB.

Figure 6 shows the distribution of n(H2) column den-
sities against the XCO estimated for each pixel, so as to
investigate possible variations of the XCO with n(H2). We
can see that for all the points above the noise level, the dis-
tributions are mostly vertical, meaning that XCO does seem
to be independent of the column densities, at least within
the density regimes probed by this study. The distributions
are di↵erent for the four galaxy models, and it is clear that
the HSD-WFB is the one most o↵set from the observations,
showing not only higher column densities, but also higher
corresponding XCO. For the simulations with feedback, de-
spite small variations, the XCO is quite consistent with the
observed one, within the uncertainties (considering the scat-
ter of the XCO distributions). (Need to calculate the �
of the XCO distribution.)
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Synthetic CO maps (2nd quadrant)
CO emission, molecular hydrogen and Hi self-absorption 3

Figure 2. Comparison of the observed Hi (left column) and CO (right column) integrated intensity from the second quadrant of the
Galaxy (top row) and the galactic models (on rows bellow). Need to re-label the panels, and use the cubes with noise and

beam-convolved. These are the LTE maps, I think. Need to do the same for the non-LTE: will change the intensities.

3 RESULTS: COMPARISON WITH
OBSERVATIONS

3.1 Spatial distribution

Figures 1 to 2 show the spatial distribution of the gas in
the second galactic quadrant, for the four galaxy models
we selected, compared to the observed distribution of the
second quadrant of the Milky Way. The top panels show the
observations, and each row corresponds to a di↵erent galaxy
model: LSD-RFB (second row), LSD-SSS (third row), HSD-
RFB (fourth row), and HSD-WFB (bottom row).

Figures 1 shows the distribution of molecular gas col-
umn densities. The observations show widespread filamen-
tary structures, that we do not recover in the simulations,
likely due to the resolution of the SPH particles. Because low
density material is represented by few (large) particles, we
cannot resolve any low-density structures smaller than the
smoothing length of such particles. The range of recovered
column densities of the LSD runs is similar to the observed
one, but the spatial distribution (in latitude-longitude) is
relatively sparse for the LSD runs with respect to the ob-
served. While the HSD runs typically reach higher H2 col-
umn density values than observed, the HSD-RFB model
shows a rather nice spatial distribution. HSD-WFB on the
other hand, due to the little feedback, has all the material
collapsed onto the galactic plane, and is not a good match
either in column density range nor in morphology.

Figure 2 shows the spatial distribution of Hi and CO.
From this comparison, we can see that the model with little
feedback fails to reproduce the latitude extent of the galac-
tic Hi and CO emission. On the other hand, the three runs
with feedback do a decent job at reproducing the spatial dis-

tribution of Hi and CO. There are numerous dense clouds of
atomic hydrogen, in addition to other small scale ISM struc-
tures, and it is these dense clouds where we expect atomic
hydrogen to be converted to the molecular phase. There is
more structure apparent in the LSD-RFB model, compared
to that of Acreman et al. (2012), due to the increase in res-
olution of the SPH model (8 million particles rather than
1 million particles), and the changed observer position so
as to catch not only the Perseus Arm, but also a fainter
Outer Arm. However, similarly to the H2 column densities
(Fig. 1), the CO emission appears to be less structured and
more compact in the models than in observations. This is
a resolution issue, and is therefore less important for the
Hi, because Hi is more abundant, and hence, represented by
more particles. This needs rephrasing...

3.2 Velocity structure

Figure 3 shows the Hi and CO intensities on a longitude-
velocity space (integrated over the latitude range). The top
panels show the observations of second quadrant of the
Milky Way, and we can identify, specially in Hi, three dis-
tinguished velocity structures, which correspond to the Lo-
cal Arm (at ⇠0 km.s�1 velocities), the Perseus Arm (start-
ing at ⇠ �50 km.s), and the fainter Outer Arm (reaching
⇠ �100 km.s). The CO observations show emission in the
same longitude-velocity space, except for the Outer Arm,
whose emission is too faint to be clearly detected.

The two LSD galaxy models that we present, are able
to trace the same features, and the correlation is quite re-
markable in terms of both distribution and intensities of Hi.
For the CO, both detect the equivalent of the Perseus Arm
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tures, and it is these dense clouds where we expect atomic
hydrogen to be converted to the molecular phase. There is
more structure apparent in the LSD-RFB model, compared
to that of Acreman et al. (2012), due to the increase in res-
olution of the SPH model (8 million particles rather than
1 million particles), and the changed observer position so
as to catch not only the Perseus Arm, but also a fainter
Outer Arm. However, similarly to the H2 column densities
(Fig. 1), the CO emission appears to be less structured and
more compact in the models than in observations. This is
a resolution issue, and is therefore less important for the
Hi, because Hi is more abundant, and hence, represented by
more particles. This needs rephrasing...

3.2 Velocity structure

Figure 3 shows the Hi and CO intensities on a longitude-
velocity space (integrated over the latitude range). The top
panels show the observations of second quadrant of the
Milky Way, and we can identify, specially in Hi, three dis-
tinguished velocity structures, which correspond to the Lo-
cal Arm (at ⇠0 km.s�1 velocities), the Perseus Arm (start-
ing at ⇠ �50 km.s), and the fainter Outer Arm (reaching
⇠ �100 km.s). The CO observations show emission in the
same longitude-velocity space, except for the Outer Arm,
whose emission is too faint to be clearly detected.

The two LSD galaxy models that we present, are able
to trace the same features, and the correlation is quite re-
markable in terms of both distribution and intensities of Hi.
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Figure 5. Distribution of the CO intensities against the H2 column density from the observations (in colour scale) and the four models
(contours). The red dashed lines show the median XCO factor from the observations (the same in all panels). The black dashed lines
correspond to the median XCO for each model. The shadowed areas show the regions which are bellow 3� noise level on the CO intensities
(� ⇠ 1Kkm s�1), and are not considered for estimating the XCO factor.
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Figure 6. Distribution of the XCO factor against the H2 column density from the observations (in colour scale) and the four models
(contours). The red dashed line shows the XCO factor estimated from the observations (the same in all panels). The black dashed line
shows the XCO as estimated for each model. The shadowed areas show the regions which are bellow 3� noise level on the CO intensities,
and are not considered for estimating the XCO factor.

[Say something, somewhere, about the column
densities reaching lower values on the LSD runs than
on observations. Also, mention that there is no real
significant di↵erence on the two di↵erent feedback
recipes on the LSD runs, on the amount of CO or
molecular gas formed. Very little di↵erence.]

[Also, check if what Dave wrote before still ap-
plies (Xco increasing towards centre of clouds?).
Wouldn’t think so, as it doesn’t seem to increase
for higher column densities (see Fig. 6). Need to do
a spatial plot of XCO with H2, to check. Here’s what
Dave had:

XCO values are typically between 0.5–
5 ⇥ 1020cm2K�1km�1s, consistent with the best fit
value of Dame et al. (2001) but with a larger spread. We
find that the X-factor decreases towards the centre of the
clouds, consistent with an increasing CO to H2 ratio as
expected if CO is surrounded by an H2 envelope. As the
observationally determined value of Dame et al. (2001)
was averaged over latitude we would expect the variations
we see within an individual cloud to be averaged out; this
accounts for the smaller spread in the Dame best fit value
compared to the values seen in Fig. ??. ]

4.2 The relationship between HISA, CO and H2

HISA is the self-absorption of warm HI gas in the back-
ground, by colder atomic Hydrogen in the line of sight.
Therefore, HISA is expected to be correlated with the ex-
istence of cold molecular gas (H2 and CO). However, this
correlation has proven to be observationally hard to catch as
the existence of HISA is not only a function of the amount of
cold atomic gas, but also the existence of warm background
HI to be absorbed. Furthermore, observations have shown
the existence of both HISA clouds with little molecular gas,
as well as molecular clouds without HISA.

We have investigated the statistical spatial relationship
between HISA, CO and n(H2), from our models, to under-
stand it they behave similarly to the respective observations
of our Galaxy, and also, to understand if we can unravel
any particular correlations. Figure 7 shows the scatter plot
of the absolute value of the HISA integrated intensities,
against the corresponding H2 column densities, colour-coded
with the CO integrated intensities. (Still don’t have the
HISA observed map to do the same with the obser-
vations...)

From Fig. 7 we see that there is a tentative correlation
between IHISA and the N(H2), even though the dispersion
is quite important. The CO intensities, however, seem to be
completely uncorrelated with the amount HISA, and they
depend solely on the amount of H2. CO starts appearing at
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Distribution of H2 column density 
versus CO intensity

median XCO=1.9x1020cm-2K km s-1 

very close to observations

but some scatter in models 
XCO=1-3 cm-2K km s-1, more than 
observations
(see also Smith et al. 2014, Shetty et 
al. 2011)
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Conclusions

• From global simulations, 3 outcomes:

- no / too little feedback: population of strongly bound, 
infinitely long-lived spherical clouds

- moderate feedback: clouds and ISM exhibit 
characteristics comparable to those observed

- too much feedback: spiral structure disrupted

• Feedback and shear important for cloud dispersal

• Zoom in simulations seem to confirm results of global 
simulations

• Starting to characterise ISM with CO and HI maps
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